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Capitulo 1

Abstract

The present work focuses on determining and understanding the physical and statistical
properties of interstellar clouds, primarily employing numerical simulations of the turbulent
ISM by Vazquez-Semadeni, Passot, & Pouquet (1995a, 1996); Passot, Vazquez-Semadeni
y Pouquet (1995), and comparing the properties of the clouds arising in those simulations
with observational data. The most important results are:

1.

The clouds in the numerical simulations have comparable kinetic, magnetic and gra-
vitational energies (Ballesteros-Paredes & Vazquez-Semadeni 1995) in spite of not
being in equilibrium. Thus, energy equipartition does not necessarily imply virial
equilibrium.

The clouds in the nmnerical simulations are not “virialized™ (i.e.. are not in virial
equilibriumn) (Ballesteros-Paredes & Vazquez-Semadeni 1997). but have in general
non-zero values of the sceound time-derivative of their moment of inertin, In the
sinnlations, the clouds are dynamical entities. changing their shapes end exchanging
tnass, energy and momentum with their surrounding medium.

The clouds in the numerical simulations reprodnce the veloeity dispersion-size rela-
tionship observed in real clouds (Larson 1981), but do not follow the mean deusity-size
relationship. This result supports the suggestion that the former relationship may
originate directly as a consequence of the energy spectrum of the turbulence, while
the observational dewsity-size relationship inay be an artifact of sensitivity limita-
tions of observational surveys (Vazquez-Semadeni. Ballesteros-Paredes & Rodriguez
1997).

The elowds in the nunerical simulations also seewn to reproduce the mass spectrmi
of the couds (Vazquez-Semadeni, Ballesteros-Paredes & Rodriguez 1997).

Both super-Alfvenic and sub-Alfvénic velocities are found in the clouds in the pume-
rical simulations {Ballesteros-Paredes. Vazguez-Semadeni & Scalo 1999). contrary to
the standard assumption that motions within molecular clouds are sub-Alfvénic,
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10.

. The clouds in the simulations do not have sharp boundaries. Instead, the density

field is continuous and the velocity field does not show shocks at the edges of the
clouds (Ballesteros-Paredes, Vdzquez-Semadeni & Scalo 1999).

The clouds in the simulations are turbulent density fluctuations, i.e., the density
peaks are due to the advection of mass produced by the velocity field (Ballesteros-
Paredes, Vazquez-Semadeni & Scalo 1999). It is also suggested that the apparently
sharp boundaries of the interstellar clouds are due to a phase transition between the
atomic and molecular regimes, as has been suggested by other authors (e.g., Blitz
1991).

. It is also predicted that the magnetic field must have reversals within clouds as a

consequence of the advection of the magnetic field (Ballesteros-Paredes, Vazquez-
Semadeni & Scalo 1999).

. For an effectively polytropic gas, gravitational collapse triggered by the external

turbulence cannot be stopped unless the effective polytropic index v changes during
the process. This may not occur until proto-stellar densities are reached (Ballesteros-
Paredes, Vazquez-Semadeni & Scalo 1999}.

Cloud formation by larger-scale stream collisions may cause simultaneous compres-
sion along elongated regions, which, based only on their internal velocity dispersion,
might appear to be cansally disconnected. This process has been invoked as a possi-
ble solution of the so-called Post-T-Tauri problem in Ballesteros-Paredes, Hartmann
& Vazquez-Semadeni (1999).

5



Capitulo 2

Resumen

El presente trabajo se ha enfocado a determinar y entender las propiedades fisicas y esta-
disticas de las nubes interestelares, empleando fundamentalmente simulaciones numéricas
del Medio Interestelar (ISM) utilizando el ¢édigo de Vazquez-Semadeni, Passot & Pouquet
(1995a, 1996); Passot, Vazquez-Semadeni y Pouquet (1995), y comparando las propiedades
de las nubes de las simulaciones con datos observacionales. Los resultados mas importantes

pueden reswmirse asi;

Las nubes en las simulaciones nuinéricas tienen energia cinética, magnética y gravi-
tacional similares {Ballesteros-Paredes & Vazquez-Semadeni 1995), aunque no estén
en equilibrio. Entonces, la equiparticion de la energia no necesariamente implica

equilibrio virial,

Las nubes en las simulaciones muuéricas no esan “virializadas™ (es decir, no estdn en
equilibrio virial) {Ballesteros-Paredes & Vazquez-Semadeni 1997). Por el contrario,
tienen valores no nulos de Ia segunda derivada del momento de inercia. En las sin-
laciones, las nubes son entidades dindmicas, cambiando su forma e intercambiando
wasa. energla y momento con el medio que las rodea.

Las nubes en las simulaciones munéricas reproducen la relacion dispersidn de veloci-
dades-tamano observada para nubes reales (Larson 1981), pero no sigien la relacién
densidad media-tamagfo. Este resnltado confirma la sugerencia de que la primera
relacion puede ser consecuencia del espectro de energlas de la turbulencia, mientras
que la relacion observacional deusidad media-tamano puede ser una consecuencia
de las limitaciones en sensitividad de los censos observacionales (Vazquez-Sewadent,
Ballesteros-Pavedes & Rodeigucz 1997).

Las nubes en las simulaciones numericas reproducen el espectro de masas de las nubes

observadas (Vizquez-Scinadeni. Ballesteros-Paredes & Rodriguez 1997).

Las nubes en las sinndaciones numéricas presentan tanto velocidades super- comeo
sub-alfvénicas (Ballesteros-Paredes. Vazquez-Scuiadeni & Scalo 1999}, contrario a
[a suposicion estandar de que los mwoviisicntos dentro de las nubes moleculares son

sub-alfvénicos.
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.6. Las nubes en las simulaciones no presentan fronteras abruptas. Por el contrario, el
campo de densidad es continuo y el campo de velocidad no presenta choques en las
orillas de las nubes (Ballesteros-Paredes, VAzquez-Semadeni & Scalo 1999).

7. Las nubes en las simulaciones son fluctuaciones del campo turbulento de densidad, es
decir, son producto de la adveccién de masa por el campo de velocidad (Ballesteros-
Paredes, Vazquez-Semadeni & Scalo 1999}. Se sugiere también que, observacional-
mente, las fronteras abruptas de las nubes interestelares se deben a una transicién
de fase entre los regimenes atémico y molecular, como ha sido sugerido previamente
por otros autores (Blitz 1991). Se predice también que el campo magnético debe pre-
sentar inversiones (reversals) dentro de las nubes, como consecuencia de la advecciéon
del campo magnético por el campo de velocidades.

8. Para un gas efectivamente politrépico, el colapso gravitacional desatado por la tur-
bulencia externa no puede ser detenido a menos que el indice politropico ~veg cambie
durante el proceso. Sin embargo, esto no ocurre hasta que no se alcanzan densidades
protoestelares (Ballesteros-Paredes, Vazquez-Semadeni & Scalo 1999).

9. La formacion de nubes mediante colisiones puede causar compresion simultinea a
lo largo de regiones elongadas, las cuales, basindonos dnicamente en su dispersion
de velocidades interna, pueden aparecer causalmente desconectadas. Este proceso
ha sido invocado como una posible solucién al denominado problema Post-T Tauri
(Ballesteros-Paredes, Hartmann & Vazquez-Semadeni 1999).
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Capitulo 3

Introducciéon

La presente tesis es un estudio de las propiedades fisicas y estadisticas de las nubes en
el medio interestelar (MI o ISM, por sus siglas en inglés), de manera que es conveniente
hacer un breve resumen de sus caracteristicas observacionales, de las propiedades inferidas
a partir de las observaciones, de los mecanismos de inyeccién y disipacion de energia, asi
como de los modelos propuestos para explicar la estructura y el comportamiento del MIL

3.1 Propiedades del Medio Interestelar

La informacion que tenemos acerca del MI se basa principalutente en la absorein. enrision
o dispersion de radiaciém por dtomos, woléculas v o granos de polvo. A través de ecsta
informacion se detecta al gas en o] medio interestelar en alguna de las signientes formas:
gas lonizado “caliente™ (T 210° K). gas ionizado “tibio” (7' ~ 8§x10°% K). gas neutro “tibio”
(T ~ 6x103 K), gas neutro frio (T ~ 10? K) y nnbes moleculares (T ~10 K). aunque cn
realidad es probable que exista un continuo de densidades y temperaturas.

La existencia de gas con temperaturas de > 10° K y densidades < 0.01cm™ fue predi-
cha por Spitzer (1956) v ha sido confirmada alrededor de remanentes de supernovas. Ha,
sido propuesto que esta componente domina en volumen al medio interestelar (Mckee &
Ostriker 1977). aunque este hecho ha sido enestionado recientemente por Cox (1993) y
por Slavin y Cox (1993, ver §3.2). Por su parte, las regiones fotoionizadas se cnenentran
frecuentemente en las vecindades de las estrellas OB (reglones H II), v en ias vecindades
de estrellas viejas (nebulosas plauctarias) donde la intensidad de la radiacion ultravioleta,
capaz de lonizar el hidrogeno. es importante.  Adicionalmente. lejos de las estrellas O y
B. existe una radiacion difnsa wltravioleta capaz de jonizar al medio menos denso. Lag
densidades de este medio son del orden de 0.03 cin™2, y las temperaturas determinadas a
partir de cocientes de lineas varian entre 7.000 y 10.000 K. A esta compounente se le conoce
cowo ¢l medio onizado tibio.

Por su parte, el medio neutro tibio. con temperaturas de T ~ 6,000 K. y densidades
alrededor de 0.1 e ™, ha sido detectado mediante lineas de absorcion ultravioleta y de
H 1 (ver por ¢j.. Spitzer 1978 y referencias ahf citadas).

El gas neutro frio. por su parte. ha sido detectado principalmente mediante la radiacion

-1




Parte 1 Conceptos Introductorios §3.1 Propiedades del M1

de 21 centimetros de los dtomos de hidrégenc. Como se ve en la Tabla 3.1, la densidad
caracteristica para este gas es de 1 cn™3 en la vecindad solar, y la escala de altura del
disco galictico en H 1 es de aproximadamente 250 pc (Spitzer 1978). Las temperaturas
caracteristicas oscilan alrededor de 80 K.

Finalmente, las nubes moleculares poseen densidades altas (> 10?2 cm™3) y temperatu-
ras bajas (~ 10 K). Se observan principalmente a través del 12CO, ya que la molécula mas
abundante, la de H,, tiene momento dipolar nulo, lo que dificulta mucho su deteccién en
aquellas regiones que no son calentadas por choques o por radiacién UV, que harian que
el Hy emita en transiciones vibrarotacionales. Por su parte, las regiones mas densas de
las nubes moleculares (nticleos o cores) se detectan en NHj, CS e is6topos de CO menos
abundantes, como el BCO y el C¥¥0. El principal mecanismo de calentamiento de esta
componente son los rayos ¢dsmicos, capaces de penetrar las altas extinciones que hay hacia
el interior de las nubes moleculares. En general, se considera que estas regiones tienen tem-
peratura aproximadamente constante, aunque existe evidencia de que en la vecindad de
regiones de formacién estelar hay importantes desviaciones producidas por el calentamiento
de las estrellas (Torrelles et al. 1983, Solomon et al. 1985, Alves et al. 1999).

Propiedades generales del MI

Componente (nem™3] (T} [K] (P[k)[din cm~?] Tamaio tipico

Gas Coronal ~ 0.01 >10° ~10% ?

Regiones HII >1 8000 > 7 x 10° ~ 1 pc

Medio Internube Ionizado ~ 0.1 8600 ~ 103 > decenas pc

Nubes Difusas Neutras (H 1) 1-20 80 ~ 103 varias decenas de pc

Nubes Moleculares Gigantes 10 - 102 10-50  ~ 10°10% ecenas depe
— — Nubes Moleculares 10°-104  10-50 ~ 10751074 1-20 pe

Nicleos Densos 10 - 10° 10 <1 pc

TABLA 3.1: Detalles sobre el origen de estag propiedades pucde verse en Spitser 1978; Blitz 1994; Plume et al.

1997; y referencias ahi citadas.

Adicicnalmente, el medio iuierestelar estd permeado por el campo magnético y por
rayos cosmicos. Los valores del campo magnético oscilan desde unos cuantos pGauss hasta
vartos mG, y ademés de ejercer un efecto dindmico a través de la fuerza de Lorenz, permite
la alineacion de granos de polvo interestelar, lo cual da lugar a la polarizacion de la luz.
Los rayos cOsmicos, por su parte, son particulas energéticas, principalmente protones a
velocidades relativistas que parecen permear de manera uniforme el medio interestelar.

Usando la medida de emision EM = fo‘r‘ n2dl, junto con la medida de dispersion,
DM = fOL ned! y la medida de rotacidon, RM « f neBHdl, ha sido posible encontrar que el
medio interestelar presenta importantes fluctuaciones tanto en la densidad electronica co-
mo en el campo magnético del medio ionizado (Tufte et al. 1999; Cordes 1999 y referencias
ahi citadas). Por otra parte, mediciones de los anchos de las lineas Ha y H I han mostrado
que los movimientos en el medio interestelar son supersénicos en general. McCray & Snow
'(1979), resumen una serie de trabajos observacionales en todas las frecuencias, mostrando
que el medio interestelar es altamente dindmico, con componentes que presentan velocida-
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des que van desde varios cientos o miles de km s *

o supernovas, hasta el H [ que si bien presenta una dispersion de velocidades caracteristica

en regiones cercanas a estrellas masivas

de ~ 8 km s, posee también componentes con velocidades de varias decenas de km s,
evidenciando la presencia de procesos altamente energéticos y de choques intensos.

3.2 Modelos del Medio Interestelar

Una de las hipotesis subyacentes en los primeros modelos del MI queda plasmada en la frase
de Spitzer (1978, §11.3) “las ecuaciones de la hidrodindmica tienden hacia el equilibrio de
presion” {térmica). Un importante modelo del medio interestelar fue presentado por Field,
(Goldsmith y Habing (1969), y es conocido como el “modelo de dos fases”. Este se basaba en
el cileulo detallado del calentamiento del MI mediante rayos c6smicos de baja energia. Field
et al. (1969) encontraron la existencia de dos fases en equilibrio de presién. Una “caliente”,
al ~ 10,000 K, y una “fria” (7' < 300 K). Adicionalmente, predijeron la existencia de una
tercer fase, con temperaturas de T ~ 5000 K, térmicamente inestable, gque no puede existir
por mas de ~10% afios. En su modelo, Field et al. (1969) encontraron que la fase fria
debia contener aproximadamente el 75% de la masa del gas, y estar distribuida alrededor
del plano central del disco, ocupando pequefias fracciones del volumen total. Sin embargo,
el modelo de Field et al. (1969) tenia problemas para predecir algunas lineas de absorcion
en el ultravioleta (McCray & Snow 1979), y tampoco predecia la existencia de una fase
mucho mas caliente, cou temperaturas del orden de 10° K (McKee & Ostriker 1977).

Cox y Swmith (1974} cousideraron la enision de rayos X suaves en el plano galdctico.
y propusicron que ¢l MI consiste en una seric de agujeros y taneles interconectando estos
agujeros. como producto de la explosion de supernovas. Estos espacios deberfan tener
temperaturas de > 10° K. y seria ahi donde se produciria la absorcion de O VI observada.
Sin embargo, Shapiro & Field {1976) mostraron ¢ue esta interpretacion requeria una presion
interestelar poco realista. y propusieron que la absorcion de O VI debia provenir solamente
de las paredes de dichos titneles.

Posteriormente, McKee & Ostriker (1977) plantearon que el modelo de dos fases no
podia ser mantenido dada la tasa observada de supernovas en el M1 Ellos postularon un
medio dominado por explosiones de supernovas. encontrando que ¢ste desarrolla tres fases
en equilibrio de presion: La fase caliente o coronal. con temperaturas > 10% K y densidades
de 1072 e ¥, ocupa la mayor parte del volunen {T0%  80%), y es moderadamente
inhomogénea: ¢l medio tibio, con temperaturas del orden de los 8.000 K. v que contiene a
su vez dos regiienes: el neutro y el ionizado. ocupa aproximadamente el 20% del volnien

3. temperaturas de

total, Finalmente. el medie frio. denso. con densidades de T 10 e
80 K y factores de Henado de unos cuantos por cientus. Evidencia al respecto fueron lay
nhservaciones de O VI en el ultravioleta. y chservaciones de emisién en rayos X, indicando
la existencia de la fase coronal, Adiclonalmente, Mckee & Ostriker (1977) plantean un ciclo
estacionario de flujo de masa entre las fases, donde las nubes se evaporan por la radiacién,
y ¢l gas coronal, a su vez. se conddensa gracias a la accion de barrido de la onda de choque
de las supernovas.

Recientemente el modelo de las tres fases ha recibido serios cuestionamientos, Ob-
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servaciones en UV recientes han revelado la presencia de gradientes de presion (térmica)
importantes en el medio interestelar local {(Bowyer et al. 1995; Cox 1995}, y simulaciones
numéricas han estudiado la evolucién de burbujas remanentes de supernova en simula-
ciones numéricas, encontrando que la fase de gas caliente a temperaturas de 10° K no
necesariamente tiene factores de llenado grandes (Slavin & Cox 1993), como plantearon
originalmente McKee y Ostriker (1977).

Por su parte, desde hace ya medio siglo se ha sugerido que el M1 es altamente turbulento
{e.g., von Weizsacker 1951), y que posee estructuras complejas que no deben modelarse
como esferoides discretos en equilibrio hidrostatico (Chandrasekhar & Miinch 1952; Nakano
1998, Ballesteros-Paredes et al. 1999a). Por “turbulencia” entendemos el estado de un
flujo caracterizado por grandes fluctuaciones desordenadas en la velocidad, frecuentemente
estructuradas de manera anidada o jerarquica. Existen actualmente varias evidencias de
que el MI puede considerarse turbulento, como sefiala Scalo {1987): i) la fuerte no-linealidad
de las ecuaciones de la magnetohidrodindmica con las que representamos el ISM; ii) el
acoplamiento no-lineal de los procesos fisicos relevantes; iii) la existencia de fluctuaciones
de densidad, velocidad, y presion, cubriendo un amplio intervalo de escalas; iv) la estructura
jerarquica de las nubes {Scalo 1985), v} la existencia de relaciones de escala con forma de
leyes de potencia, por ejemplo, entre la dispersion de velocidades y el tamafo, en un rango
de escalas de varios ordenes de magnitud (Larson 1981, Torrelles et al. 1983; Myers 1983,
Dame et al. 1986, Scalo 1990, Falgarone et al. 1991); vi) la existencia de movimientos
supersénicos en el MI (McCray & Snow 1979; Larson 1981, Blitz 1993); vii) el ancho
no-térmico de los perfiles de linea observados en las nubes interestelares, explicados en
términos de turbulencia a pequena escala por Zukerman & Evans (1974); viii) La existencia
de nubes con evidencia de vorticidad_(ver, por ejemplo, Arquilla-&-Goldsmith-1985; Mivilles
Deschéne et al. 1998); ix) el espectro de masas en ley de potencia para las nubes moleculares
(Larson 1981, Dame et al. 1986, Williams et al. 1995) x) la existencia de mecanismos de
alimentacién de energia en todas las escalas (Scalo 1987; Norman & Ferrara 1996); xi)
la apariencia fractal de las nubes interestelares (Scalo 1990; Falgarone et al. 1991, entre
otros).

Adicionalmente, existe un pardmetrc adimensional, Hamado el Numero de Reynolds

= — (3.1)

(donde v es la viscosidad cinemética, en unidades de cm™? seg™!, y u es la velocidad
caracteristica de la escala {), el cual mide el cociente entre log términos advectivo y viscoso
en la ecuacion de momento (4.7), cuantificando qué tan turbulento es un flujo dado. Esta
transicion se da cuando R excede cierto valor critico. En fluidos terrestres, la turbulencia
(incompresible) se da para nimeros de Reynolds del orden de algunas veces 10%. Sin
embargo, en el medio interestelar, Scalo (1987) estima

R ~3x10 (km 3_1) (pc) (103cm‘3) (3.2)

mientras que Combes (1999) da valores de ~ 10°. De cualquier manera, es claro que, para
valores tipicos del MI, los nimeros de Reynolds son varios érdenes de magnitud mayores
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que los correspondientes a los nimeros de Reynolds de fluidos terrestres, y por ende, es de
esperar que el medio interestelar sea turbulento.

Como se ha mencionado previamente, el M1 es altamente compresible: presenta grandes
fluctuaciones de densidad a todas las escalas, y los niimeros de Mach correspondientes a
las fluctuaciones de velocidad son supersonicas (Scalo 1987). Inciuso, recientes trabajos
tedricos proponen que dichas fluctuaciones son incluso superalfvénicas (Ballesteros-Paredes
et al. 1999a; Padoan & Nordlund 1999). Entonces, es de esperar que ocurran ondas de
choque en todas las escalas (por ejemplo, jets y vientos estelares, expansion de regiones
H I, explosiones de supernovas, ondas de densidad espiral, etc.).

Mientras que en la teoria de Kolmogorov (1941) para turbulencia incompresible se
supone que la energfa es inyectada en las escalas grandes y de ahf se transfiere a escalas
mas pequenas mediante una cascada de energia para ser disipada, en el MI la energia
es probablemente inyectada a todas las escalas (ver, e.g., Scalo 1987, Norman & Ferrara
1996). Por ejemplo, la rotacién diferencial Galactica, las superburbujas y la onda de
densidad espiral pueden inyectar energia al MI en escalas del orden de 1 kpc (Fleck 1981),
aunque se cree que la primera es una fuente muy ineficiente (Shu et al. 1987); otras fuentes
operan a escalas intermedias (del orden de 100 pc), tales como regiones H 11 en expansién
y explosiones de supernova; y otras mas a pequefia escala (de entre unas pocas décimas
de parsec, hasta unos cuantos parsecs), como vientos estelares y flujos bipolares. Estos
mecanismos son fuentes importantes de energia cinética.

Toda esta evidencia sugiere entonces que el medio interestelar es muy dinamico y turbu-
lento, con un fuerte acoplamiento dinamico entre las diferentes escalas, de manera que para
desarrollar un wodelo del MI realista es necesario realizar simulaciones numéricas capaces
de incluir los principales ageutes fisicos que operan en el MI, donde se resuelvan las ecuacio-
nes de la magnetohidrodindmica de manera no-lineal, incorporando ¢l transporte radiative,
la quimiea. o] grado de jonizacion, ete. Dado el enorme costo computacional, sin embargo,
en 1 actualidad un nivel deseriptivo intermedio incluye la magneto-hidrodindmica (MHD)
y términos modelo para las fuentes y sumideros. Uno de los trabajos pioneros es el de Bania
& Lyon (1980). quicnes estudiaron los efectos de estrellas OB en el MI usando simulaciones
numéricas 2D que incluian el balance térmico entre el calentamiento de rayos cosmicos y
de rayos X de baja energia, y el enfriamiento!. tomado de Dalgarno & McCray (1972).
Eu su modelo. Bania & Lyon {1980) localizaban las estrellas de manera aleatoria en un
espacio que representaba 1802 pe con resoluciones de 402 pixeles. Con las limitaciones
computacionales de la época. Bania & Lyon {1980) encontraron importantes conchusiones:
primeramente. gque ol medio ey altamente dindmico. ya que las regiones Il I producidas
por las estrellas OB, en su expansion sobre el medio cireundante, prueden aglomerar el gas,
cucontrandoe que hasta ol 70% de la masa total puede ser aglomerada en estas nuhes. las
cuales. a su vez. podrian colapsar gravitacionalmente. Adicionalmente, encontraron que
son precisamente los efectos dindmicos de las estreilas los que producen las nubes. y no
los enenentrog entre nubes menores. sugiriendo que la confluencia de corrientes de material

podria scr un mecanismo mas cliciente para fornmar nubes que la aglomeracion, mecanismo

'Es huportante recalear que los autores le laman a este modelo “transporte radiativa implicita”, auncue,
estrictamente hablando, no resuelven el transporte radiative.
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de formacion de nubes gue en los afios 80’s era favorecido. Sin embargo, estas simulaciones
carecian de campos magnéticos y gravedad, y eran de baja resolucion, o cual dificulta el
estudio de los efectos de un campo turbulento sobre un intervalo considerable de escalas.

Por su parte, Passot, Pouquet y Woodward (1988), Léorat, Passot y Pouquet (1990)
y Pouquet, Passot & Léorat (1991) presentaron simulaciones numéricas hidrodinamicas y
magnetohidrodindmicas en 2 dimensiones con resoluciones de hasta 5122, compresibles y
con autogravedad, las cuales les permitieron estudiar el comportamiento turbulento del
medio interestelar y la influencia de la turbulencia en el soporte en contra del colapso.
Las escalas de interés en dichas simulaciones eran menores a 10 pe. A diferencia del
trabajo de Bania y Lyon (1980), dichas simulaciones no incluian calentamiento estelar, ni
el enfriamiento radiativo. En el primer trabajo, Passot et al. (1988) encontraron que en
sus simulaciones, con niimeros de Mach del orden de la unidad, se desarrollan espectros del
tipo k™2, sugiriendo que las relaciones de escala (en particular, Av vs ) tienen un origen
turbulento, como en el caso de un espectro de Kolmogorov para turbulencia incompresible,
y que el campo de densidad desarrollaba estructuras filamentarias compatibles con las
obsetrvaciones de nubes moleculares. Adicionalmente, Léorat et al. (1990) encontraron
que tanto a grandes como a pequefias escalas la autogravedad juega un papel importante
para determinar la coherencia de las estructuras, mientras que en escalas intermedias, la
hidrodinamica parece ser suficiente para describir la evolucién del medio en escalas de
tiempo mAs cortas que los tiempos de caida libre de las estructuras. Asimismo, Léorat
et al. (1990) encuentran que la componente compresiva del campo de velocidades puede .
modificar el criterio de Jeans, ya que esta componente es capaz de jugar el papel de las ondas
aclsticas e inhibir el colapso gravitacional, sugiriendo que éste puede ser un mecanismo

~__para dar soporte a las nubes, y explicando-entonces-el-hecho-de-que las nubes molecutares
tienen tiempos de vida mucho mayores que su tiempo de caida libre.

Motivados por entender el comportamiento no-lineal de las estructuras y los meca-
nismos de formacion de nubes, y el estudio de la turbulencia compresible en presencia de
parametros con valores tipicos del M1, Vazquez-Semadeni, Passot & Pouquet (1995a, 1996),
y Passot, Vazquez-Semadeni & Pouquet (1995) ampliaron el codigo de Léorat et al. (1991)
a fin de incluir ¢! calentamiento estelar, la autogravedad, el campo magnético, la rotacién
galactica, y una parametrizacién para la rotacién diferencial, asi como para la formacion
y el efecto de las estrellas, bajo un régimen completamente no lineal, compresible, y con
escalas caracteristicas entre 1 y 1000 pc.

Estas simulaciones reproducen algunas propiedades observadas o predichas para el me-
dio interestelar. Por ejemplo, reproducen el comportamiento predicho por la teoria lineal
para la formacion de nubes (Elmegreen 1991), la tasa de formacion estelar para estrellas
masivas, la densidad promedio de complejos gigantes de nubes, la intensidad del campo
magnético oscilando entre casi 0 y algunas decenas de uG y la dispersion de velocidades
del MI a escalas de ~ 1 kpec.

Actualmente existen otros estudios numéricos que intentan estudiar el comportamiento
general del MI: Ostriker, Gammie & Stone (1999), Mac Low et al. (1999), Padoan &
Nordlund (1999}, Balsara et al. (1999), que, a diferencia de las simulaciones de Vazquez-
Semadeni et. al, se han enfocado al comportamiento de las nubes moleculares, es decir, a
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medios con temperaturas bajas (10 K), y densidades altas (~ 10% cm™?) bajo un régimen
isotérmico y con forzamiento aleatorio. Estos trabajos se han dirigido a determinar las
tasas de disipacién de la turbulencia, encontrando que en ausencia de inyeccién de energia,
la turbulencia puede disiparse en escalas de tiempo comparables con el tiempo de caida
libre de las nubes. Estos resultados, entonces, dejan abierta la incognita de las escalas de
tiempo de vida de las nubes, ya que si la turbulencia se disipa rapidamente, entonces es
dificil concebir que los tiempos de vida de éstas sean del orden de varias veces 107 afios,
como sugieren, e.g., Blitz & Shu (1980).

Sin embargo, para los propésitos del presente trabajo, son preferibles las simulaciones
del MI “multifase” por las siguientes razones: por un lado, se modelan regiones mayores,
permitiendo estudiar el papel de las escalas grandes (> 100 pc) de la turbulencia para
formar y deformar las estructuras mas pequefias (nubes). Por el otro, dado que la energia
es inyectada puntualmente en las regiones donde la densidad alcanza un valor critico,
permite estudiar la evolucion de un medio donde la energia se inyecta de manera mas
realista.

El presente trabajo ha sido enfocado al estudio de las propiedades fisicas y estadisticas
de las nubes en las simulaciones de Vazquez-Semadeni et al. (1995). Por un lado, hemos
estudiado el comportamiento de las energias en cada una de las nubes. Por otro lado,
hemos caleulado el balance virial detallado para éstas, asi como la variacion de cantidades
coma 1a dispersion de velocidades, la densidad promedio como funcion de la escala carac-
teristica de las nubes. la dimension fractal de éstas. v el espectro de masas. Para esto
fue necesario desarrollar un algoritmo sencillo que permitiera la identificacion de nubes en
estas simulaciones.

Por otra parte. como consceuencia de estos estudios se hizo evidente que la turbulencia
a gran escala jugaba un papel importante en la formacion y deformacion de las estructuras
de densidad y en la induceion : prevencidn del colapso gravitacional. Hacemos entonces un

breve resumen sobre el estatus de las teorias de formacion de nubes.

3.2.1 Formaciéon de Nubes

Un problema fundamental en la comprension del MI y de la formacinn estelar es el de la
formacion de nubes. proceso gue probablemente involucra varios mecanismos (Elmegreen
1987: Elmegreen 1994). incluyendo el paso de ondas de densidad espiral y las inestabi-
lidades a gran escala (Elmegreen 1993a: Gammic 1996 Martos & Cox 1998) operando
preferentemente en la formacion de estrucutras grandes, asi como en la produceidon de con-
densaciones mds pequenas y densas eu 1as regiones de interaceiom de flujos convergentes
(Flmegreen & Elmegreen 1978; Vishniac 1983: Hunter et al. 1986: Vazquez-Semadeni ot
al. 1995a: Viazquez-Semadeni et al. 1095b: Ballesteras-Paredes et al. 1999b: Martos et al.
1999). Estos dltimos procesos pueden ser ocasionados por ) efecto de nn evento especifico,
como es el case de una SN o una region H I1. en euyo caso la morfologia de la region puede
sugerir cual ha sido el origen de dichos movimientos (por cjemplo, el anillo de A Ori). o
siniplemente por la turbulencia interestelar global (§15).

Los principales procesos de formacion de nubes considerados a la fecha son: acumn-
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lacion de material en filamentos mediante choques, coagulacién de nubes mas pequefias
para formar estructuras mayores, inestabilidades y turbulencia. A continuacion describi-
mos brevemente los principales modelos y escenarios correspondientes a cada uno de estos
procesos.

Acumulacion de material en filamentos mediante chogues.- La evidencia observacional
que sugiere la existencia de este proceso son las estructuras filamentarias observadas en
el medio interestelar, el aparente alineamiento del campo magnético con las estructuras
filamentarias, y el incremento de la intensidad de estos campos magnéticos (Troland &
Heiles 1982). Ejemplos de las primeras son las muchas estructuras filamentarias que pueden
verse en Jos mapas de H [ (ver Fig. 3.1). En particular, el North Polar LGOp (I ~135°,
h~40°, —10km s~ 1< v < 410 km s_l), que consiste en un gran arco de H 1, el cual contiene
a su vez varias condensaciones de gas molecular. La explicacion convencional para estos
mecanismos son explosiones de supernova {ver, por ejemplo, Pound & Goodman 1997), o
la presencia de asociaciones OB cercanas, aunque estructuras similares han sido explicadas
como la colisién de gas de alta velocidad con el disco galactico (Santillan 1999 y referencias
ahf citadas).

Coagulacion.- Qort (1954) propuso que los grandes complejos de nubes interestelares
se formaban mediante la colisién y coagulacién de nubes pequeiias interactuando gravita-
cionalmente. La importancia de estos modelos aumenté a raiz de la observacion de una
alta fraccion molecular en los 5 kpe internos del disco Galactico {Scoville & Solomon 1975;
Burton et al. 1975), pues implicaba que una proporcién importante del gas debia estar
en forma de nubes molecuiares, las cuales se consideraban fuertemente autogravitantes.
Algunos de los puntos fuertes de este modelo (ver, e.g., Elmegreen 1987) consisten en que
la taga de formacién de nubes-aumenta-en-regiones-donde el-gas converge, como €3 el ca-

so de los brazos espirales, explicando los tamafios relativamente grandes de las nubes en
los brazos espirales, comparadas con el tamafio de las nubes que no se encuentran en los
brazos. Sin embargo, el medio interestelar consiste en un fluido contiruo (y mais aan si se
considera el efecto dindmico del campo magnético), en el que el movimiento de Jas parce-
las no puede considerarse como balistico, v la densidad no necesariamente presenta saltos
abruptos entre la regidn inlerna y ia externa a la nube, como es el caso en los modelos de
coagulacion. Otro problema importante con este modelo es que la generacion de complejos
grandes, con masas de entre 10° y 10° M, requiere de tiempos extremadamente largos, del
orden de algunas veces 10® afios {ver, e.g., Kwan 1979).

Inestabilidades.- Varias inestabilidades han sido sugeridas como mecanismos de for-
macién de nubes. Las mas comunes son la gravitacional, la térmica y la de Parker. La
inestabilidad gravitacional (Jeans 1902), proviene del balance de fuerzas entre el gradiente
de presion v la autogravedad de la nube. Dado un medio infinito de densidad uniforme pg
sometido a una perturbacion de tamafio A, existe una longitud Lj tal que si A > L la per-
turbacién comienza a colapsarse, pues el valor absoluto de su energifa gravitacional supera
al de su energia interna al menos inicialmente. La formaciéon de nubeg mediante la inesta-
bilidad gravitacional fue considerada factible cuando se descubrieron los grandes complejos
de nubes en otras galaxias, con masas (M ~ 10°Mg) y tamafios similares (L ~ 300 pc) a
los de Jeans (Wright et al. 1972).
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Ficura 3.1: Mapa de la Galaxia en HI (21 cm). Datos del Atlas de Hidrogene Neutro de la Galaxia (Hartmaun
A& Burtop 1997). Notese la alta filameutariedad de las estructuras en H I En particular, se eree que la estructura
en (f ~135°, b ~40°, ~10 km s7'< v < 410 ki 577} es el resultadn de una explosion de supernova (Pound &
Goodman (1997).

La inestabilidad térmica fue usada para explicar la existencia de dos o tres fases en ¢l
MI (Field et al. 1969; McKee & Ostriker 1977). pues dichas fases en equilibrio de presion
a temperaturas muy diferentes son estables, separadas por nn intervalo inestable de temn-
peraturas, Por su parte, el estudio de [a inestabilidad de Parker (1966} en dos dimensiones
ha permitido explicar la existencia de grandes complejos moleculares en el plano medio
del disco Galactico. separados a distancias del orden de 1 kpe. como consecuencia de que,
frente a alguna perturbacion, las lineas de campo maguético originalinente paralelas al
plano del diseo galactico, se inclinan. permitiendo al material del disco caer hacia el plano
medio. Sin embargo. el estudio de Ja inestabilidad de Parker en tres dimensiones parece
indicar ¢ue en realidad éste podria no ser un buen mecanisino para explicar la existencia
de grandes complejos en el plano medio (Assco et al. 1978, 1980: véase también Shu 1992,
§23).




Parte I Conceptos Introductorios §3.3 Objetivo y Plan de la Tesis

Turbulencia.- Recientemente se ha reconocido a la turbulencia como un agente capaz de
formar nubes, aunque tradicionalmente se le habia considerado dnicamente como un meca-
nismo de soporte. En un trabajo pionero, Sasao (1973) estudié la turbulencia homogénea,
compresible e isotrépica, encontrando que si la mayor parte de la energia turbulenta se
encuentra en los modos de escalas mayores a la longitud de Jeans, la turbulencia es capaz
de generar fluctuaciones de densidad que contribuyen al colapso gravitacional. Por su par-
te, Elmegreen (1993b) encuentra que la turbulencia supersénica en nubes autogravitantes
y difusas es capaz de producir estructuras de densidad autosimilares con lineas anchas en
un intervalo amplio de escalas, y plantea que si la region comprimida est4 dentro de una
region densa, ésta puede colapsar, mientras que si la region estd dentro de una nube difusa,
la turbulencia es capaz de dispersarla.

La capacidad para colapsar de una regién que ha sufrido el efecto de una compresion
turbulenta, depende de las energfas gravitacional, magnética, interna, etc., disponibles en
el material, asi como de la tasa de cambio de éstas durante la compresion y posterior
colapso. Considerando tinicamente el soporte térmico, es posible calcular si la energia
interna es capaz de soportar a la nube contra su propia gravedad. Como fue demostrado
por Chandrasekhar (1961), una region esférica puede ser soportada por presion si yeg > 4/3,
donde 7. es el indice barotropico, i.e., P o< p7f. El ndmero de Mach necesario para inducir
el colapso gravitacional como funcién de veg fue calculado por Tohline et al. (1987).
Eu el caso en que la compresion sea a lo largo de varias direcciones simultdneamecnte,
Yef > 2(1 — 1/n) (con n el nimero de direcciones a lo largo de las cuales se efecta la
compresion?, 1 < n < 3) es la condicién para el exponente politrépico para el cual la
regién no colapsard (McKee et al. 1993; Vizquez-Semadeni et al. 1996). Entonces, es
plausible-el-colapsode Tegiones que hai sido comprimidas mediante Hujos convergentes de
gas, a menos de que Y.g aumente en el proceso (Ballesteros-Paredes et al. 1999a).

'I‘radicionalmente, el estudio del colapso gravitacional hacia la formacion estelar se
ha hecho mediante el Teorema Virial, postulando que las estructuras estin en equilibrio
hidrostatico entre la autogravedad y la presion hidromagnética, y que “resbalan” cuasi-
estaticamente por difusion ambipolar (ver por ¢j., Shu 1992; Hartimann 1598). De dicho
teorema se ha derivado el valor de la masa critica que puede ser sostenida por la energia
interna en contra del colapso gravitacional. Ademas, dado que el teorema virial permite
relacionar de manera particular los valores de las diferentes energias involucradas en los
procesos fisicos, asf como relacionar valores observables como la dispersion de velocidades en
una linea particular, con la masa de la regién emisora, es frecuente encontrar en la literatura
referencias al teorema virial y al estado de virializacion de las nubes. Sin embargo, para
estudiarlo es necesario primero escribir las ecuaciones de la magneto-hidrodinamica (MHD),
pues es de la ecuacion de momento de donde sale este teorema. Entonces, la discusion sobre
Ja masa critica, el problema del flujo magnético en el colapso gravitacional, y resultados
clasicos que se obtienen del teorema virial serd diferida a la seccion 4.2.

*Por ejemplo, un choque plano tiene n = 1
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3.3 Objetivo y Plan de la Tesis

El objetivo de la presente tesis consiste en hacer un an4lisis detallado del comportamiento
fisico y estadistico de las nubes en las simulaciones numéricas de Passot et al. (1995) vy
Vézquez-Semadeni et al. (1996), con el fin de compararlas con datos observacionales de
las nubes interestelares, y de interpretar estas altimas fisicamente. Se estudia también
el papel que juega la turbulencia en el balance energético y la generaciéon de estructuras
de densidad. La tesis se encuentra dividida en tres partes. Como continuacién de esta
primera parte, discutiremos los conceptos generales de la magneto-hidrodinadmica, asi como
el Teorema Virial (§4) y el codigo numérico utilizado (§5). En la parte II estudiamos el
balance energético, el balance virial, y las relaciones de escala que presentan las nubes
en nuestras simulaciones. Esta parte a su vez se dividide en: una discusion sobre la
version euleriana del Teorema Virial y resultados encontrados previamente por McKee y
Zweibel (1992) (§6); dos articulos presentados en memorias de congresos donde se discute el
balance energésico (§7) y el balance virial euleriano de las nubes (§8); una introduccién a las
relaciones de escala o de Larson (§9), y un articulo donde se estudian estas relaciones en el
contexto de las simulaciones (§10). Finalmente, la parte II concluye con una breve discusion
sobre la dimension fractal de las nubes en las simulaciones (§11} . La parte [1I, también
esta relacionada con los mecanismos de formacion de nubes. En ella se discute cémo la
turbulencia puede ser capaz de generar estructuras de densidad y posiblemente desatar
colapso, asi como la importancia de los perfiles de linea asimétricos y multicomponentes
como cvidencia de turbulencia a gran escala (§13). Por 0ltimo. se discute edmo, si la
turbulencia es capaz de generar estructuras de densidad en tiempos cortos, el problema
de la falta de estrellas post-T Tauri en la region de Tauro {(§14) pudicra ser debido a que
fsta se ha formado recientemente. de tal manera que sélo en los altimoes 1-3 millones de
aftos ha producido estrellas (§15). De esta forma. darfamos una vision global de cdmo
un modelo magneto-hidrodindmico, con turbulencia homogénca y con los agentes fisicos
principales del MI, tales como la inyeccion de encergia de estrellas masivas, la autogravedad,
la rotacion galactica, ¢l calentamiento y ¢l enfriamiento difusos, la fuerza de Coriolis, ete.,
es capaz de reproducir una serie de caracteristicas observacionales del ML presentando a la
turbulencia como agente formador y deformador de estructuras. Finalmente, en la seceion
16 se discuten, de manera global, las conclusiones del presente trabajo. y se dan las pautas

para el trabajo a realizar en el futuro proximo.
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Capitulo 4

Hidrodinamica y Teorema Virial
Lagrangiano

4.1 Conceptos de la HidrodinAmica

4.1.1 Descripciones Lagrangiana y Euleriana

Como se mencioné anteriormente, un nivel intermedio de descripciéon del MI estd dado
por las ecnaciones de la magnetohidrodinAmica en presencia de fuentes de calentamiento,
enfriamiento, campo gravitatorio. y otros térininos fuente. Estas ccuaciones pueden estu-
diarse con una deseripeion culeriana o lagrangiana. En la primera se emplea un marco de
referencia fijo. de tal manera que la posicion x; (usando notacion tensorial) y el ticmpo ¢
son las variables independientes de las cuales dependen todas las variables que caracteri-
zan al lujo (densidad. temperatura, velocidad, campo magnético. poteucial gravitacional,
ete.). En la segunda, por el coutrario. se einplea un sisteina de referencia que se meve econ
el fluido, de manera que todas las variables, incluida la posicion z;, dependen del tiempo
1.

4,1.2 DYerivada material

Sea o una variable del campo (e.g.. la densidad), y considérese entonces un sistema lagran-
giano. Durante un intervalo de ticinpo corto d¢, el cambio en la variable « puede eseribirse
COMO:

ey doe . e} o

Ay = — 8t + —dor + —dy + — 4z (4.1
T e gy YT 0z 4

de manera que
dee  da . dadr  dody  dadz
- = = t - - -
at ot o st gy &t Oz At
El lado izquierdo de esta ecnacion representa el cambio total en el intervalo de ticmpo &t

de la variable v en dicho sistema. Entonces, si hacemos tender 4t - 0. este lado lsquierdo

se convierte en la derivada temporal de « en un sistema lagrangiano. Por su parte. las
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cantidades dx;/dt se vuelven la componente en la direccién i de la velocidad, u;. Entonces,
si 8¢t = 0, tepemos

532_805_1_ ‘aa 4
dt = ot Mo (4.3)

En esta ecuacidn, como a lo largo del presente texto, se usa la convencién de Einstein
para la suma, donde fndices repetidos se suman. A la cantidad do/dt se le Hama “derivada
total, “material”, o “derivada lagrangiana”, y a veces se le representa también como Da/Dt.

4.1.3 Ecuaciones de la MHD

Sean p, ui, ¢, P, B; v e la densidad, velocidad en direccién ¢, potencial gravitacional,
presion térmica, componente ¢ del campo magnético, v la energia interna, respectivamente,
y sea

1
ﬂj = %7}- (B,;Bj — 532(553') (4.4)

el tensor de esfuerzos electromagnéticos de Maxwell, Las ecuaciones de la magneto-
hidrodindmica, se escriben entonces como (ver, por ej., Shu 1992):

1. Fcuacidn de Consernacion de Masa:

[ . 17 B w5

Esta ecuacion puede reescribirse, utilizando la derivada total o lagrangiana (4.3},
como

dp Juy

_r = (] i’ﬁ‘f)\
it Pz, R
2. Ecuacion de Conservacion de Momento:
a(puz) d(puzuj) 0 a¢ z] ( ad auz a auj)
- ] 4.7
ot oz ? br + w505, t Bwia;) 7

donde los primeros tres términos del lado derecho son la fuerza del gradiente de
presién, la fuerza gravitacional y la fuerza de Lorentz, respectivamente, mieniras gue
los ltimos dos términos corresponden a términos de disipacion (viscosidad). Usando
la ecuacién de masa (4.5), la ecuacién de momento se puede reescribir como

dui 3(,?5 BTW n ( b5} 371,1' b3 31{7) (4 8)

Pae =7 8$z+ 6:c3+83 8—:;:;55—1_8@8333
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3. Ecuacion de Conservacion de Energia Interna:

(4.9)

dpe) | Opeu;) 8 Ogy

En + é?:cj - 6333 (utntj) + u%pfl - —:Tj_
donde pu; f; es el trabajo hecho por la fuerza por unidad de masa f; sobre el fiuido,
gi es el flujo conductivo de calor, y donde I1;; es el tensor de esfuerzos cortantes,

relacionado con la presién mediante la relacién

P, = Tyn; {4.10)
donde n; es un vector unitario en la direccién j.

4. Feuacion de campo magnético

La ecuacién que gobierna la evolucion del campo magnético se lee:

%?sz(uxB)-i—nVaB (4.11)

5. FEeuacicn de Poisson

Finalmente, la autogravedad del fluido se describe a través de la ecuacion de Poisson:

V3 = —4nGp (4.12)

Estas ccuaciones pueden describiv el comportamicuto del MI bajo la aproximacion de
un solo fluido con tensor de presion isotropico, si los procesos fisicos relevautes en el media
interestelar son modelados de la manera adecuada comno fuentes y smnideros en las ecuacio-
nes de momento y de energia. Eu esta tesis cousideraremos soluciones numéricas de estas
ecuaciones en el régimen completamente turbulento, el cual es altamente no lincal. Por
supuesto, dependiendo de los procesos fisicos considerados, los términos del lado derecho
de estas ccuaciones pueden sufric mnodificaciones. Ademads, en clertos casos ¢s necesaria
la inclusién de términos artificiales que modelen fendmenos fisicos complejos. conio son el
calentamiento estelar o ol enfriamiento y calentamiento radiativos.

4.2 'Teorema Virial

El Teorema Virial (TV) es una expresion matematica obtenida a partir de la ecnacion
de momento, que permite estudiar de wanera global el balance energético de las nubes
interestelares, annque sin suplir las soluciones exactas de la magnetohidrodinamica. En los
trabajos pioncros (v frecuentemente en estudios observacionales), el TV ha sido estudiado
despreciando el efecto de los Hamados términos de superficie (Mestel & Spitzer 1956: Larson
1981: Myers & Goodman 1988a: Solomon et al. 1987). Otros estudios. preferenteniente
toaricos, han considerado la importancia de estos términos (Parker 1957 Strittmastter 1966:
Mouschovias & Spitzer 1976: Zweibel 1990 McKee & Zweibel 1992: Ballesteros-Paredes
et al. 199%a), aunque en general, ha sido utilizado para relacionar valores observables de
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las nubes interestelares como son la dispersién de velocidades, o el valor de los campos
magnéticos, con propiedades como su masa, o su habilidad para auto-soportarse en contra
del colapso gravitacional (Larson 1981; Myers & Goodman 1988a; Myers & Goodman
1988b). Sin embargo, antes de discutir las situaciones fisicas en donde ha sido invocado
el TV, v cudles son las simplificaciones mas cominmente adoptadas, derivamos el TV en
su forma lagrangiana, de manera que la masa de una nube es constante mientras que su
volumen va deformandose, siguiendo a la masa. La forma euleriana, en la cual el volumen
se considera fijo, serd derivada como materia de investigacién, mas adelante (§6.2).

4.2.1 Teorema Virial Lagrangiano

Esta es la forma més cominmente usada del TV, y se deduce a partir del producto escalar
del vector de posicion z; con la ecuacion de momento en su forma lagrangiana (ec. [4.8]}, e
integrando sobre el volumen de interés (ver, por e., Chandrasekhar & Fermi 1953; Spitzer
1979; Parker 1979; Shu 1992; Hartmann 1998, aunque el Teorema Virial se¢ conoce en
mecénica clasica desde principios de siglo):

[ d“’dv—— OF 1y + f g gy / o 2 av (4.13)
8 T; T

El término del lado izquierdo puede desarrollarse de la siguiente manera:

dt——— L

N

De esta tltima expresion, el segundo término es el doble de la energia cinética, El
primer término por su parte puede reescribirse como

2.
fmzp%dv duzdm / é—x—tdnngr—r—!—_——y
[

ld dz; 1 d d:r:g _
aazf”%?dm“ saq | @™

1 d2 9 1. :
donde Iy = | z*dm es el momento de inercia, y donde nos hemos permitido extraer de
la integral las derivadas temporales. Esto es valido ya que en la descripcién lagrangiana
el elemento de masa dm es constante y no depende del tiempo. Considérense ahora los
términos de la derecha de la ecuacién (4.13). El primero se reescribe como:

f RLia / OziP) 1y 3 [ PaV = j{ (2:PYdS — 264 (4.16)
Y Dx; dz;

donde se ha usado el hecho de que dz;/dz; = 3. De manera similar, el término magnético
puede reescribirse de la manera siguiente:
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31"13 J o / 6:1,, .
M= / Ti—LdV = f 5y TNV = [ Ty 54V =

= j{(miTij)ﬁjds‘" /T%idV =
- j{ (i T3;)7;dS — Siﬂ / B2dV (4.17)

donde ahora ha sido usado €l hecho de que 8z;/8z; = &;, siendo &;; la delta de Kroenecker.
En la ultima igualdad de (4.17), el segundo término del lado derecho es la energia magnética
Emag- Por 1ltimo, el término gravitacional se puede reescribir como:

W = —]pm,g¢ av = —/ Jr""“"Qi’)czvﬂu /qsa(’”“’)dv =
R PAYY Op _
j{ (pz;)RdS + / dmigdV +3 / $pdV =
) )
W= — f(pqﬁsci)nidé’ + fqﬁmiém%dlf — 6&, (4.18)

donde & = —1/2 fv,o # dV es la energia gravitacional de la nube. De esta ecuacion
piede verse que el término gravitacional involucra, por un lado, la energia gravitacional.
Sin embargo, existe un términe de presion gravitacional evaluado en la superficie de la
mube. asi como un término que depende de la estretura de densidad en el interior de la
nube, Bs importante aclarar, adewds. que ¢ es el patencial gravitacional debido a toda
la masa considerada, v no exclusivamente a la masa dentro del volumen de integracion
V. Adicionalmente. es posible demostrar que en el caso de una nube aislada, el término
gravitacional W se convierte en £, (ver apéndice A).

Recopilando los términos de las ccuaciones (4,14}, (4.15), (4.16), (4.17). ¥ (4.18), para
sustituirlos en la ecnacion (4.13). el teorema virial lagraugtano queda expresado de la forma:

é”‘jfj = D + 260 + Eung + W = 2Tt + Tonng: (4.19)
donde
T, = {) ?g(;,.,p).ﬁidg (4.20)
y .
Tiang = %(J:,ng)ﬂ.jds (4.21)

sou los térinos de superficie térmico y magnético.
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4.3 Estabilidad y Flujo Magnético

El teorema virial ha sido ampliamente usado en la literatura en el caso de equilibrio virial
(I = 0), e incluso, mas estrictamente, en el caso hidrostético (i.e., pdu;/df = 0, implicando
I= 28in = 0), a fin de estudiar la estabilidad de configuraciones de equilibrio para colapsar
bajo la accién de su campo gravitacional, considerando las diferentes fuerzas involucradas
(gradiente de presion, campo magnético, ete.). Este anilisis es relevante porque es el
punto de partida de muchos trabajos tedricos que consideran la formacién estelar como
consecuencia del colapso de nicleos densos en dichas configuraciones de equilibrio.

Sin embargo, como se sugiere a lo largo del presente trabajo (ver §6.5, §8, y §13)
la apariencia altamente dinamica de las simulaciones sugiere que las nubes estan lejos del
equilibric. A continuacién mostraremos algunos de los resultados maés frecuentemente men-
cionados en la literatura astrondémica que se obtienen de postular equilibrio hidrostético;
los desarrollos pueden también encontrarse en varios libros de texto, como son el de Spitzer
(1978}, el de Shu (1992), o el de Hartmann (1998). Adicionalmente, discutimos el problema
del flujo magnético y algunas evidencias que conducen a pensar que la formaciém estelar
se da en escalas de tiempo més cortas (~ 1-3 millones de afios) que las de la difusién
ambipolar {del orden de 107 afios).

Supéngase que la nube en consideracién es esférica, con radio Ry, en balance de fuer-
zas, ¥ que se encuentra rodeada de un medio mucho mas tenue, de densidad y temperatura
constantes. Por simplicidad, supondremos que el campo magnético en el interior de la nube
es constante, con valor By, mientras que en el exterior varfa como B = By (r/Rnx)7%, 1o
cual reproduce el comportamiento de un dipolo magnético a grandes distancias. Entonces,
cientemente grande de manera tal gue los efectos de superficie del campo magnético sean
despreciables (i.e., Tmag = 0) en Rj, y que el término gravitacional de todo el volumen de
radio R, pueda aproximarse como la energia gravitacional de la nube de radio Ryl. Con
estas suposiciones, el término gravitacional puede escribirse de la forma:

W:ng—

(4.22)

donde My = f,, pdV es la masa de la nube. Por su parte, la energfa magnética vale

1
Emag = gRj’vla%v, (4.23)
donde la mitad proviene del interior de la nube, y la otra mitad del volumen entre Ry y
Ry. Supéngase ademas que el gas es ideal e isotérmico, de manera que P = ¢?p y por lo

tanto

3 3
Em = —f PdV = =c*My, (4.24)
2 v 2

Finalmente consideremos el término superficial de presion:

'Como se mostrara en la §6, si se esta estudiando el balance virial del medio difuso, despreciar el término
gravitacional de éste puede ser erroneo.
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f (P2;):dS = P f :71;dS = 4mR3; Pyt (4.25)
5 S

donde P.y es la presion externa a la nube, la cual es constante. Sustituyendo estos términos
en el teorema virial lagrangiano (4.19), y suponiendo equilibrio (cuasi) hidrostético, se
obtiene

3GM3E 1
—% I Ny gai,R}i, + 3c*My — 4Ry Peg = 0. (4.26)
N

donde hemos dejado explicito que la presion Pgg, es la presién externa a la region para una

configuracién de equilibrio. De esta ecuacion es posible sacar varias conclusiones (ver, e.g.,
Shu 1992; Hartmann 1998):

a) Primeramente, despreciando los términos magnético y gravitacional, se obtiene la
ley de Boyle para un gas ideal a temperatura constante:

PegVn = cte. {4.27)

donde Vy es el volumen de la nube en una configuracion de equilibrio, n es la densidad
numérica de particulas, 7 es la temperatura, y k es la constante de Boltzmann.

b) Considérense ahora despreciables los efectos del campo magnético y de la presién
externa (es decir, si B, P — 0). Bajo estas condiciones:

o LGMy 15 ( VR (me N (4.28)
RGP A \ Gp Gp ) -

De bsta ltima expresion puede verse que el radio de equilibrio es del orden de magnitud
de 1a longitud de Jeans. Sin cwbargo, ¢sta es una configuracion de equilibrio inestable.
como veremos en el siguiente nciso.

¢) Considérese abora el efecto de la presidn externa. Despreciando todavia el campo
magnético, y analizando el cambio de la presion externa requerido para el equilibrio como
funcion del radio de la nube Ry a partir de la ec. (4.26):

(4.29)

dPeE I G9AMy  12GM i
dR N N 4 ’

- -1 ] 5]

Ry 5 Ry

De aqui puede verse que si Ry — x entonces dPpe/dRx < 0. mientras que s1 Ry — 0
entonees e /ARy > 0. Finalmente, dPpp/dRy = 0 s
1 GMy
15 2

Fl primer caso. By > Reg. 08 una configuracion de equilibrio estable, ya que en

Ry = Ree = (4.30

esta coufiguracion. si el radio de la nube aumenta repentinamente, existe wi exceso de
presion externa sobre la configuracion de equilibrio, induciendo a que la region regrese 4
su confignracion original; y st el radio de la pube disminnye, existe un defecto de presion
oxterna respecta a la configuracion de equilibrio, permitiendo gne la mibe se re-expanda.
Sin embargo. para radios menores que Jpe. la situacion es de eqnilibrio inestable, pues
unt decremento en el tamafo de la region causaria que la presion externa fuese mayor que
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la presion de equilibrio, provocando que el sistema se contraiga atn mas. Finalmente, la
presién externa de equilibrio tiene un valor maximo dado por (ver ec. [4.26]):

3.8

Ferie = W;

(4.31)
de manera gue si-la persién externa supera este valor la nube se colapsarid. La variacion
de Prg como funcién del radio Ry para una configuracidn de equilibrio puede verse en la
Fig. 4.1,

Nétese que existen dos configuraciones que admiten Pgp = 0. La primera, de tamano
infinito, que cae en el intervalo estable. La segunda, de tamafio dado por la ec. (4.28),
que cae en el intervalo de equilibrio inestable. Esto es razonable, pues, por definicién, la
longitud de Jeans es la minima escala para la cual existe equilibrio inestable.

4—]’“?7‘1 ] 15‘ T I_'i T ¥ ] i T 1 'l T T T

g
1

RO [rrrrrrrreeereeeeeeeeeenns ................................................................................
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FIGURA 4.1: Presion externa de equilibrio Pgg como funcion del radio de una nube Ry, suponieéndo una
nube esferica, sin campo magnético y en equilibrio hidrostético. Varias situaciones pueden verse en esta gréafica:
primero, que para presiones mayores que Fenp N0 existe solucién de equilibrio posible. Segundo, que para tamatos
mayores a Reyit, €l sisterna tiene configuraciones de equilibrio estable, mientras gue para tamafios menores a Rorg, las
configuraciones de equilibrio son inestables. Por Gltimo, ndtese que existen dos soluciones de equilibrio con presién
externa nula: una dada por la ecuacitn (4.28), y la otra con tamano infinito. La primera es una configuracion
inestable, y para tamafios mienores que el dado por (4.28) no existe solucién de equilibrio posible y la regitn
necesariamente se colapsa. La segunda, de tamano infintto, es una configuracion estable (ver texto).

d} Por dltimo, considérese el caso magnético. En este caso, la presion externa que
satisface el equilibrio estd dada por:
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L e _ oA 4.32
donde se ha definido la masa critica como:
1\2
Mg=1|—) GV, (4.33)
107

y el flujo magnético que atraviesa la seccién recta de la nube como @ = TI'R?V By. De esta
ecuacién podemos considerar dos casos: si My < Mg (ver Fig. 4.2a), un analisis similar
al analisis de estabilidad previo nos hace concluir que, independientemente del valor de la
presion externa, la situacién es de equilibrio estable, es decir, que la energia magnética es
capaz de soportar a la nube si la masa de la nube My es menor que la masa critica Mg.
Por el contrario, si My > Mg (Fig. 4.2b), la nube no puede ser soportada contra su propia
gravedad si el radio es menor que cierto valor critico, dado por

4 G(ME — M)

Berit = — 4.34
Crit 15 C2M ( )
para el cual la presién maxima de equilibrio vale
1 (. My  3G(MI-— M%)
Ppp = — (3= % 4 2208 TN/ 4.35
EE = o (3 mo s Iz (4.35)

Ademas, si la presion externa es mayor a este valor, la nube se colapsara forzosamente. En
el primer caso se dice que la nube es suberitica, micntras que en el segundo se dice que la

nube es supercritica.
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FIGURA 4.2: Presidn externa de equilibrio vs, radio de la nube para una configuracién esférica en equilibrio
& 8 q
(cuasi) hidrostéatico. a) Caso magnéticamente subcritico. b) Caso magnéticamente supercritico.

Es importante aqui hacer mencion de un comentario dado por Hartmann (1998): estos
resultados tienen como hipétesis la suposicién de que una nube de cierta masa no cambie
su temperatura durante su evolucion. Esta hipotesis es razonable si consideramos que,
para densidades caracteristicas de las nubes moleculares (Nl{]3 cm™3), el calentamiento
estd dado principalmente por los rayos cosmicos, mientras que el enfriamiento esta dado
por la emision del 12CQ, siempre y cuando la regién sea Spticamente delgada. Con estas
caracteristicas, el balance entre enfriamiento y calentamiento nos lleva a concluir que la
temperatura es mas o menos independiente de la densidad, y tiene valores de aproxima-
damente 10 K. Estas temperaturas han sido corroboradas observacionalmente por muchos
autores (ver por ej., Cernicharc 1991).

Shy et al. (1987) sugirieron que debia haber dos modos de formacion estelar: uno para
estrellas de alta masa y otro para estrellas de baja masa. Las primeras deberian formarse en
regiones supercriticas, mientras que las segundas deberfan formarse en regiones subcriticas.
Ahora bien, suponiendo que toda la masa estd en forma de hidroégeno molecular, a una
densidad de 10* em™3, y que el campo magnético tiene intensidades de 100uG, la masa
critica es del orden de 100 M. Si ademés el campo magnético esta anclado en el fluido, y
s los mecanismos de disipacién (reconexion o difusién magnéticas) no son suficientemente
eficientes, entonces el niimero de lineas de campo magnético que permean a un elemento
de masa es constante, sugiriendo que es dificil hacer estrellas con masas similares a las del
Sol. Este problema es lo que se conoce como el problema del flujo magnético.
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La solucion estdandar a este problema counsiste en considerar que, dado que el campo
magnético actiia inicamente sobre las particulas cargadas, las particulas neutras no estan
sujetas a la accién del campo magnético excepto por colisiones con las particulas cargadas.
En principio, este proceso (denominado difusién ambipolar) permite al gas neutro “resbalar”
a las regiones internas para formar los nicleos {cores) densos (Mestel & Spitzer 1956). Un
calculo sencillo permite demostrar que esta escala de tiempo est4 dada por

tad ~ 5 X 1013<:{g-)yr : {4.36)
2

(véase, p.ej., Mouschovias 1987; Hartmann 1998), donde n; es la densidad numérica de
lones, y ny, es la densidad numérica de moléculas de hidrogeno. Para condiciones tipicas
en los nicleos densos, n;/ny, <1077, de manera que la difusién ambipolar puede remover
suficiente Hujo magnético en escalas de tiempo del orden de 107 afios. Este resultado es
importante porque permite que los nicleos densos formen estrellas de baja masa mediante
este proceso de difusién de campo magnético {Shu et al. 1987). Esta idea es atractiva
porque establece que todo niicleo denso puede, dado el tiempo suficiente, formar estrellas
de masa baja, atn cuando inicialmente su masa sea menor que la masa critica.

Sin embargo, existen algunos problemas asociados con este esquema. El primero es
la validez de las hipotesis. Por un lado hemos supuesto una nube estérica, densa, fria,
con temperatura, densidad y campo magnético constantes, embebida en un medio mucho
mas tenue, de densidad vy temperatura constantes, pero con una dependencia particular
del campo magnético con la distancia. Asimismo, hemos despreciado la contribucion del
medio externo a la nube al potencial gravitacional, pero hemos considerado importante la
contrubucion de su presion a la dinamica de la region. Estas condiciones parecen poco
probables en un MI realista, que conticue fluctuaciones importantes de la densidad. campo
magietico y velocidad. Por el contrario. pareciera que las coudiciones descritas en este
¢jemiplo son mas bien condiciones ad hoc tales que nos permiten despreciar una serie de
téraiinos y considerar otros,

Ademds. existe otra serie de problemas, como menciona Hartmann (1998): el primero
v mds evidente os que toda la presente disension ha sido basada en el equilibrio virial.
suposicién que no necesariamente se cuwple eu las nubes moleculares o en sus ntcleos
conlo s¢ verd en capltulos posteriores. Adicionalmente, las fracciones de ionizacion en re-
gioues de formacion estelar pucden ser cousiderablemente altas. en particular cu regiones
de formacion estelar masiva (Myers & Khersousky 1995), alargando el tiempo de difusion
ambipolar.  Asi mismo. existe evidencia observacional de que Ta formacion estelar se da
mas rapidamente que lo predicho por la ec. [4.30), tanto en regiones de baja densidad
(Hartmann et al. 1991}, como en regiones de densidad alta (Herbig & Terndrup 1986).
Asi. algunas obscrvaciones recientes sugieren que el grueso de la formacidn estelar en la
nebulosa de Orion ba sucedide en perfodos de 1 millén de ados (Hilleubrand 1997}, mien-
tras que observaciones de nticleos densos sngiercn que la mayoria de éstos se encuentran
en colapso y sus escalas de tiempo estimadas no exceden 2 millones de anos (Lee & Myers
1999). Por otra parte, como discute Hartmann (1998, §2.7) se sabe que las regiones de for-

macion estelar masiva también forman muchas estrellas de baja masa, sugiriendo e estas
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estrellas pueden ser formadas en regiones magnéticamente supercriticas sin necesidad de un
proceso de difusién ambipolar. Basado en argumentos de plausibilidad, Hartmann (1998)
sugiere que si todas las estrellas (tanto de baja como de alta masa) se formasen en regiones
magnéticamente supercriticas, entonces la baja eficiencia de formacién estelar observada
en la Galaxia deberia reflejar que el nimero de regiones magnéticamente supercriticas es
considerablemente menor que el ntimero de regiones magnéticamente subcriticas.

Independientemente de si existen o no dos escenarios de formacion estelar, la sugerencia
de Hartmann (1998), junto con las observaciones de bajas escalas de tiempo para formar
estrellas idican que los modelos de formacion estelar deben ser revisados. En particular,
como se menciond previamente, el problema de que las edades de estrellas en regiones de
formacion estelar sea de alrededor de unos pocos millones de afios sugiere que la formacion
estelar es un fendmeno que probablemente se da en escalas de tiempo mucho maés cortas
que lo que se ha considerado hasta la fecha. Un posible mecanismo, como se mencioné en la,
secci6n 3.2.1, es que un medio interestelar compresible, bajo el efecto de flujos turbulentos
convergentes puede sufrir un colapso gravitatorio rapido. Estos temas se tratan en los
capitulos 13 y 15.
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Capitulo 5

El Modelo y el Cédigo Numérico

5.1 Caracteristicas

El modelo numérico presentado por Vazquez-Semadeni et al. (1995a, 1996) y Passot, et
al. (1995) representa el medio interesielar a escalas de ~ I kpc. Si bien el cédigo permite
la realizacion de simulaciones tridimensionales (3D}, en el presente trabajo se hace uso
de simulaciones en dos dimensiones (21)), con el fin de maximizar la resolucién espacial y
permitir el analisis en detalle de las estructuras de densidad que surjan en las simulaciones.
El eadigo modela el medio bajo la aproximacion magnetohidrodindmica, v se consideran
como fuentes de momento la accion de la gravedad. o] gradiente de presion. la fuerza de
Lorentz. y la fuerza de Coriolis.

Respecto a la ccuacion de energia. se jncluyen térinos (faentes y suimideros de energla
imterna) que modelan el calentamicnto estelar (fuentes puntuales). o} calentamiento difuso

o de fondo y el enfriamiento radiativo. Las ecnaciones que resuelve el codigo soms

dp .
P + V- (pu) = pVp, {(5.1)
u v a J L1 .
—,()T%- Vu-‘hkgvSVu_(E) V@-kp{VxB)xB 282 x u, (5.2)
e . Vg -
O W Ve = —(v—~116V - 4+ rpm— + Ty + T, — pA. (5.3)
ot p
OB ,
—— =V x{uxB)-15V'B. (5.4)
ot
v
Vip=p—1. (5.5)

El codigo es psendoespectral y utiliza una base discreta de modos de Fourter. inoplicando
que las condiciones a la frontera son periodicas. El avance temporal, la evaluacion de los
terminos lincales y las derivadas espaciales se realizan cn el espacio de Fourier, mientras
que los términos no-lineales se calculan en el espacio real. En todas las ccuacioues se

incluyen ténminos difusivos de segundo orden en V. En las ecuaciones de momento y
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de flujo magnético se incluye ademés un término “hiperdisipative” V%, que permite usar
coeficientes mucho més pequedios para los términos de orden V?, aunque algo de disipacion
de segundo orden sigue siendo necesaria para eliminar oscilaciones locales producidas por los
términos de hiperdisipacién (Passot & Pouquet 1988). El uso de la hiperdisipacion confina
los efectos disipativos a las escalas mas pequefias, maximizando el intervaloo dindmico. En
la ecuacién de energfa interna, el término difusivo corresponde a la conduccién térmica,
pero en la ecuacién de continuidad carece de significado fisico y se incluye solo por razones
de estabilidad numérica. La eleccién de los valores de los parametros se describe en Passot
et al. (1995) y Vazquez-Semadeni et al. (1996). Aqui se describen brevemente los términos
del modelo fisico.

1. El calentamiento difuso T’y se modela como

o\ V2
I'y= Fo(—) , {5.6)
Pic

donde T'g = 0.034 ergs seg™* gr'l, pic = 0.2 mp gr cm ™3 es la densidad caracteristica
del medio difuso, y my = 1.64 x 10~2* g es la masa del dtomo de hidrogeno. Esta,
expresion permite simular un efecto de auto-escudamiento (self-shielding), de manera
que las regiones méas densas son calentadas con menor eficiencia, como sucede en ¢l
caso del calentamiento del MIE por radiacién UV difusa, toda ves gue la vpacidad
aumenta hacla las regiones mas internas de las nubes.

2. El calentamiento estelar I'; se modela por medio de fuentes de energia locales que re-
presentan estrellas masivas, las cuales.se colocanen-aquellostugares donde la densidad
excede clerto valor critico pgr y simuitdneamente los movimientos son convergentes
(V-u < 0). El valor caracteristico de estas fuentes de energia es el debido a estrellas
masivas (0.85 ergs s~
de afios (1/2 unidad temporal del codigo).

gr1), las cuales se mantienen encendidas durante 6 millones

3. El enfriamiento es parametrizado como funciones de leyes de potencia de la tempera-
tura, tal como los utilizan Rosen et al. (1993) y Rosen & Bregmau (1995) a partir de
las funciones de enfriamiento de Dalgarno y McCray (1972) y Raymond et al. (1976).
Estas funciones de enfriamiento se escriben entonces como:

0 0<T <100K
A T? 100 K < T <2000 K
A= ¢ AT 2000 K <7 < 8000 K
AsT?%67 3000 K < T < 10°K
AT 1P K <T<4dx107 K
Los valores de estas A; est4n dados en la Tabla 5.1.

4. Para la rotacién Galactica se supone que la regién modelada rota alrededor del centro
Galactico con velocidad angular constante, de valor Qg = 7/ 10% afios™!, correspon-
dientes a la velocidad de rotaci6n a la distancia galactocéntrica solar, de manera que
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las coordenadas x y y corresponden a las direcciones azimutal y radial, respectiva-
mente. Entonces, la fuerza de Coriolis en la ecuaciéon de momento (5.2), se escribe
—2Qp x u. Ademds, como la fuerza centrifuga y la fuerza gravitacional radial se
balancean para cada radio, entonces finicamente es necesario modelar la rotacion
diferencial. Dada la restriccion de condiciones a la frontera periddicas, la rotacion
diferencial se modela como una funcién sinusoidal de la forma

ue(y) = Apsin ?LL(? (6.7)

donde Ly es la longitud de la caja, y donde la constante Ag = 4.4 km s~ est4 dada
por la constante 4 de Qort, ya que este valor de la amplitud nos permite generar un
gradiente de velocidad de 8.8 km s~ ! a lo largo de la mitad de la caja de integracion,
que es equivalente a 500 pe.

Como se menciona en Vazquez-Semadeni et al. {1996), como consecuencia de la de-
pendencia funcional en p y T de las funciones de calentamiento y enfriamiento, y de que
las escalas de tiempo dindmicas son mucho méas largas que las escalas de tiempo en las
que se establece el equilibrio térmico fuera de las regiones de calentamiento estelar, el gas
tiene un comportamiento barotropico de acuerdo al régimen de temperaturas (y por ende,
régimen de enfriamiento), es decir, la presién obedece la relacion P o p7efi. Fn términos
de los pardwmetros del cédigo:

Popic® \ Vb f pret —
P (FESY LD N
Ai ("?’Af:f (5.8)

doude

0.25 L5T < p (100 < T < 2000}
et = £ 0. 0.39 < p < 1.57 (2000 < T < 8000) (5.9)
0.48 3.15 x 1073 < p < 0.39 {8000 < T < 10°)

5.2 Definicién de las nubes en las simulaciones y calculo de
sus propiedades fisicas y estadisticas

En ol presente trabajo. frecuentetente se caleulan las propiedades fisicas (e.g.. enerpgias,
dispersion de velocidades. densidad promedio. ete.} de las nubes en las simulaciones nu-
méricas. Para esto. es necesario definir operacionalmente a las nubes. Una nube en las
sinmlaciones es nn conjunto couexo de puntos en el espacio r. . cuva densidad exeede
un cierto valor umbral py,. El valor de pg, se escoge de acuerdo al tipo de nube que se
desee. Por cjemplo. los complejos mds grandes resultan de tomar un valor pequelio de
ot mientras que si uno desea estudiar las estructuras mas pequenas. entonces se deben
tomiar tipicamente valores grandes de gy, El considerar diferentes valores de py, es andlogo
a abservar las nubes con diferentes trazadores, de manera que el intervalo de densidades

observado depende del trazador utilizado.

PAundgue coma se menciona cn §10. también se encuentran nubes pequeias al usar mmubrales bajos.
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§5.2 Definicién de las nubes y calcule de sus propiedades

Los valores caracteristicos de los diferentes parametros adoptados para las simulacio-
nes se presentan en la Tabla 1 de Passot et al. (1995}. Por completez, en la Tabla 5.1

reproducimos los valores fisicos mas importantes.

Parametros usados en las simulaciones numéricas

Cantidad fisica Simbolo  Valor

Unidad de longitud Ly 1 kpc

Unidad de velocidad g 11.7 km s™1
Unidad de tiempo o 8.1 x 107 afios

Unidad de densidad de masa 00
Unidad de densidad de particulas 9
Unidad de energfa interna €
Unidad de temperatura Ta
Unidad de intensidad de campo magnético B
Componente uniforme del campo magnético By
Componente fluctuante del campo rmagnético Brms
Velocidad angular de rotacién Galictica N
Longitud de Jeans Ly
Tasa de calentamiento difuso a 0.2 pp T4
Tasa de calentamiento estelar I,
Densidad critica de formacién estelar Oth
Amplitud del deslizamiento Ap
Coeficientes de la funcién de enfriamiento Aq
[, T
— As
Ay

50810 erg s~ gr—?em®

1.67 x107%* gr em™3

1 ecm™3

uf
104 K

5 uG

1.6 uG

5 uG

7/10% afios™?

2 kpc

0.034 ergs 57! gr™!

0.85 ergs s~! gr

30 cm™® a una resolucién de 5122 y 8002
4.4 km 571

1.14 x 10 erg s71 gr=2 cm?

3
3

2.35 x 10" erg 57! gr~? cm
9.03 x 10%® erg s~! gr™? cm

TABLA 5.1: Valores caracteristices de los parametros utilizados en las simulaciones (tomado de Passot et al.

1995).
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Capitulo 6

Teorema Virial y Balance Energético

6.1 Introduccién

Al derivar el Teorema Virial en la seccién 4.2 lo hicimos mediante el uso de la forma
lagrangiana de la ecuacion de momento. Sin embargo, se obtiene una forma diferente
si se usa la ecuacion de momento en su forma euleriana, ec. (4.7). La diferencia entre
ambas formas consiste en considerar la evolucién temporal de un elemento de masa {forma
lagrangiana) o de un elemento de volumen fijo en el espacio (forma euleriana).

Dado que nuestro interés es estudiar el posible balance virial y energético de las nubes
en sinmlaciones numeéricas, v dado que dichas simulaciones han sido realizadas utilizando
un esquema enleriano, es conveniente estudiar ¢l TV en su forna euleriana.

En la presente seecion derivaremnos el Teorema Virlal Euleriano (TVE) de primneros
principios (§6.2}) ¥ discutiremos alguuos de los resultados obteuidos por McKee & Zweibel
(1992) (§6.3), asi como el papel de los términos de superficie en ¢ TVE (§6.4). y el posible
balance virial (8§6.5).

6.2 Teorema Virial Euleriano

Parker {1979) derivo ¢l TVE para un flujo MHD despreciando los términos superficiales.
Por su parte. McKee & Zweibel (1992) lo derivan sin despreciar ningnn término, a partir
de la definicion de mownento de inercia en un sistema euleriano. A contitmacion derivamos
el TVE a partir de la ccuacion de momento en su forma culeriana. Para ésto. considérese
¢l producto escalar de la ceuacion de womento en su forma euleriana (4.7) por ol vector o

¢ intégrese en voluinen:

dpug) ) [ do
— .?,'i'fzﬁ .T,j*,—-f - I 1V
/‘ ge 1Y / o L

/L,ﬁdv / -(L;“iﬂf—)dv (6.1)

.If_,,‘

donde hiemos considerado despreciables los términos disipativos de la ce. (4.7}, Dado que
ni ¢l veetor ; ni el volumen V' dependen del tiempo. las derivadas parciales respecto al
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tiempo dentro de las integrales de volumen pueden escribirse como derivadas totales afuera
de éstas. Por lo tanto, el lado izquierdo de la ecuacion (6.1) puede escribirse como:

/ 2 pua)dV = %f zipudV =
1%

==~ +Ip (6.2)

donde se ha utilizado la ecuacién de masa (4.5) para pasar del segundo al tercer renglon,

= $o(px?u;)n:dS es el flujo de densidad de momento de inercia pz? a través de la
superficie de la nube, e Iz = [, pz%dV es el momento de inercia. Considerando ahora el
lado derecho de la ecuacién (6.1), notamos que todos los términoes escritos ya han aparecido”
en el TVL excepto el altimo, el cual puede reescribirse como: -

a( pu;u ; [ (s pusug) / 8:::,
——2dV = | —————=dV — | puuy;—
] Oz 7 dz;

o ,,;%(M.mL_ — (6.3 —
U

donde &y, = 1/2 f pudV es la energia cinética contenida en el volumen V, y Tun =

1/2 §¢ (zipuiu;)ijdS. En particular, en el caso mcompresible, Ty, es la cuarta parte

del flujo a través de la superficie de la nube de la tasa de cambio del momento de inercia

2z;pu; (en el caso compresible, la interpretacion de este término no es tan clara). Igualando

entonces las ecuaciones (6.1) y (6.2) y utilizando la ecuacion (6.3), queda escrito el Teorema

Viria! en su lorma euleriana:

1. 1d®
i'IE = Q(Ekin + gth - ﬁcin -~ 7?11) - 5 E + W+ Smag + Trnag (64)

Si al tiempo ¢ la masa considerada en el caso lagrangiano coincide espacialmente con el
volumen euleriano, entonces Tg = 7. Sin embargo, sus segundas derivadas son diferentes:
dd
Iy —Ip = 4Tun + g (6.5)
como consecuencia del flujo de masa a través de la superficie del volumen euleriano.
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6.3 Consideraciones sobre el Analisis de McKee y Zweibel
(1992)

Una idea fundamental subyacente en todo el presente trabajo es que la turbulencia es un
fenémeno multiescala, es decir, el campo de velocidades es cattico en todas las escalas. Sin
embargo, es frecuente encontrar en la literatura, de manera automatica y sin justificacion, la
idea de microturbulencia, es decir, que las escalas asociadas a los movimientos turbulentos
son pequetias comparadas con las escalas de la region en consideracion. Un ejemplo de ésto
es el trabajo realizado por McKee y Zweibel {1992), donde se estudia el comportamiento de
una nube aislada, densa y fria, rodeada por un medio mucho menos denso y més caliente,
donde las cantidades varfan lenta y suavemente y donde se trata a la turbulencia como si
contuviera sélo modos en escalas mucho menores que las escalas de la nube!., Dado que
algunos de los resultados de dicho trabajo estan en aparente contradiccién con algunos de
la presente tesis, a continuacién presentamos una discusion al respecto.

En la primer parte de dicho trabajo se escribe la version lagrangiana del Teorema Virial,
y se deduce de primeros principios la version euwleriana, escrita previamente por Parker
(1979), pero sin despreciar los términos de superficie. Sin embargo, en la segunda parte
algunos resultados parecen errénecs. Estos resultados son, primero: McKee & Zweibel
(1992) encuentran que los términos que contienen derivadas temporales en el TVE (ec.
[6.4]) son despreciables frente al resto de los términos cuando se les promedia en escalas
de tiempo mucho mayores que las cscalas de tiempo dinfdnicas: segundo, encuentran que
la componente de la velocidad del medio internube perpendicular a Ja froutera de la nube
decrece cerca de la frontera de ésta (ver §4.1 v §4.2 de McKee & Zweibe]l 1992), de manera
que la presion hidrodindamica del medio internube, evalnada en ia frontera de la nube. ey
mucho menor que la presion térmica. Tercero. que el medio internube es force-free, es decir,
gue la fuerza reta en ol medio internube es idénticamente cero. Cuarto. gue conforme el
gas del medio internube fluye cerca de la nube. la presion térmica del medio internube
evaluada en la frontera debe decrecer. Fisicamente, esta disminucion “estd asociada con
la disminucion de la presién couforme el gas internube Huye alrededor de la nube [efecto
Venturd)” (sic). A coutinuacidu disentimos por qué estos resultados nos parecen ¢rroueos.

1. FEl prinler problema en el tratamiento de McKee & Zweibel (1992} consiste en con-
fundir dos escalas de tiempo may diferentes: 1a primera, 1a escala de tiempo dindmica

del niedio internube, la cual es del orden de:

1y
irdin T (GG}
e
donde Ry s el taimano caracteristico de la regién completa (uube v medio internube.

y cie e la velocidad del sonido del medio internube®, la cual permite estimar el tiempo

NeKee v Zwreibel (1992) discuten hrevemente o) caso de “moros grandes” de la turbulencia. pero soio
como ondas de chogue alranzando a la nube, sin considerar la continuidad del campo de velocidad en la
frontera de la nube

‘Estrictapiente hablando, en el caso magnético la velocidad sénica efectiva esta dada por (1F +¢2)2
donde r, es 1a velocidad de Alfvén.
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caracteristico de las variaciones de las propiedades del sistema. La segunda, una
estala de tiempo mucho mayor ¢, tal que

tay > tain, (6.7)

que es utilizada para promediar los términos del TVE. El problema se da en el
momento en que consideran gue en una escala de tiempo t,, es valida la relacion

Aa ~ o, (6.8)

donde o es una variable arbitraria del sistema. Esto es clerto st el intervalo de
tiempo es del orden de la escala de tiempo dindmica, que se define precisamente
como el tiempo después del cual la ecuacién (6.8) se satisface. Sin embargo, para
tiempos tay 2> t4in, ¥ regimenes altamente no lineales, Aq deja de ser comparable
con « {es decir, el sistema “pierde memoria” de las condiciones iniciales).

2. El siguiente problema consiste en considerar que el término gravitacional del medio
internube es despreciable por el hiecho de que su energfa gravitacional es despreciable
(§84.1 de McKee y Zwetbel 1992). Como se menciond en la seccion 4.2.1, el término
gravitacional de una regién arbitraria es igual a la energia gravitacional sélo si la tnica
contribucién al potencial gravitacional de dicha regién es la de la masa contenida en
la regién de interés. Sin embargo, para el caso del medio internube esta condicién
no se cumple. Por el contrario, la presencia de la nube masiva en la region hace
que el término gravitacional del medio internube no pueda escribirse como-su-energia

_  mavitacional, §inG que sera esencialmente la energia gravitacional debida al peso del
medio internube en el potencial de la nube. Hsta contribucién no es despreciable a
priori, y McKee & Zweibel (1992) no demuestran que lo sea’

3. Un tercer problema (véase la discusion posterior a la ecuacién [4.7} de McKee &
Zweibel 1992) consiste en considerar que, para un volumen V' con una superficie S
justo afuera de la nube, la ecuacién

In=1Ig=1In (6.9)

implica gue ) ) i
Iy =Ig = lg, (6.10)

donde Iy es el momento de inercia en un marco lagrangiano, Ig es el momento de
inercia en un marco eunleriano, e Iy es el momento de inercia de la nube. Como se ve
de la ecuacion (6.5), afin cuando al tiempo  los volimenes lagrangiano y euleriano
coincidan, y atn cuando la igualdad (6.9) sea valida, la ecuacion (6.10) no es vélida
si existe un flujo de masa a través de la superficie de la nube.

*Para poder despreciar el peso gravitacional del medio internube en el potencial de la nube se debe
valer la relacidn cic > Vesc, donde vese €s la velocidad de escape de una particula desde la superficie de la
nube,
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Estos tres resultados infundados conducen a McKee y Zweibel (1992), como se muestra
a continuacién, a cuatro conclusiones que, por lo tanto, son también infundadas. Ademaés,
estan en contradiccién con los resultados de la presente tesis:

o Primeramente, el resultado 1 conduce a que los términos que contienen derivadas
temporales en el TVE (ec. [6.4]) sean despreciables. Sin embargo, como se verd en
la §8, son estos términos los que dominan en el TVE.

e Los resultados 1 y 2 conducen a McKee y Zweibel (1992) a postular que el medio
internube es force-free (véase su ec. [4.5]), puesto que el hecho de que los términos
que contienen derivadas temporales en el TVE y el término gravitacional sean des-
preciables (inciso anterior y punto 2 arriba) implica que en la ecuacion de momento:

o, , 0P olpuy)

8$j 8117,5 8a:j =0 (6‘11)

Adicicpalmente, “ignorando la posibilidad de que la condicién force-free se obtenga
del balance entre la presion del gas y las fuerzas magnéticas”, McKee & Zweibel
(1992) obtienen que

0T} J

o~ Ph + pruyuy) ~ 0. (6.12)
dr; O

Todas ostas conclusiones quedan invalidadas debido a la invalidez de los puntos 1y

2 dados arriba.

o I resultado 3 (ec. [6.10]) conduce a los autores a considerar que la componoente
perpeadicular de la velocidad turbulenta del medio internube decrece cerca de la
superficic de la nube (ver discusion posterior a la ec. |4.7] de McKee & Zweibel 1992).
En efecto, de la ec. (6.10), la definicion de Ty, y de despreciar de las derivacas
temporales. seguitia que Ty, ~ 0 (ec. [6.5]). Pero Twin involuera la componente
de 1a velocidad perpeudicular a la superficie de la rube. De nuevo, este resultado
queda invalidado por la invalidez de fa ecuacion (6.10). Ademas, este efecto, hasta
donde hemos evalnado en las simulaciones. no se da. Por ¢l contrario. los campos
de velocidad v de densidad son en general continuos & lo largo de las estructuras de
densidad. independienteniente del criterio usado para determinar la localizacion de
la frontera {arbitraria) de la pnbe (ver §13).

e (oo conscenencia de los dos ineisos anteriores { furce- free v disininucidn de la presion
turbulenta en la superficie de la nube). los autores concluyen que. conforme el medio
interuube fuye alrededor de la nube. éste experimenta una caida de presion, como
os o) caso del efecto Venturi. Este efecto, ademas de no haber sido observado e las
sinmlaciones, 1o es de esperarse en el -altamente compresible- medio interestelar, ya
que dicho efecto se manifiesta principalinente en medios incompresibles. y disminuye

segln aumenta la compresibilidad del flujo.
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Finalmente, es importante mencionar que, en general, el medio (nube e internube) en las
simulaciones no est4 iejos del equilibrio de presién térmica, con un contraste entre la presion
maxima y la minima < 5, excepto en regiones de formacion estelar, donde la presion térmica
llega a ser hasta 60 veces mayor. Cabe notar ademéas que a los argumentos cuestionables
presentados por McKee & Zweibel (1992) se suman hipdtesis de trabajo que parecen poco
realistas: un medio turbulento en escalas pequesias comparadas con las escalas de la nube,
donde las cantidades varian poco; una nube esférica, de densidad constante, embebida
en un medio homogéneo de densidad mucho menor, donde la energfa gravitacional del
medio externo es despreciable. Tales condiciones parecen més validas para protoestrellas
que para nubes interestelares, en las que el campo de densidad es un continuo, y donde
la turbulencia es un fendémeno multiescala y las formas de las nubes son extremadamente
irregulares, con fronteras fractales (§11). Asi pues, consideramos que las discrepancias entre
nuestros resultados y los de McKee y Zweibel (1992) no son motivo de preocupacion, pues
dicho trabajo parece altamente cuestionable. En los articulos reproducidos en los siguientes
capitulos se describen varios de nuestros resultados, aunqgue en ellos hemos preferido evitar
hacer mencién directa de la discrepancia de resultados con McKee y Zweibel (1992).

A continuacion describiremos resultados adicionales no incluidos en los articulos, con-
cernientes al balance entre los términos volumétricos y de superficie del TVE.

6.4 El papel de los términos de superficie

En la Fig. 6.1a mostramos la energia interna &y, vs. el término de presién térmica en
la frontera de la nube Ty, para un conjunto de nubes en las simulaciones numeéricas a
un tiempo dado. De esta grafica puede verse que ambas son comparables, sugiriendo qune
existe balance de presion térmica entre las nubes y sus alrededores. Por otra parte, en la
Fig. 6.1b graficamos la energia cinética, iy, vs. el término de presién turbulenta en la
superficie de las nubes, Ty;,. Notese que, aunque existe balance entre la presion interna y
externa {Fig. 6.1a), la existencia de movimientos turbulentos podria distorsionar las nubes,
ya que éstos no estan claramente balanceados por la energia cinética interna de la nube
(Fig. 6.1b). Finalmente, en la Fig. 6.1c mostramos la energia magnética, Enag, vs. el
término magnético evaluado en la superficie de las nubes, mostrando gue en este otro caso,
tampoco hay un balance exacto entre estos términos. Estas son manifestaciones directas
de la naturaleza turbulenta del flujo, y contribuyen al estado de no-equilibrio virial de las
nubes.
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FIGURA 6.1: Términos volumétricos vs. términos de superficie que intervienen en el TVE. a) &y, v8. Tip: b)
Eiin 8. Tiin; €) Emag v8. Tmag. NOtese que en todos los casos, las integrales de superficie tienen valores comparables
con las integrales de volumen, aunque no necesariamente se cancelan idénticamente. Sin embargo, notese que en
el caso de la presiOMMiM_Supmﬁddm_tienen—tanﬁas»ﬂuctuaciunesﬁmmas

——————mbes estan aproximadamente en balance de presién térmica. Entonces, los movimientos deben ser producides por
el gradiente de presién hidrodindmica (cinética) y magnética.

Es frecuente encontrar en la literatura — y en particular en la literatura observacional
- referencias al teorema virial en las que se desprecian los términos de superficie. Fl origen
de esta practica probablemente se debe a que observacionalmente es imposi
la presién térmica, el tensor de Maxwell o la presién hidrodinAmica en la frontera de
las nubes, tanto porque no existe una definicién observacional precisa de las nubes (ver
Scalo 1990), como porque las observaciones sélo permiten determinar de manera directa
cantidades integradas a lo largo de la linea de vision, y no las cauntidades en un lugar
preciso en el espacio. Sin embargo, en el presente trabajo se muestra como en un medio
turbulento existe un flujo de masa a través de la frontera del volumen considerado (§8,
§13). Desde el punto de vista lagrangiano, las fronteras de la nube {que delimitan la masa)
se deben estar deformando constantemente como consecuencia de la presién (anisotrépica)
hidrodindmica. En particular, hemos evaluado la importancia de los términos de superficie
en el TVE para las simulaciones numéricas analizadas, encontrando que ésfos son tan
importantes como los respectivos términos volumétricos. Como se mostré en las Figs. 6.1a,
b, y ¢, los términos & vs. Ten, Ekin V8. TiinY Emag V8- Tmag, respectivamente, los términos
de superficie son comparables a los términos volumétricos correspondientes, aunque en el
caso de los términos cinéticos y magnéticos, no existe un balance detallado entre cada par
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de términos.

6.5 Equilibrio Virial y Balance Energético

Una de las suposiciones mds frecuentes en la literatura es que las nubes y sus niicleos densos
estan en equilibrio virial (ver, e.g., Shu et al. 1987; Myers & Goodman 1988), es decir, que
se satisface

g = 0. (6.13)

Sin erubargo, las simulaciones numéricas nos han permitido determinar que en general
ésto no se cumple (§8). Por otro lado, un resultado interesante es que las nubes si se
encuentran cerca de la equiparticion de la energia (§7).

Una consecuencia importante de que exista equiparticién entre las energias gravita-
cional y cinética es que es posible derivar, suponiendo una cierta geometria para la nube
observada, la masa de una nube a partir de observaciones de lineas (véase, por €j., Estalella
& Anglada, 1996). En muchos casos las estimaciones de las masas de las nubes molecula-
res usando este método coinciden razonablemente bien con las derivaciones de las masas
usando otros métodos (e.g., intensidad de la linea de 2CO). Sin embargo, recalcamos,
esto es consecitencia de la equiparticion entre la energia gravitacional y la energia cinética
tturbulenta) de Ia nube. mas no del equilibrio virial.

6.6 Trabajos Publicados al Respecto

En los siguientes dos capitulos se estudia el balance energético (§7) y el tcorema virial
culeriano (§8) para las uubes en las simulaciones mumdricas realizadas. A diferencia de
estudios previos, los resultados aqui presentados constituyen el primer intento de hacer
un balance exacto vy detallado del TV, a fin de evaluar la importancia relativa de cada
uno de los términos que intervienen en éste, en situaciones razonablemente realistas y no
en situaciones idealizadas. Como se ha mencionado v como se verd en cstos capitulos,
se cneuentra gue si bien las nubes estan aproximadamente en un balance energético. la
situacion de equilibrio virial uo se cumple, indicando entonces gue ¢l medio interestelar se

encuentra en un estado altamente dindmico.




Capitulo 7

Articulo 1

Cloud Statistics in Numerical Simulations of the ISM

Javicer Ballesteros-Paredes and Enrique Vazquez-Semadeni

Publicado en
Revista Mericana de Astronomia y Astrefisica, Serie de Conferencias, Vol 5. 105.
1995.
“Fifth Mez-Tex Meeting in Astrophysics. Gaseous Nebulae and Star Formation”

Resumen

Presentamos resultados preliminares de simulaciones numéricas bidimensionales sobre
el balance energético de las nubes del medio interestelar. Mediante el uso de un algoritmo
de identificacidn de nubes, calculamos las energias gravitacional, interna, cindética y mag-
nética de las mismas. Encontramos que. con una dispersion de aproximadamente nn orden
de magnitud. la energla pravitacional en las nubes estd balanceada por las energias restan-
tes. Adicionalmente, v eon dispersiones comparables. parece haber equiparticién entre lay

euergias cinética y magnética.
Abstract
We present preliminary results on the energy budgets of clouds in two-dimensional nu-

merical simulations of the interstellar medium. Using an automated cloud-identification
algorithm. we caleulate the gravitational. internal, kinetic and maguetic energies of the
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clouds. We find that, within a dispersion of roughly one order of magnitude, the gravi-
tational energy in the clouds is balanced by the remaining energies. Furthermore, within
the same dispersion, there appears to be equipartition between the kinetic and magnetic
energies.

7.1 Introduction

Interstellar clouds appear to be close to virial equilibrium between the gravitational and
other forms of energy (Larson 1981; Myers & Goodman 1988 a,b), even though the as-
sumption that they are in a static equilibrium is highly questionable, as both the clouds
and their embedding medium are highly turbulent {e.g., Larson 1981; Hunter & Fleck
1982; Henriksen & Turner 1984; Dickman 1985; Scalo 1987; Falgarone 1989; Fleck 1992).
Recently, Vazquez-Semadeni, Passot & Pouquet (1995a, Paper I) have suggested that the
apparent virialization may be due to nearly-virialized clouds having longer lifetimes, alt-
hough the flow may not neccessarily have a tendency towards forming virialized clouds. In
order to test this conjecture, we have initiated a program to produce “surveys” of the clouds
that form in numerical simulations of the interstellar medium (ISM) including magnetic
fields (Passot, Vazquez-Semadeni & Pouquet, 1995, hereafter Paper II), and to evaluate
the various energies and terms in the virial theorem for each cloud.

In this paper we present preliminary results of this work. In §7.2 we briefly describe the
numerical algorithm and define the relevant quantities. In §7.3 we present measurements
of the various energies and comparisons that indicate rough equipartition between them.
Finally, in §7.4 we summarize and discuss the results.

7.2 The Method

The two-dimensional numerical simulation from which the data are taken represents a
square region of 1 kpc on a side in the Galactic plane, at roughly the Solar circle. Details
on the numerical method can be found in Papers I and II. The simulation gives the time
evolution over 1.3 x 108 yr for all relevant physical quantities including the density, velocity,
temperature and magnetic field, respectively measured in units of pg = 1 em™3, g = 11.7
km s, Ty = 10* K and By = 5 uG. The gravitational, kinetic, internal and magnpetic
energies (respectively &, Ekin, En and Emg,) are defined as’

1

b = ] pddV

gth = g/PdV,

'Nota del Autor: Nétese que la energia magnética esta definida con un factor de 1/2 en lugar del factor
1/8w. Laraz6n de esto es que hay un factor de 1/4x ya incluido en la adimensionalizacién de las ecuaciones
del codigo.
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FIGURA T.1: (Left) Density {contours) and velocity (arrows) fields of the numerical simutatjon at ¢ = 6.6 x 107
yr into the evolution. (Right) Same for the temperature (contours) and magnetic field (arrows}. This is a two-
dimensional simulation with a resolution of 512 grid points per dimension.

[ 28
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T N -
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FIGURA 7.2: Masks defining the various clouds at pp = 4 {left} and pr, = 16 (right). The integrals involved
in the caleulation of the various energies are caleulated as sums over the areas defined by the mnasks.

1
Eog = 5 / B4V, (7.1)

]

In Fig. 7.1 (left) we show the density (contours) and the velocity {arrows) fields at
t = 6.6 x 107 yr. Similarly, Fig. 7.1 (right) shows the temperature and the magnetic fields.
From: Fig, 7.1, it is evident that the definition of a ~cloud™ is somewhat ambiguous. as
smaltler, denser clouds are hierarchically nested within larger. less dense condensations. as
expected for Hows in which the local density probability distribution function is independent
of the local average density and decays at least exponentially with the fluctuation amplitude
(Vazquez-Semadeni 1994). In this paper we adopt a simplistic approach, and define a clowd
as a connected set of points whose densities are larger than an arbitrary thresbold pyy,.

With this definition. we have developed a numerical algorithm that identifies and labely
all clouds, given gy, and produces a "mask™ file which can be used on all the other fields
(Fig. 7.2). This allows us to perform the above integrals inside the exact clond perimeters
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FIGURA T7.3: 2) log|&g) vs. log(Emag + 28 + 2Ekin)- b) 1oz || vs. 1og(Emag + 2Exin)

and to evaluate the energies for each cloud. A full “survey” is made by taking several values
of pi, in order to include a wide range of clound sizes. This is equivalent to combining
observations obtained with several different tracer molecules. Note also that including
clouds defined through various vaiues of py, does not amount to including the same cloud
several times, since “child” clouds may have substantially different average properties than
their “parents”. In particular, in the discussion and figures below, we have taken py, = 4
(squares), 8 (triangles) and 16 (stars) (in code units).

7.3 Results

S

_;mmmm 2Ein), together with the
line log || = log(Emag + 2Een + 2Exin ). A clear correlation between the gravitational and
the sum of the remaining energies is observed, although with a dispersion of roughly an
order of magnitude, simijar to that found in observational studies (Myers & Goodman
1988b; Falgarone et al. 1992). Furthermore, it appears that the gravitational energy is
systematically too low, and thus, according to this plet, most clouds in the simulation are
not gravitationally bound.

However, it is well known (e.g., Shu 1990) that if the pressure is nearly uniform throug-
hout the flow, then the contribution of the internal energy of the cloud is nearly balanced
by the external pressure acting on the boundary of the cloud. In the simulation, the typical
pressure contrast between clouds and the intercloud medium is ~ 5, except in regions of
star formation. The exact contribution of the external pressure requires an integral over
the cloud’s boundary, which will be discussed in a future paper. In this preliminary report,
we show in Fig. 7.3b a plot of log [&;| vs. log(Emag + 2Ekin), which corresponds to the case
in which the surface pressure term exactly balances 2&y,. The actual situation must lie
between the limiting cases depicted in Figs. 7.3a and b.

In order to search for possible equipartition among different forms of energy, in Fig.
7.4a we show a plot of log(Emag) vs. l0g(2&kin ), and in Fig. 7.4b we show a plot of log(2&,,)
vs. log(2&y). A tendency towards equipartition between the turbulent kinetic energy and
the magnetic and internal energies is apparent, again with a typical dispersion of roughly
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an order of magnitude. Note that in Fig. 7.4b a deviation from equipartition seen at low
values of the energies is probably an artifact of the simulation, because at small scales the
velocity is damiped by dissipation.

7.4 Conclusions

In this paper we have introduced a simple algorithm for identifying all clouds in numerical
sinmlatious of the ISM aud presented preliminary statistics over the cloud sample. The
gravitational energy appears to be in rough balance with the remaining forms of energy,
although with non-negligible dispersion. This result is similar to those obtained from
observations {e.g.. Larson 1981 Myers & Goodman 1988a.b), and has been taken in those
works to be indicative of near-virialization in clouds. However. we ewphasize that the
surface terms in the virial theorem may have an important, if not decisive. contribution
t6 the overall virial halance of the clouds. as already suggested by the role of the thermal
pressure in the data presented here.

The fact that there seems to be a trend for clouds to exhibit balance between gravity and
its opposing agents suggests that the flow may indeed have a tendency towards producing
nearly-virial clouds. in contradiction with the conjecture in Paper 1. However, the relatively
sitall dispersion about this balance may be an artifact of the low contrast i gy used here
due to numerical difficuitios. This selects against small. low-density clouds in which gravity
is sub-dominant. This difficulty. plus the contribution of the surface terms. the necessary
modifications to the virial theorem in two-dimensions. and the longevity of clouds as a
function of their closeness to virial balance. all need to be assesed before a conclusive

answer can be given. Work is currently in progress to address these issnes.

7.5 Fé de Erratas:

Natese que el articulo original (Ballesteros-Paredes & V azquez-Semadeni 1995}, tiene dos

erratas en la Figura 4: Por un lado. el pie de figura es el mismo yue el de la Figura 3. Por




Capitulo 8

Articulo2

Virial Balance in Turbulent MHD Two Dimensional
Numerical Simulations of the ISM

Javier Ballesteros-Paredes and Enrique Vazquez-Semadeni

publicado en
Star Formation, Near and Far.
Eds. S.8 Holt & L. G. Mundy. (New York: AIP Press), p. 81. 1997.

Resumen

Presentanios resultados del analisis virial en simnlaciones bidimensionales {2D) comple-
tamente no-lineales del MIE. Discutitnos ¢l Teorema Virial euleriano en 2D, y describimos
resultados preliminares del balance virial de las nubes en las simulaciones. Las nubes estan
lejos de equilibrio estatico. y ol teorema virial es dominado por los términes que contienen
derivadas temporales. indicando la importancia del flujo a través de las fronteras de la
nube y de la redistribucion de la masa. Se observa ademas que el término gravitacional
es tnds importante a mnayores escalas, aunque algunas pequenas nubes son fuertemente

autogravitantes. Los térmninos magnético y cinético escalan linecalinente entre si.
Abstract

We present results from a virial analysis of fully nonlinear two-diiuensional (20} simu-
lations of the ISM. We discuss the Eulerian Virial Theorem in 2D, and describe preliminary

results on the virial budget of clouds in the simulations. The clouds are far from a static
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equilibrium, and the Virial Theorem is dominated by the time-derivative terms, indicating
the importance of flux through the cloud boundaries and mass redistributions. A trend
towards greater importance of the gravitational term at larger scales is observed, although
a few small clouds are strongly self-gravitating, The magnetic and kinetic terms scale
linearly with each other.

8.1 Introduction

Vézquez-Semadeni et al.  (1995a, hereafter Paper 1) and Passot et. al (1995, hereafter
Paper II} have produced a numerical model of the interstellar medium (ISM) including
enough physical agents as to render it feasible to perform statistical studies of the clouds
formed in the simulations. The simulations include self-gravity, magnetic fields, paramete-
rized cooling and diffuse heating, the Coriolis force, large-scale shear, and localized steliar
energy input. In the present work, we discuss the Virial Theorem (VT) as it applies to the
simulations, and present preliminary statistical results from a two-dimensional (2D) simu-
lation with a resolution of 800 x 800 grid points, performed specifically for this analysis. In
§ 8.2 we discuss the VT, applying the formalism developed by McKee & Zweibel {1992)
to the 2D case. In § 8.3 we describe the cloud-identifying algorithm and show preliminary
statistical results, and in § 8.4 we present some remarks and discuss future work.

8.2 Virial Theorem in 2D

The VT is obtained by dotting the momentum equation (eq. [Ib] in Paper I} with the
position vector x and integrating over volume. McKee-& Zweibel (1992) -have-discussed
an Kulerian form of the VT, which is most appropriate for our simulations, since they are
performed with an Eulerian code. Because the simulations are 2D (in order to reach a
sufficiently large resolution), we must consider the VT in 2D as well. It reads:

LT 1dd
5 dtzE = 2(1’1,:.1 -+ T_'!nt-) +M—-W - Ecor Ty

“““ 2 dt
where Tin = 1/2(J pu?dV ~ §, zipu;u;n;dS) is the kinetic term, 1iny = [ PdV ~1/2 §5 PrifdS
is the thermal term, M = 1/8m §¢ z;T;;71;dS is the magnetic term, W = [ xip g;dV is the
gravitational term, Feor = 2 f 2;(€ X u);dV is the Coriolis term, ® = ¢ puirth;dS is
the flux of moment of inertia through the surface S, and p, u, P and g; are the den-
sity, velocity, thermal pressure and self-gravitational acceleration, respectively. Because of
two-dimensionality, we must replace volumes by areas and surfaces by contours in (8.1).
However, we retain the above notation for generality. Since in 2D! ¥V - x = 2, in equa-
tion (8.1) we note the three following interesting points: o) Although magnetic fields
are present in the surface term M = fs x; Ty 7ty dS, (where the Maxwell stress ten-
sor is defined as Tj; = 1/47[B;B; — 1/2B26; 1), the “classical 0O magnetic energy term
Enag = 1/87 f B2dV does not enter the virial equation, so it does not provide support

(8.1)

'Para una discusién mAs precisa sobre el Teorema virial en 2D, consiltese el apéndice §B.
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against gravity?. &) The internal energy Eiy = [ PdV does not contain the 3/2 factor as
in 3D. Nevertheless, in 2D this term still coincides with the total internal energy, becau-
se there are only two translational degrees of freedom. ¢) Additionally, it can be shown
that the gravitational term [ x; p g; dV does not coincide with the gravitational energy
Egrav = 1/2 [ p ¢ dV as it does in 3D for isolated clouds. Essentially, this is due to the
slower distance dependence of the gravitational potential in 2D.

8.3 Preliminary Statistics

In order to calculate the terms in equation (8.1), we have performed a 2D simulation
similar to the one called “Run 28" in Paper 11, but with a resolution of 800 x 800 grid
points. In this run we analyze the data shortly after turning off star formation, in order to
allow for the largest possible density gradients {see Vazquez-Semadeni, Ballesteros-Paredes
& Rodriguez 1997, hereafter Paper III) while still retaining the structure induced by the
stellar energy injection, We have developed a numerical algorithm to identify clouds and
evaluate within them the various terms entering the VT, as well as their velocity dispersion
and mean density. We define a cloud as a connected set of pixels whose densities are larger
than an arbitrary threshold py,. Previous calculations (Paper III} have shown that the
simulations exhibit similar scaling properties as those observed in real interstellar clouds
(Larson 1981), except for the density-size scaling relation, supporting the possibility that
it may be the result of an observational effect (see also Larson 1981, Kegel 1989, Scalo
1990}, With this motivation. we have uow performed evaluations of the various terms in
the VT. We have the following preliminary results: 1.~ Both the second derivative of the
moment of inertia and the last term in the equation (8.1) are dominant in the overall virial
balance (fig. 8.1a). 2.-Comparing the remaining terms, the turbulent terms are secen to
dominate (fig. 8.1b). 3.-The surface terms (which are often negleeted under the assumption
of vanishing fields oubside the clouds) are i general of magnitude comparable to that of
the volumetric ones (figs, 8.1¢ and d). 4.-The gravitational term is most important at large
scales (fig. 8.1e). However, there are a few small (low energy content) clouds which have
large values of the gravitational term. These may be the best candidates for collapse and
star formation. Their scarcity appears consistent with the low efficiency of star formation.
5.-The magnetic term and the sum of the kinetic terms are proportional to cach other (fig.
8.1f). This suggests there is equipartition between kinetic and magnetic modes, except
for a coustant factor, which may he due to the fact that clouds have bulk velocities with

respect to the integration volume.

8.4 Final Remarks

The dominance of the time-derivative and kinetic terms indicates the nuportance of flow
through the volume boundaries. coutrary to the cases considered by McKee & Zweibel
(1992). In order to minimize this effect, it appears necessary to consider Eulerian volu-
wes instauntaneously at rest with respect to the center of mass of the clouds. Howoever,

2Para una discusion sohre la contribucion magnética al soporte en 2D, constiltese el apéndice B.
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FIGURA 8.1: In all panels, the solid line is the identity. (a) 1/2||d®/dt|| vs. 1/2||d?1/dt?||. Their near equality
shows that the term 1/2d®/dt dominates the virial sum, indicating the importance of the variability of the mass
flux through the clouds’ borders for the total virial balance. (b) Volume-plus-surface kinetic terms vs. the virial
sum neglecting the 1/2d®/df term. The near equality of both terms indicates the dominance of the kinetic terms
over the remaining ones. This effect may be due to cloud bulk motion and should be eliminated by using an
instantanesusly-at-rest frame of reference for each cloud. (c) Volume vs. surface terms for internal energy (pressure)
and (d) kinetic energy. The surface terms are seen to be comparable to the volume termns in general. The few points
with large scatter in (c) are likely to correspond to regions of anomalous pressures due to recent star formation. (e)
The gravitational term W vs. the sum of the remaining virial terms. A trend towards greater importance at larger
scales is seen. However, a few points at near balance with gravity are seen at all scales. {f) Magnetic term M vs.
the sum of the kinetic terms. An almost linear relation is observed. This is consistent with equipartition between
kinetic and magnetic modes, if an offset is present, again due to the fact that clouds may have bulk velocities with
respect to the integration volume.
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preliminary attempts suggest that the flow through the boundaries cannot be eliminated
completely, since the clouds are extremely amorphous and change shape rapidly. This work
will be reported in a future paper.




Capitulo 9

Las Relaciones de Larson

9.1 Las Relaciones de Larson y Algunas de sus Implicaciones.

Adicionalmente al posible balance energético, el teorema virial ha sido utilizado para ex-
plicar las relaciones de escala encontradas observacionalmente por Larson (1981):

pox R®
dv o« R (9.1)

Como se indica en el capitulo 10, los valores mas frecuentemente mencionados para o v /7
son —1 y 0.5, respectivamente (ver, por ¢f.. Larson 1981 Torrelles et al. 1983: Myers 1983;
Falgarone et al. 1986: Myers & Goodman 1988a y b; ete.) Las relaciones de escala (9.1)

ticnen algunas implicaciones fisicas importantes:

1. El valor v = —1 tiene la inplicacion de que la densidad columnar NV oes constante

para un medio de densidad volundétrica coustante. En ese caso particular,

N =pit x R*T, (9.2)

de manera gque cabe la pregunta jseria posible que las nubes interestelares, con ta-
manos y caracterfsticas que varfan en muchos drdenes de magnitud, tuvieran la mistna
densidad columnar? Como se discute en §10 (ver tainbién Larson 1981 Kegel 1989:
Scalo 1990}, el resultado de densidad colummar constante puede ser conscenencia
del limitado intervalo dindmico de las observaciones, las cuales dificiliente podrian
detectar una nebe de tamano pequeiio y densidad volunétrica haja (es decir. de
densidad eolummar pequena). Existe evidencia obscervacional (Falgarone et al. 1991)
y numérica { Vazquez-5Semadeni & Ballesteros-Paredes & Rodriguez 1997). {ver §10)
de que la relacion densidad promedio-tamano no es real. sino que es resultado de las
linitaciones dindwicas de las observaciones (Scalo 19901,

2. Si se supone equiparticion! entre la energia gravitacional y la cinética. y algtin valor

INotese qque frecuentenente se dice “equilibrio virial” en lugar de equiparticion (e.g.. Fuller & Myers
1992). Sin cwmbargo, como s¢ menciend en §6.5. equiparticion no necesariamente implica equilibrio virial.
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particular para alguno de los exponentes a o 3, entonces el otro exponente queda
determinado (ver, por ejemplo, Shu et al. 1987; Myers & Goodman 1988, Vazquez-
Semadeni 1999):

GM
Exin ~ W = 6v? x - o pR? ox 2 (9.3)

por lo que, en este caso, # = (o +2)/2. En particular, si @ = —1 entonces §v oc R/2.
En otras palabras, a = -1 y 8 = 1/2 satisfacen simultaneamente la equiparticion
entre la energia cinética y la gravitacional. Sin embargo, cabe notar que estos valores
no son fnicos, sino que existe un continuo de valores 8 = (& + 2)/2 que satisfacen
estas condiciones (Vazquez-Semadeni & Gazol 1995).

3. Un resultado similar se encuentra si se supone equiparticion entre la energia magnéti-
ca y gravitacional, de manera que jv ~ v4, donde v, es la velocidad de Alfvén (Myers
& Goodman 1988). En estas condiciones, las nubes tipicamente deberian tener una
masa cercana a o del orden de la masa critica My, definida en §4.3.

4. Existe una escala caracteristica, Ry, para la cual la dispersion de velocidades es igual
al ensanchamiento térmico. Dado que el ensanchamiento térmico depende de la masa
de la molécula que se esté observando, esta escala caracteristica varia dependiendo
del trazador usado. Sin embargo, para las moléculas més utilizadas, y dentro de las
regiones mas densas y frias (T ~ 10 K), dicha escala es del orden de 0.01 a 0.1 pe.

— _ Es importante mencionar que mientras que el teorema virial se aplica a la evolucién

de una parcela de fluido (o a una regién del espacio en el caso de la version euleriana), las

relaciones de escala, tal como las establecié Larson (Larson 1981), se satisfacen para un
conjunto {ensamble) de nubes.

Algunos trabajos se han enfocado a analizar relaciones de escala dentro de una misma
region, estudiando la posible variabilidad del ancho no térmico de la linea como funcién
de la distancia al centro (maxime de intensidad) de la region (e.g., Fuller & Myers 1992).
Recientemente, Goodman et al. (1998) y Barranco et al. (1998), han encontrado que
la relacion dispersion de velocidades-tamafio tiene exponente muy pequeio (3 ~0.1) en
regiones de tamanos < 0.1 pc. Este resuitado ha sido interpretado por esos autores en
términos de que se ha llegado a la “escala de coherencia” de la turbulencia, es decir, a
escalas donde la turbulencia se disipa. Sin embargo, esta interpretacion es cuestionable,
ya que la disipacion de la turbulencia implicarfa que el ancho no-térmico tenderia a cero,
y no a un valor constante conforme el tamafio de la region varfa. Este resultado, por el
contrario, pudiera ser consecuencia de que los autores calcularon la relacién efectuando
un promedio sobre isocontornos de intensidad, pudiendo entonces borrar la variabilidad a
pequeita escala a lo largo de dicho isocontorno (Ballesteros-Paredes & Vézquez-Semadent,
en preparacion). '

Por otra parte, se ha encontrado que la relacién Av~R presenta diferentes exponentes
de acuerdo con la region que se analiza. Por ejemplo, regiones de formacion estelar masiva
tienen exponentes mas aplanados {Carr 1983; Caselli & Myers 1995), mientras que regiones
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de formacion de estrellas de baja masa parecen tener exponentes méas parecidos a los valores
estandar de 5 ~ 1/2 (Torrelles et al. 1983, Myers & Goodman 1988a, b); y regiones HII
ultracompactas tienen incluso exponpentes § negativos (Xie et al. 1997).

Finalmente, en la mayoria de los estudios observacionales se interpreta que la gran
dispersion (de 1 a 2 6rdenes de magnitud) en los datos respecto a los valores de balance virial
es debido a la incertidumbre en los datos {ver, por ejemplo, Myers & Goodman 1988a,b).
Sin embargo, esta dispersién puede ser real, implicando que no existe un verdadero balance
virial, como han sefialado Scalo (1990) y Vizquez-Semadeni (1988), entre otros.

Otras explicaciones de las relaciones de Larson (9.1) han sido propuestas por diferentes
auntores, por ejemplo:

* Larson (1981) menciona la posibilidad de que la relacion densidad-tamafio pueda ser
consecuencia de choques planos, de manera que, en general, la densidad columnar
se mantenga razonablemente constante a lo largo de la direccion de propagacién
del choque. Nétese que esto concuerda con nuestro resultado de que las nubes son
formadas por choques o compresiones (§13). Sin embargo, si bien este mecanismo
podria explicar la constancia de la densidad columpar para una nube dada, no es
claro que todas las compresiones involucren la misma masa y tamafno. Entonces, la
relacion densidad-tamano para un conjunto (ensamble} de nubes de diferentes masas,
tamanos, etc., no queda claramente explicada.

e Chitze (1987) propone que un conjunto de nubes al borde de la inestabilidad gravi-
tacional en un aubiente con presion externa debe satisfacer las relaciones de Larson.

e La relacion Av-RY? puede ser consecuencia de que un campo de velocidades domi-
nado por choques ticne un espectro de energlas de la forma &£72, sicmpre y cuando
pueda asociarse Av”, el ancho no-térmico de la linea. con u?, la energia cinética cua-
dratica media por unidad de masa en modos turbulentos de tamano menor o ignal
que una cseala [ Para verificar esto de manera cualitativa demostraremnos primera-
mente que para un choque unidimensional, el espectro de energias es del tipo A2
Representenos entonces al choque por un campo de velocidades de la forma

v(x) x H{xz — xq)

donde H{x — xg) es la funcion escalon o de Heaviside, Para encontrar su represen-
tacion en el espacia de Fourier, notemos gue la derivada de esta funcion estd dada

por:

du(x) . .

X ol — @)

el
donde d(z — xg) es la funcion delta de Dirac. Entonces, la transformmada de Fourier
(FT) de la derivada espacial del campo de velocidades es una funcion constante:

FT(dvjdx) = cte
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donde % es el niimero de onda. Como la transformada de Fourier de una derivada
espacial es k veces la transformada de la funcién, entonces

FTi{v) ox k1.

de manera que el espectro de energias de un choque queda dado por

E(k) o (FT(v))? x k™2 (9.4)

Ahora bien, dado un espectro de energias F(k), la energfa cinética cuadratica media
por unidad de masa contenida en modos de frecuencia mayores a 27 /{ esta dada por:

(ea]
u ~ / E(k)dk.
2/l

Si E(k) o< £, con n < ~1 entonces

271, n-41

En particular, para n = —2 (espectro de choques, ec. ]9.4])

up X 51/2. (9-5)

—————— Finalmente, el ilitimo paso, y a su vez el mas incierto, consiste en asociar la “velocidad
caracterfstica” u; con Av({), la dispersMMMa én una regidn-de— -
tamaito proyectado ! en el plano del cielo. En el caso de vy, ésta es, tipicamente, Ia
diferencia de velocidades caracteristica entre puntos separados por una distancia [,
obtenida como un promedio sobre todo el espacio, y esta relacionada con la funcion
de estructura del sistema {ver, por ¢j., Vazquez-Semadeni 1999). Por su parte, Av({)
es la dispersién de velecidades caracteristica en el plano del cielo, observada en una
region particular, utilizando un trazador dado e integrada a lo largo de la visual.
Entonces, en principio, no hay razén para esperar que estas dos cantidades sean
iguales, aunque si se supone que el tamaiio de la region a lo largo de la linea de vision
es comparable a su extension en el plano del cielo, es de esperar que Awv(l) sea, en

promedio, similar a u;.

Existen en la literatura otras explicaciones para las relaciones de escala, por ejemplo,
las cascadas de momento angular (Henriksen & Turner 1984), densidad de energia cinética
(Ferrini et al. 1983; Fleck 1996), etc., aunque en el presente trabajo no seran consideradas.
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9.2 Trabajo Publicado al Respecto

Las simulaciones constituyen un laboratorio ideal para estudiar la presencia y origen de
estas relaciones, pues, por un lado, satisfacen la misma fisica (o al menos, muy cercana-
mente) que el MI real, y por otro, no se encuentran sujetas a las limitaciones inherentes a
las observaciones, como son el tiempo de integracién, el ruido instrumental o incertidum-
bres debidas a los efectos de proyeccién, etc., aunque por otro lado las simulaciones estan
limitadas por la resolucion maxima que puede alcanzarse y la dimensionalidad, asi como
los efectos disipativos artificiales, propios de todo cédige numérico. Sin embargo, con estas
hmitaciones es posible sugerir cuales son las bases fisicas de dichas relaciones. Asi, en el
siguiente capitulo (§10) estudiamos las relaciones de Larson y el espectro de masas de las
nubes obtenidas en simulaciones numéricas.
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Capitulo 10

Articulo 3

A Search for Larson-Type Relations in Numerical

Simulations of the ISM. Evidence for Non-Constant Column
Densities

Enrique Vazquez-Semadeni, Javier Ballesteros-Paredes and Luis F.
Rodriguez

ApJ. 474, 292 1997

Resumen

Presentamos resultados de un estudio estadistico de nubes cn simulaciones nuniéricas
bidimensionales del medio interestelar. Las nubes en las simulaciones presentan un espectro
de masas diferencial de la forma dN{M ) /dM ~ M ~FH301 y ga relacion dispersion de
velocidades-tamaio de la forma Av ~ BUHL008 Gy embargo. las nubes no preseutan una
clara relacion densidad-tamato. A una densidad promedio dada. las nubes se encuentran
dispersas sobre un intervalo de tamanos desde las escalas mas peqguenas resucltas hasta
la maxima, dada por una recta cnvolvente tipo de relacion de Larson R ~ p%. con
a = —{.81 £ .15, aunque no es posible descartar los efectos numeéricos como respousables
de esta altima correlacion. Las nubes. adicionalmente. estau distribuidas en un intervalo
de densidades colummnares NV de dos drdenes de magnitud, apoyando la sugerencia de que
la relacion densidad-tamano pueda ser consecuencia de las linitaciones de los censos. En
este caso. la relacion Ae-R puede ser interpretada como una consecuencia directa de un
espectto turbulento de Ta forma =2, nds que del equilibrio virial de las nubes satisfaciendo
una ley p x B71 El espectro k72 es verificado en las simulaciones y os caracteristico de un
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campo de choques. Sin embargo, también discutimos la posibilidad de que las nubes estén
en balance entre la autogravedad y la turbulencia, pero con una dispersién de al menos un
factor de 10 en la relacién Av-R, y de 100 en la relacién densidad-tamano., de acuerdo
con la relacién Av ~ (NR)V/2,

Adicionalmente, comparamos estos resultados con datos observacionales. Proponemos
un modelo simple que sugiere que recientes resultados, los cuales encuentran densidades
columnares aproximadamente constantes para nubes IRAS oscuras, pueden ser artificiales,
debidos a un gradiente de temperaturas en las nubes, inducidos por el calentamiento radia-
tivo externo. Como consecuencia, enfatizamos que el brillo superficial de los mapas IRAS
no son apropiados para medir densidades columnares.

Abstract

We present results from a statistical study of clouds in two-dimensional numerical
simulations of the interstellar medium. The clouds in the simulations exhibit a differential
mass spectrum dN(M}/dM ~ M~144301 aud a velocity dispersion-size relation Ay ~
RO-41%0.08 However, the clouds do not exhibit a clear density-size relation. At a given mean
density, clouds span a range of sizes from the smallest resolved scales up to a maximum
given by a Larson-type relation Rpax ~ p%, with o = —0.81£.15, although numerical effects
cannot be ruled out as responsible for the latter correlation. The clouds additionally span
a range of column densities N of two orders of magnitude, supporting the suggestion that
the observational density-size relation may be an artifact of survey limitations. In this case,
the Ay—~R relation can be interpreted as a direct consequence of a k2 turbulent spectrum,
rather than of virial equilibrium of clouds satisfying a p o« R™! law. The k=2 spectrum is
verified in the simulations and is characteristic of a field of shocks. However, we also discuss
the possibility that the clouds are in balance between self-gravity and turbulence, but with
a scatter of at least a factor of 10 in the Av—R relation, and of 100 in the density-size
relation, according to the equilibrium relation Av ~ (NR)*/2,

In addition, we compare these results with observational data. We propose a simple
model suggesting that recent results which find nearly constant column densities for dark

IRAS clouds may be an artifact of a temperature gradient within the clouds induced by
external radiative heating. As a consequence, we emphasize that IRAS surface brightness
maps are not appropriate for measuring column densities.

10.1 Introduction

Interstellar clouds appear to follow a set of scaling relations first noticed by Larson (1981),

and then apparently confirmed (with slight modifications} by a number of other workers.
These “Larson’s relations” have the form

p~ R* {10.1)

Av ~ RP, (10.2)

where R is the cloud size, p is the gas density, Av is the velocity dispersion derived from
the line widths, and o and 3 are the constant scaling exponents, Additionally, the clouds
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are found to exhibit a mass distribution of the form

dN (M) n

" M?™. (10.3)
The most commonly quoted values of the exponents are ¢ ~ —1.15+.15, #~ 0.4+ .1, and
n ~ —1.55+.15 (Larson 1981; Torrelles et al. 1983; Dame et al. 1986; Falgarone & Pérault
1987; Myers & Goodman 1988a; Falgarone, Puget & Pérault 1992, hereafter FPP; Fuller
& Myers 1992; Miesch & Bally 1994; Wood, Myers & Daugherty 1994, hereafter WMD;
Caselli & Myers 1995; see also the reviews by Scalo (1985, 1987) and Blitz (1991)). However,
significantly discrepant values have also been reported (e.g., Carr 1987; Loren 1989), and
the validity of these scaling relations is currently the subject of strong controversy within
the community.

The above “standard” values of the exponents for egs. (10.1) and (10.2) have been inter-
preted in terms of the virial theorem (e.g., Larson 1981; Myers & Goodman 1988a; Caselli
& Myers 1995}). For @ = ~1 (which coincidentally implies constant column density), a va-
lue 3 = 0.5 implies virial balance between self-gravity and the internal velocity dispersion.
However, note that for an arbitrary value of the density scaling exponent «, a correspon-
ding virial balance value of § can always be found (Vazquez-Semadeni & Gazol 1995).
Thus, the density-size relation (10.1} remains unexplained. In fact, it has been proposed
by Scalo {1990) that this relation may be a mere artifact of the dynamic range limitations
of the observations, and does not reflect a real property of interstellar clouds. In particu-
lar, in the case of molecular line data. the observations are restricted to column densities
large enough that the tracer molecule is shiclded against photo-dissociating radiation. On
the other hand. while the proportionality between line integrated CQO intensity and mass
surface density has been reliably established for extragalactic observations (Dickinan et al.
1986}, this relationship is only valid for scales at which calibrations have been possible,
i.e., scales larger than a few pe. Furthermore. for clumps within molecular clouds, the
structures identified in CO often do not correspond to those identified with higher-density
tracers {(c.g., Massi & Lizano 1994: J. Sealo, private communication),

In this paper we present the mass speetruim of clonds and search for Larson-type co-
rrelations in three two-dimensional numerical simmlations of turbulence in the interstellar
medium (ISM), one from Passot, Vazquez-Semadeni & Pouquet (1995, hereafter PVP95a).
and the other two heing variants of the former with respectively larger density contrasts
and larger resolution. We have developed a clond-identifying algorithin which allows us to
measire the average density, velocity dispersion and total mass within well-defined (though
arbitrary) cloud boundaries in the deunsity ficlds of the siinulations. The cloud sample thus
obtained bas the advantage over actnal observations that no tracer imitations exist in “de-
teeting” the clouds. although, on the other hand. a form of saturation is present due to the
relatively small density dynamic range and other numerical limitations of the simulations.

In § 2 we bricfly describe the simulations and the cloud-identifying algorithmn. and in §
3 we present the resulting statistical cloud properties. In § 4 we analyze the limitations of
the simmlations. discuss the implications of the absence of a deusity-size relation, and give
a preliminary discussion of the physical mechanisms behind the velocity dispersion-size
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relation. We also compare the results with recent corresponding observations, in particular
those of WMD. Finally, § 5 summarizes the results.

10.2 Numerical Method

PVP95a presented magneto-hydrodynamical simulations of the ISM incorporating model
terms for cooling, diffuse heating and local heating from star formation. The simulations
solve the equations for the evolution of the density, velocity, internal energy and magnetic
fields in the presence of self-gravity, namely

)

S + V- (ou) = uV7, (10.4)

du VP . J
S tuvu= -—;)——vsVue(E) Vo + (VxB)xB—Zqu, (10.5)

v2

?+u Ve = —(y —l)eV-u+nTTe+Fd+Fs—pA, (10.6)
%?i =V x (ux B) - 1,V*B, (10.7)
Vip=p—1. (10.8)

We refer the reader to Vazquez-Semadeni, Passot & Pouquet (1995a) and PVP95a for full
details on the simulations. Here we just point out that the simulations from which the
data are extracted represent a square section of the ISM along the Galactic plane of size

1 kpc on_a_side, with a resolution of 512 grid points per dimension. Also, it-is important ...

to note that all the evolution equations contain dissipative or diffusive terms which are
necessary since the numerical technique used to solve the equations (spectral method)
does not produce numerical viscosity, so the dissipation must be included explicitly. The
momentum and magnetic field equations contain “hyperviscosity” terms of the form V3,
which confine the viscous effects to the very smallest scales in the simulations {Babiano
ot al. 1097 McWilliams 1984} Huwever Cl.}.hhuusl.l g,luua.uy uu:mpd.mvc, hiypers vmu.)mt,y is
not everywhere positive definite {Passot & Pouquet 1988), so standard Laplacian terms are
used in the continuity and internal energy equations.

Throughout the paper, densities are expressed in units of 1 em ™2 and velocities in units
of 11.7 km s~!, the units used in PVP95a. In particular, in the present paper we will use
data from the run labeled Run 28 in PVP9%5a. However, the star-formation scheme used
in the simulations of PVP%5a assumes that a star is formed wherever the local density
exceeds a critical value pg,. (A “star” in the simulations is a point source of heat.) This
. naturally imposes an upper limit on the densities reached by the model, since the stellar
heating increases the local pressure and causes the gas to expand. Thus, densities above
pin are very rarely reached. In Run 28, py, = 30, limiting the density contrast pmax/Pmin
to values ~ 1000. In order to obtain a somewhat larger dynamic range, we have performed
an additional run, called Run 28bis, which is identical to Run 28 up to ¢ = 6.5 x 107 yr, but
afterwards has the star formation turned off. This run ends up collapsing gravitationally at
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t~ 8.8 x 107 yr due to the lack of support from stellar energy injection, but intermediate
times provide a good framework for study, exhibiting density maxima 2 100 cm™3, and
density contrasts 2 5000. Finally, a run similar to Run 28bis but ai a larger resolution
(800 800, refered to as Run 28.800) was also performed to discuss the effects of dissipation.
As an illustration, fig. 10.1 shows a contour plot of the density field of Run 28 at ¢ = 6.6x 107
yr, with the velocity field represented by the arrows. Note that, although the size scales
represented by the runs are larger than those studied by most papers concerned with clond
statistics, we expect the results to be applicable, since all terms in the equations solved in
the simulations are scale-free, except for the dissipative ones.

Ficura 10.1: Deunsity {rontonirs) ancd veloeity (arrows) fields for Bun 28 at ¢ = 6.6 x 107 yr. The contours are

spaced logarithmically, with increments of 0.3125 in log p. The minimum density in this plot is 0.04 cm ™3, and the

maximurm density is 40 cm ™

In order to investigate the statistical properties of the couds in the sinmlations, we
have developed an automated algoritlin which identifies and labels clouds. We define
clouds as connected sets of pixels with densities above a user-defined density threshold
my. The types of clouds that are identified in this way are thus clearly dependent on
the value chosen for pry,. a somewhat similar situation to performing observations using
various density tracers. As an example, figs. 10.2a and 10.2b show the clouds obtained by
respectively setting py, = 4 and gy, = 16, at time ¢ = 6.6 x 107 yr into the evolution of
Run 28,
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Ficura 10.2: Regions (“clouds”} with densities larger than an arbitrary threshold p¢n in the density field of
Run 28 at ¢t = 6.6 x 107 yr. a) gy, == 4. b) pyp = 16. Note that small clouds with high densities are nested within
larger complexes, but small clouds with Jow densities can be seen in a) as well.

R

The extremely irregular shapes of most clouds are noteworthy, and in fact pose a
problem in defining the “size” R of a given cloud. For simplicity, here we take the size
of a cloud as the square root of the number of pixels it contains. This definition may
be somewhat unrealistic if clouds are fractal in such a way that their perimeters are not
proportional to the square root of their areas {e.g., Scalo 1990; Falgarone et al. 1991), but
for simplicity and similarity to observational work we adopt it here._Also, for convenience,

sizes are expressed in pixels in most of the figures below (1 pixel ~ 2 pc).

For each cloud found by the algorithm, it is then a trivial matter to compute the average
density, the mass, and the turbulent velocity dispersion, calculated as Av = ((u—(u))?)¥/2,
where u is the local value of the velocity and (u) is the average over the cloud area. Note
that this quantity is not density-weighted.

10.3 Statistical Cloud Properties

We have obtained relatively large samples of clouds by considering values of pyn =3, 4, 6,
8, 11, 16, 23, and 29 in Run 28, and pw, =3, 4, 6, 8, 11, 16, 23, 32, 45, 64, and 90 in Run
28bis. Clouds obtained with each value of py, are indicated with a particular symbol type
in the plots discussed below. In what follows, the data from Run 28 will be considered at
t = 6.6 x 107 yr, and Run 28bis at ¢ = 7.15 x 107 yr, unless otherwise noted. The cloud
samples for those cases contain 158 and 145 clouds, respectively.

Figures 10.3a and 10.3b show the logarithmic mass distributions of the clouds for Run28
and Run 28bis, respectively. The masses are expressed in the nondimensional units of the
simulations, in which the total mass contained is 472, corresponding to 0.36 x 107 M, in real
units. The turnover at low masses may be attributed to incompleteness due to the finite
resolution. The high-mass sides of the distributions, however, exhibit least-squares slopes
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(fitted for log M > 0.8 and shown as the straight lines) which imply indices n = —1.51 and
—1.43, respectively (c.f. eq. [10.3]). These values are within the range of values reported
in various observational results {e.g., Wood et al. 1994; see also the reviews by Scalo 1985,
Blitz 1991, Mundy 1994, and references therein).

m=-0.505236 m=—0 432539

corr=—0.92514 | corr=—0.900669

leg{Num)
1
leg{Num})

. L L L

L 2
leag (M1 log (M}

FIGURA 10.3: Lagarithmie mass distributions for a] Run 28 at + — 6.6 x 107 yr and b) Run 28his at ¢ = 7.13x 107
g 3
¥r. The lives show least-squares fits to data bius with log AL » 0.8, and have slopes —0.51 in a) and .43 in h).

Fignres 10.4a and 10.4b show the correlation between velocity dispersion and size for all
clouds with sizes 2 2 pixels {1-pixel clouds are excluded as they have no velocity dispersion).
Least squares fits to the data give slopes (shown as the solid lines) 3 ~ 0.37 and 3 ~ 0.39
respectively for Run 28 and Run 28bis. with moderately tight correlation cocfficients ~ 0.6,
The large scatter of about one order of maguitude in the correlations should he emphasized.
This is comparable to the scatter found for molecular-line data (e.g.. FPP). The derived
values of 3 ~ 0.4 are slightly lower than the most commonly accepted value of 0.5 (dotted
lines). but are remarkably close to determinations that include heterogeneous data sets
(Larson 1981; FPP: Fuller & Myers 1992).
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FIGURA 10.4: Velocity dispersion us. size for all clouds in a) Run 28 at t = 6.6 x 107 yr and b) Run 28bis
at t = 7.15 x 107 yr. Clouds obtained with each value of p, are shown with a specific symbol as indicated. The
solid lines show least-squares fits, with the slopes and correlation coefficients indicated. For reference, a 1/2 slope is
indicated by the dotted lines. The cloud labels in a} and b) are respectively the same as in a) and b) of figs. 10.5a
and b.

two runs. Several points should be remarked. First, note that, in general, the average
density of the clouds is quite similar to the value of pg, used to define the cloud, and in
fact tends to increase with size at each py,. This is not surprising, due to the presence
of dense “cores” inside the largest clouds at each pi,, which tend to increase their average
density. Second, no clear correlation can be seen in either figure. Instead, at a given piy,

1 A
clouds down to th

he smallest possible size are seen. These are small clouds with low densities
and, therefore, low column densities! N = pR. Third, the size of the largest cloud at each
pen 18 smaller for larger pyy,. In particular, in both figures the set of largest clouds at each
pin seems to lie near a p ~ R™! law, similar to the standard exponent in Larson’s relation

(10.1).

'Note that the column density defined here refers to a eut through the clouds on the plane of the
simulations, and has units of cm~2. To obtain a column density with units cm™', appropriate to our two-
dimensional problem, a multiplication by the unit length along the third (2} dimension, perpendicular to
the plane of the simulation, should be performed. For simplicity, we omit this constant factor throughout
the paper. A similar situation applies to the computation of masses.
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Ficura 10.5: Average cloud density vs. size for for all clouds in a) Run 28 at t = 6.6 x 107 yr and b) Run
28bis at ¢ = 7.15 x 107 yr. The lines show a p x R~ power law. In both cases, the largest cloud at each p,n lies
near the p o R™1 line, although other times tend to show shallower envelopes {see fig. 10.6). The full ensemble of
clouds does not show any trend of (p} with R. The cloud labels in a) and b) are respectively the same as in a} and
b) of figs. 10.4a and b.

In order to test the robustness of the above results. we performed the same analysis
at various other times in both runs, namely at ¢ =7.8, 9.1, 10.4. 11.7 and 13.0x10" yr in
Run 28, and t =7.8 and 8.6x107 yr in Run 28bis. The average value of the exponent ;3 of
the velocity dispersion-size relation is (3) = 0.41 4 .08, with typical correlation coefficients
~ (1.6. For the mass spectrum, an average exponeut {n) = —1.44 + .1 is found. The errors
are the standard deviations of the set of values found for all times. These results confirm
the fact that the simulations show correlations consistent with the obscrvations in both
Cimes,

Regarding the density, in all cases small clouds with low densitics exist, the plots
(not shown) being qualitatively similar to figs. 10.5a and 10.5b, and the full ensemble
of clouds not exhibiting any corrclation with size. The largest clouds at each p,. on
the other haud. continue to exhibit a near power-law relation with size, with average
exponent (e} = —0.81 +.16. This is smaller than the slopes found in figs. 10.5a and 10.5h.
which coincidentally secem to have some of the steepest slopes in the distribution. This ix
illustrated in fig. 10.6. which shows density vs. size for the largest cloud at cach value of g,
at all times considered above for the two runs. I this figure. clouds obtaiued with a given
value of gy, at any one time in either run are shown with the same symbol ad joined hy
a dotted line. The resulting curves have been displaced by increments of 0.2 in log{p) for
clarity. For reference. the solid line shows a {p} x R™! power law. The three uppermost
curves in the fipure correspond to Run 28bis and. beeause of the larger density dynamic
range of this run, exhibit power-law behavior over a larger range of scales, while those for
Run 28 saturate at p ~ 30. For this reason. only clouds with log R > 1 for Run 28bis. and
with log R > 1.5 for Run 28 were considered in computing {«). The implications of thesc
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results are discussed in 10.4.2 For convenience, in what follows we drop the brackets when
referring to the average density of clouds.

L2 e S e e s Sy B el S B B B S S B S B

log<p>
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FIGURA 10.6: Average density vs, size for the largest cloud at éach value of g at six different times in Run
28 (bottom curves) and three times in Run 18bis (top curves, labeled “b"). Each point denotes the largest cloud at
one value of pyy,. Different values of p,), for the same time in the simulation are joined by dotted lines and indicated
with the same symbol. The various curves are displaced by increments of 0.2 in log p for clarity, The numbers next
to each curve show the time into the evolution of the run to which it corresponds, in units of 107 yr. Note that
time ¢t = 6.6 x 107 yr for Run 28 and time t = 7.15 x 107 yr for Run 28bis have some of the steepest slopes. The
straight line shows a p &< R~! power law. The average slope for all times is ~0.81, with a standard deviation of
0.16. Because of the “compression” at high densities due to various numerical effects, only clouds with log B > 1

{Run-28bis)or-log-f->1.5-(Run-28bis) were-considered-in_the calculation of the average slope (see text).

Finally, it should be pointed out that, although clouds with low column densities exist
in the simulations, most of the mass still resides in the largest clouds, since the distribution
of cloud sizes at a given mean density appears to be roughly uniform. However, this is
p0851bly an effect of the absence of supernovae in the s1mulat10ns since the expandmg HII

complexes.

10.4 Discussion

10.4.1 Applicability and limitations of the results

The results presented in § 10.3 have important implications, provided that the simulations
are indeed representative of ISM dynamics. That this is likely to be the case, in spite
of their two-dimensionality, is suggested by the fact that the simulated ISM reproduces
both the velocity dispersion-size relation and the mass spectrum of the clouds {(c.f. § 10.3),
as well as other physical properties of the ISM, such as the mean density of giant cloud
complexes (PVP95a), the cloud and intercloud magnetic field strengths (PVP95a), the
rate of formation of massive stars (Vazquez-Semadeni et al. 1995b}, etc. However, one
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important possible criticism due to the two-dimensionality, is that a p ~ R~! scaling
relation in three dimensions might translate into a p ~ R relation in two dimensions,
just because of the elimination of one dimension. This could be at the origin of the
near constancy of {p) observed at every value of py,. Closer examination shows that this
argument is invalid. Even though the clouds seem to have nearly constant densities at
each value of pyy, this only reflects the fact that, due to our cloud-identifying algorithm,
small, dense clouds are not seen at small py,, since they are “hidden” within the larger, low
density ones. But obviously the density is not constant in the simulations, invalidating the
possibility of an R® dependence of the density.

Another important source of concern is that a significant fraction of the clouds in the
samples have sizes of only a few pixels, and their properties are thus likely to be affected by
viscosity and diffusion. Thus, it is important to quantify the extent to which the results of
the previous section might be influenced by these terms. In particular, the question arises
as to whether the existence of low-column density, small clouds might be an artifact of the
dissipative terms.

Concerning viscosity, owing to the hyperviscosity scheme with a V® operator, its effects
on the velocity field are confined to wavenumbers & in the range kmay/2 S k < kmax with
kmax = 255 for Runs 28 and 28bis, as can be seen from the spectrum in fig. 10.10 (see
§10.4.2). The same applies to the dissipative term in the magnetic equation (see fig. 5 of
PVP95a). Naively, one would then expect the effects of viscosity to be present at scales
up to twice the smallest scale of the simulation. i.e., from one to two pixcls. Actually, the
correspondence between scale ranges in real and Fourier spaces is not as sharp, and one can
expect “leakage™ up to possibly 4 pixels. Visual inspection of the velocity field confirms that
shoeks are spread over typically 4 pixels. Nevertheless, note that viscosity is not effective if
the velocity gradients are not large, and thus the 4-pixel estimate is an upper limit to the
sizes affected by viscosity, It is worth pointing out that in PVP35a the range of influence
of viscosity was estimated at ~ 5 pixels. However, this was an over-conservative estimate
not based on a detailed analysis of shock widths, and the 4-pixel figure given here should
be considered as a slightly more precisc estimate hased on the above considerations.

In order to correct for viscosity effects, clouds with sizes up to 4 pixels in size are
excluded from the “corrected™ plots shown in the Appendix. Note that, since clouds have
in general clongated shapes and sizes are computed as the square root of the number of
pixels. the possibility exists that clouds with computed sizes larger than 4 pixels will stili
be 4 pixels or less across one particular direction. However, we helieve this effect may be
roughly compensated by the fact that the 4-pixel estimate is an upper himit. and thus we
retain all clouds with sizes larger than this.

Of greater concern are the possible effects of mass diffusion. since the standard Lapla-
cian diffusive operator used in the continuity cquation causes diffusion to he importaunt
over a larger range of scales than the hyperviscosity. Indeed, the characteristic diffusion
time i can be shorter than the turbulent crossing time 7y for clouds smaller than about
16 pixels {see Appendix), and diffusion may dominate over turbulent advection for those
clonds. Inu particular, it is possible that the small. low-density clouds reported in the pre-
vious section might be a numerical artifact of the diffusion. which tends to reduece density
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peaks and spread the clouds out, or, conversely, to prevent clouds from reaching higher
densities and smaller sizes than they do in the simulations.

Note, however, that the effect of mass diffusion is exclusively to damp density gradients
originated by the turbulent velocity field, and so diffusion is incapable of forming clouds
by itself; instead, it only modifies the properties of clouds formed by turbulence or other
processes (gravity or the various instabilities discussed in PVP95a). We can thus obtain
a crude estimate of the gize and maximum density a cloud would have in the absence
of diffusion by integrating the diffusion equation backwards in time for initial conditions
corresponding to the clouds in the simulation, over the length of a nonlinear time 7.
This correction overestimates the effects of diffusion, since it neglects the advection term
entirely, and the nonlinear time is computed using the turbulent velocity associated to the
size of the cloud, as given by the turbulent spectrum in fig. 10.10. However, it is actually
turbulent scales larger than a cloud’s size which are most likely to form it (Elmegreen
1993; Vazquez-Semadeni et al. 1995b}. In particular, in the simulations at least, clouds
often form at the interfaces of expanding shells from previous star formation events, which
may have velocities of several kilometers per second, rather than the significantly smaller
velocities (< 1 km s7!} indicated by the spectrum, which is a globally averaged quantity.
Nevertheless, for robustness, we will use the worst-case correction. The details of this
calculation are given in the Appendix. There it is shown that the central density of a
cloud varies by factors of 3-5 in the worst cases under the influence of diffusion. Using
this “correction” factor and assuming the clouds move along lines of constant mass in the
density-size plot, one can produce a “corrected” such diagram, shown in fig. 10.16 in the

Appendix for Run-28bis—There-it-can-be-seen that, although clouds are indeed brought

slightly closer to a correlation, at the lowest average densities cloud sizes still vary by
factors of about 100, maintaining the conclusions from §10.3.

As a further test, we have also produced a preliminary higher-resolution run, labeled
Run 28.800, similar to Run 28bis, but at a resolution of 800 x 800 pixels, the largest that we
can perform in the CRAY YMP of DGSCA, UNAM. The density field [or this run is shown
in fig. 10.7. In order to produce this run, the data from Run 28 at ¢ = 6.5 x 107 yr were
interpolated to produce initial conditions for the 800 x 800 simulation, and then evolved for
another 0.65 x 107 yr, enough to develop the additional small scale structure corresponding
to the larger resolution. Incidentally, it is worth noting that, even though Run 28.800 has
a resolution only ~60% larger than Runs 28 and 28bis, the computational effort it requires
is roughly 5 times larger in CPU run time. Fig. 10.8 shows the resulting density-size raw
plot for this run, including cloud sizes down to 1 pixel. In the Appendix, fig. 10.17 shows
the corresponding plot incorporating the corrections described above, namely elimination
of clouds with sizes < 4 pixels, and the correction for diffusion. In order to maximize the
available dynamic range, in the figures in the Appendix we have used values of the density
threshold as low as py, = 0.5. For Run 28.800, it is seen that the clouds with the lowest
average densities span a range of roughly a factor of 200 in sizes after the corrections, while
the raw data exhibit a range of a factor ~ 500.
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F1GURA 10.7: Logarithmic grayscale image of the density field of run 28.800 at time t = 7.15 x 107 yr. This
run is similar to run 28bis, except that it has larger resolution {800 x 800), and that star formation is turned off at
time t = 6.9 x 107 yr. The density extrema are pmax = 129, and ppin = 3.4 % 102,
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Froura LB Meau density-size plot, equivalent to figs. 10.5a and b, but for the hiph-resolution Run 28.800.
A large range of sizes, in this case spanning over two and o half orders of magnitude, is apain seen at the lowest
walues of the average cloud density,

Tn sumumary. the discussions from this section suggest that the existence of small clouds
with low densities described in §10.3 is a true consecuence of the dynamics and not an
artifact of the dissipative terms used to stabilize the equations.
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10.4.2 Implications of the results
Density, size and equilibrium

With the above considerations in mind, we then have a number of direct implications.
First, as already stated above, the absence of a density-size relation implies non-constant
column densities for the clouds. Specifically, cloud column densities vary by over two orders
of magnitude in the simulations. Additionally, the result that clouds with sizes down to the
smallest scales exist at all values of the mean density implies that the observed density-
size relation may indeed be a product of the limited dynamic range of typical surveys.
Under these conditions, the derived column densities could appear to show variation over
a modest range only, while the observed sizes might span a range larger than three orders
of magnitude, thus creating an apparent correlation. Observational effects as a possible
origin of the density-size relation were first suggested by Larson (1981) himself, and later
discussed in more detail by Scalo (1990). Another reason for the appearance of a spurious
density-size relation may be a selection effect introduced by the tendency of observational
work to focus primarily on global intensity maxima of the maps, therefore possibly missing
weaker, local maxima, a bias that only recently has started to be avoided (e.g., FPP).
The Larson-type relation defined by the largest clouds, with a scaling exponent a ~
—0.8 £ .16 is particularly interesting. The immediate question that arises is whether this
relation is physical, or is induced by numerical constraints. On the physical side, a first
consideration is that, if the clouds are hierarchically nested (smaller, denser clouds are part
of larger, less-dense ones), then mass conservation implies —« < 3 in three dimensions. In
our two-dimensional case, this limit becomes —a < 2. This is a physical limit which in the
————simulations-is pushed-closer-to-the_observed relation because of the two-dimensionality.

Another physical issue is whether the large clouds which follow a density-size scaling law
are virialized, so that the standard scenario in which Larson’s relations hold for virialized
clouds would apply to the largest clouds. However, examining cloud virialization in our
simulations turns out not to be a straightforward task(§10.4.2). Here, we just check whether
the standard Av-R relation is also satisfied in the large clouds. To this end, some clouds in
figs. 10.4 and 10.5 have been labeled with numbers so that they can be identified from one
figure to another. Interestingly, for Run 28 at ¢ = 6.6 x 107 yr (case a in the figures), the
largest clouds, which are very close to the constant-column density line p ~ R, shown
as the straight line in fig. 10.5a, are also very close to the line Av ~ RY2 in fig. 10.4a,
suggesting halance between gravity and turbulence for this set of clouds. However, this is
not the case for the clouds in Run 28bis at £ = 7.15 x 107 yr (case b in the figures). In
this case, although the clouds again show a slope very close to —1 (fig. 10.5b), it can be
seen from fig. 10.4b that they all have comparable velocity dispersions. We conclude that
even clouds with a p o« R™! density dependence are not necessarily in equilibrium between
turbulence and self-gravity. Possibly, magnetic support is more important for the latter
set of clouds, as in the results of Myers & Goodman (1988).

An interesting question is whether the various clouds along the large column density
“envelope” of the distribution in the density-size relation are essentially the same cloud
seen at various different thresholds pyy, or else they are truly different clouds. In fact, the
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answer is that they are neither. This is exemplified in fig. 10.9, which shows a few selected
branches of the cloud hierarchy for Run 28bis. One branch off the largest cloud includes
all the clouds along the envelope, but both the largest and second largest clouds are seen
to also have other branches to daughter clouds off the envelope (dotted lines). The same is
true of clouds lying immediately below the envelope (dashed lines), which seem to define
a second envelope of similar slope (see fig. 10.5).

FiGura 10.9: “Familiy tree” of a few selected clouds from fig. 10.5h. The largest cloud is seen tu Lranch off
to both clouds defining a Larson-type relation as well as to clouds away from it (dotted lines). A similar branching
pattern is observed for clouds of lower column densities {(dashed lines).

On the numerical side, the mass diffusion terin in the continuity eguation may tend
to reduce the column density of clouds defined through the threshold density-criterion we
use here, since the diffusion widens and smooths clouds. whose outer parts may then be
left out of the domain defined by pey,. This effect, plus the plain limitations imposed by
the resolution. clearly prevent the formation of very small clouds with very large column
densities, causing shallower slopes of the high-column density envelope. In fact. while the
average slope we obtain implies smaller column densities for smaller clouds, it has been
pointed out by Scalo (1985, sect. IILA) that it is obvious from inspection of Lynds™ dark
cloud catalog that smaller clouds are darker. Indeed. in our case. the correction discussed
in 10.4.2 and in the Appendix tends to bring this envelope towards steeper slopes. Iu
swnmary. the specitie siopes defined by the largest clouds in the logp log £2 plot cannot
he unambiguously attributed to real physical effects. High-resolution. three-dimensional
simulations are needed to resolve this issue. Unfortunately, the largest simulations of super-
sonic compressible turbulence known to us (e.g.. Porter et al. 1994, using 5123 grid points).
are purely hydrodynamic and do not contain many esscntial ingredients of ISM dynamics,
such as the magnetic field, self-gravity. and stellar (i.e.. small-scale, compressible) forcing.
Thus, the necessary caleulations are still a few years in the future.
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FicUurA 10.10: Turbulent energy spectra for Run 28 at ¢ = 6.6 x 107 yr. Solid line: incompressible component
of the spectrum, Dashed line: compressible component. The straight line shows a k2 power law, characteristic of
shocks, which implies an R~1/2 dependence of the velocity dispersion.

In any case, regardless of what the specific slope of the envelope turns out to be upon
removal of numerical effects, our results suggest that the notion of a density-size scaling
relation should probably be replaced by that of an “allowed” region in p—R space. Whether
the high-column density boundary is truly a power law, the value of its corresponding index,
and the physical mechanisms responsible for it, are issues that remain to be determined by
high resolution 3D simulations.

Velocity dispersibn—size relation and turbulence

Since the density-size relation is not verified for the clouds in the simulations, yet the
dispersion-size relation is, the standard argument explaining the Av-R relation, namely
virial equilibrium in clouds satisfying p o« R~!, cannot be invoked. This implication is
independent of the dimensionality of the simulations, ag it only relies on the non-existence
of a density-size relation, and not on particular values of the scaling exponents. That is, the
two-dimensionality would, at most, change the exponent in the virial equilibrium relation
between Av and p, but not destroy the correlation altogether. Since in the simulations no
density-size relation exists, a unique virial equilibrium relation between Av and p does not
exist either (although see § 10.4.2). Note, however, that a Jeans-type analysis incorporating
a “turbulent pressure” (Chandrasekhar 1951; Scalo & Struck-Marcell 1984;Bonazola 1987;
Elmegreen 1991; Vizquez-Semadeni & Gazol 1995) such that VP, = (Av)2Vp gives

Av~ Rp'2, (10.9)

for clouds of size R equal to their Jeans length. Since the latter is independent of dimensio-
nality, relation (10.9} holds also independently of dimensionality. Thus, the same scaling
laws as in 3D are expected for two-dimensional clouds in balance between self-gravity
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and turbulence. This is consistent with a crude estimate of virial balance in which one
equates the gravitational energy W to the turbulent kinetic energy K. For simple cloud
geometries and uniform densities and turbulent velocity dispersions, in 3D one obtains
GM?/R ~ M{Av)?. Taking M « pR? gives the usual result (Av)? oc pR?. In 2D, on the
other hand, M  pR?, but the gravitational energy becomes W ~ GM?, thus preserving
the result (Av)? & pR2. However, such a simplified treatment may not be applicable, since
in 2D logarithmic corrections appear, and also the gravitational term in the virial theorem
may differ from the gravitational energy. A detailed analysis of this problem is in progress.
Thus, the instability analysis is provisionally a more reliable indicator of the equilibrium
relation expected in 2D.

In the absence of a density-size relation, a plausible origin of the velocity dispersion-size
relation is the statistical properties of the turbulence itself. Indeed, an index 3 = 1/2 is
expected for turbulence characterized by an energy spectrum E(k) o k™ with spectral
index m = —2 (e.g.,Bonazola 1987; Vazquez-Semadeni & Gazol 1995; Padoan 1995; Fleck
1996), where k is the wavenumber associated with scale B = 2r/k. Such a spectral index
is the signature of a field of random shocks (see Passot et al. 1988 and references therein).
Figure 10.10 shows the spectra for the incompressible (solid line) and irrotational (dashed
line) parts of the velocity fields of fig. 10.1. For comparison, the straight dotted line shows
a k™2 power law. It is clearly seen that the spectrum of the incompressible component
is remarkably well described by this slope. The irrotational, or compressible, component
exhibits somewhat stronger fluctuations (most likely due to the fact that the “stars” in the
simulations inject purely compressible energy). but is still very close on the average. The
20% discrepancy with the index 4 ~ 0.4 found in the simulations may be due to the fact
that in the simulations there exists an upper bound to the turbulent velocity dispersion (of
order a fow km s71) that can be imparted to the medium by the stellar Leating. since in
the model they only heat the gas to ~ 10* K. This introduces a “truncation” on the Av-R
relation, which flattens the resulting slope. as can be seen in figs, 10.4a and 10.4b.

An alternative interpretation

At this point. one important alternative must be pointed out. The large scatter in the
velocity dispersion-size relation would be consistent with the clouds not having constant
column densities. even if they were in equilibrium hetween turbulence and self-gravity. In-
deed. in equilibrium, the scatter of about one order of magnitude in the velocity dispersion
would imply a scatter of roughly two orders of magnitude in the coluaun density. as can be

seen from the equilibrinm relation
Ao~ (N2, (10.10)

which is equivalent to relation (10.9). Thus, our results can also be interpreted in the
sense that all clouds tend to be virialized, although with a scatter of at least two orders of
magnitude in the column density. Preliminary results on the energy budget of a smaller
cloud sample in Run 28 (Ballesteros-Paredes & VS 1995} suggest that the sum of the
kinetic and magnetic energies is within one order of magnitude of the gravitational encrgy,
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although surface terms were not considered there. Also, the total gravitational and the
turbulent kinetic energies per unit mass in the simulations are almost in equipartition, as
shown in fig. 10.11

02 L T T I T T T F‘_r T T l T
0.15 |- |
= i i
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F1GURA 10.11: Evolution of the total turbulent kinetic (solid line} and the gravitational (dotted line) energies
per unit mass in code units for run 28 over the last half of its evolution. The two energies are very close to
equipartition at all times.

In this alternative interpretation, a density-size correlation may still be present, but
missed by the simulations because the scatter is larger than the column density dynamic
range in the simulations (and in most observational studies). This scenario would leave the
origin of the putative density-size relation unexplained, although it may still be possible
that the Av-R relation is originated by the turbulent energy spectrum, and that the p-R
relation is the consequence of virial equilibrium. Although this scenario cannot be ruled

out with certainty until significantly higher-resolution simulations are performed, it seems
unlikely, becaunse in the simulations, clouds with sizes down to the smallest resolved scale are
often found even at the lowest values of pyp, thus not giving any indication of the presence
of a density-size relation. Instead, clouds of similar average densities often span the whole
range of scales accessible to them. Also, the global balance between the turbulent and
gravitational energies is mostly just a consequence of the presence of a self-regulated cycle
of gravitational contraction, star formation, energy injection to the medium and dispersal,
and again gravitational contraction, as discussed in Vazquez-Semadeni et al. (1995a), so
that near global balance between turbulence and self-gravity is maintained at all times.

Finally, note that here we have not discussed other mechanisms that have been sug-
gested in the literature as responsible for the Av-R relation, such as inverse cascades of
angular momentum, {Henriksen & Turner 1984), critical thermal pressure equilibria (Chié-
ze 1987) or the contribution from the magnetic support (Shu 1987; Myers & Goodman
1988a; Mouschovias & Psaltis 1995; Gammie & Ostriker 1986). We will address the role
of these processes in the stmulations in future work,

10.4.3 Comparison with observations

The lack of correlation between cloud density and size in the simulations appears to be
in contradiction with the correlations found in most observational results (Larson 1981;
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Torrelles et al. 1983; Dame et al. 1986; Falgarone & Pérault 1987; Myers 1990; Wood
et al. 1994). However, as discussed in § 10.4.2, we interpret the discrepancy as an effect
of the limited column density dynamic range of the observations or of selection effects
introduced by focusing exclusively on global intensity maxima in the maps. There are
some examples of observations that have intended to avoid these problems (Carr 1987;
Loren 1989; FPP). The first two authors have focused on clumps within a single molecular
cloud with extensive star formation, thus better sampling the non-gravitationally-bound
turbulent transients. The work of FPP was specifically tailored towards studying low-
brightness regions in molecular clouds. In both Loren (1989) and FPP, column densities
spanning over one and a half orders of magnitude are found.

On the other hand, WMD have recently concluded from an analysis of 60 pm and
100 pm TRAS maps, that column densities of dark clouds cluster typically at N(Hz} =
4 x10?! cm™2 (corresponding to a typical 100 um opacity of Tygp = 200 uNepers), while
claiming that the dynamic range of the data would have allowed detection of any signi-
ficant variations. The discrepancy between these results and those of the present paper
seemingly cannot be explained in terms of the limited column density dynamic range of
their observations.

In actuality, we believe that the results of WMD may be spurious and attributed to a
combination of their selection criteria and the following effect. At 60 pm and 100 gm, one
is observing “warm” dust that could be coming from the “edges” of molecular clouds. If
this “warm” dust is being heated by the visible photons from the galactic stellar radiation
field, it is expected that the depth of the “wartn™ region will be of order of a few Nepers
in the visible. This will lead to apparent constant optical depths when determined fromn
observations of the *warm™ dust.

Detailed radiative transfer models have been presented by Bernard et al. 1992, whom
have already warned against using 100 pm surface brightness as a tracer of dust coluinn
density. In what follows. we present a simpler model that allows us to give first-order
estimates of the scaling of the intensities in the IRAS 60 and 100 pm bands and the
apparent dust opacity as a function of the true dust opacity through the cloud.

Similarly to Jarret et al. 1989 aud WMD. we assume that the ratio of visible to
100 gm absorption effiPorter et al. 1994ncy is (Qv-/Qugo) = 2.0x10%. Tt is important to
emphasize that the 100 gan opacity considered in this ratio is heing produced by small dust
particles that become heated 1o relatively large temperatures and that are responsible for
the observed 100- and 60 gun cuiission. The absorption efficiency ratio that includes all the
dust at 100 ppm is about a factor of 10 smaller (Chini et al. 1986). Furthermore. in the range
of wavelengths between 60 and 100 pan, the absorption efficiency scales approximately as
v~ 1. Using this functional dependence. we can write a crude approximation for the dust
temperature as

Toust = (T + TRap €)%
where Te, and Trap are pseudotemperatures that parameterize the heatings due to cos-
mic rays and radiation. respectively.  (Althongh this approximation is not valid at all
wavelengths, we have checked that using slightly different functional dependences does not

significantly alter our results.) We assume that cosmic ray heating is constant for any
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point in the cloud. Specifically, Tey = 10 K is the temperature that the dust has if heated
only by cosmic rays, and Trap is the temperature that the dust would have if heated only
by the stellar radiation field (at the edge of the cloud, where no absorption is present).
Also, v is the opacity in the visible, that increases as we get deeper into the cloud. In
this simple model TpyusT =~ Trap at the edge of the cloud and it tends to T, for the inner
regions of the cloud (fig. 10.12). The intensities at 60 pm and 100 pm, Igy and Iig0, can be
calculated for clouds with different values of 7y, as shown in fig. 10.13. This calculation is
made assuming that Qo0/Qeo = 604/100x. From this figure it is evident that for clouds
exceeding a few Nepers in 7y, Igp and I1gp do not continue growing with 7. An apparent
dust temperature, Tgp/100 can be derived from Igy and I;00 and the far-infrared opacities
are then obtained. In fig. 10.14, we plot the 100 ym opacity derived in this manner as
a function of the cloud’s 7y for different values of Ti,q. The apparent 100 um opacity
“saturates” at values in the order of 70 to 100 puNepers. Considering that along a line of
sight one expects to intersect the front and the back edges of a cloud, the typical 100 um
opacities of 100 =~ 200uNepers appear to be explained as a result of this effect. The few
clouds with much larger values of 7ygp (up to 795 ~ 10%) reported by WMD are regions
of strong star formation activity, which may heat the clouds from the inside, raising ry¢.
The presence of this effect is also consistent with the limb brightening observed in some
clouds in the far-infrared by Snell et al. 1989 and WMD, and predicted by the models of
Bernard et al. 1992. Note that this effect continues to be applicable even if the clouds are
clumpy, since it should hold at the edges of any density peaks, large or small, as long as
they have a large enough column density. However, note also that this “saturation” effect
in the determination of the apparent 7199 will occur only if reasonably high temperatures
(Thust = 20 K) are present at the cloud’s surface. In any case, for lower dust tempe-

ratures the emission at 60 and 100 pm is very weak and undetectable in practice. One
consequence of this effect is that in order to fully sample the dust from dark clouds one
requires observations at longer wavelengths that will trace the predominant cooler dust
component. We intend to verify this effect by comparing column densities obtained with
different indicators in future work.
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FI1GURA 10.12: Dust temperature, TpusT, as a function of dust opacity in the visible for Trap = 25 K. Near
the edge of the cloud (left side) Tpugr tends to Trap, while toward the inner regions of the cloud (right side)
heating by radiation becomes negligible and Tpyst tends to the value provided by cosmic ray heating (10 K in our
model).
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Figura 10.13: Luteusity of cloud emission at 100 gt and 60 gan as a function of dust opacity in the visible,
for Tran: 25 K. Note that the growth of the intensity “saturates™ above a few Nepers of dust opacity in the visible,
The reason for this effeet is that bevond o few Nepers of dust opacity in the visible there is no significant radiation
heating and the dust beromes too cold to ernit significantly at 100 g and 60 pm.
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FIGURA 10.14: Apparent warm dust opacity at 100 um (derived from the intensities at 100 um and 66 um),
as a function of dust opacity in the visible for different values of Tpap. Note the “constancy” in the apparent dust
opacity at 100 um once the cloud exceeds a few Nepers in dust opacity in the visible, practically independently of
TrAD-

The effect discussed above may clearly impose an upper bound to the column densities
derived by WMD. Furthermore, concerning their selection criteria, it should be noticed
that WMD define core, cloud and cloud complex in terms of ranges of extinction. This
directly selects against identification of low-column density structures. In fact, in their
maps, small, low-extinction clouds are readily seen, but not classified as such precisely

because of their low extinctions. Thus, the column densities of the cores studied by WMD
are bound from above due to the “saturation” effect of the cloud edges, and from below by
their very definition of a core, rendering their derived column density constancy open to
question.

10.5 Summary and Conclusions

In this paper we have searched for Larson-type (1981) correlations and cloud mass spectrum
slopes in the clouds generated in numerical simnulations of the ISM, one [rom PVP95a, a
similar one with a larger density dynamic range, and another with higher resolution. We
define a cloud as a connected set of pixels in the density field with values larger than an
arbitrary threshold pi,. From the results at various different times in the two simulations,
we find that the mass spectrum has the form dN/dM o M~1#%1 and the velocity
dispersion is related to the cloud size by Av oc R*41%%8 where the errors are the standard
deviations in the set of values including all the various times. The dispersion-size relation
exhibits a scatter of about an order of magnitude, comparable to the scatter observed in
real clouds.

The simulated clouds do not exhibit a density-size relation, but instead, at all mean
densities, clouds of sizes down to the smallest resolved scales are commonly found. This
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result implies that the clouds do not have constant column densities, but instead exhibit a
range of roughly two orders of magnitude, thus providing strong support to the possibility
that the observationally-derived density-size relation is an artifact of the limited dynamic
range employed by observational surveys, and of the criteria used for selecting the clouds,
as first noticed by Larson (1981), and then strongly argued for by Scalo {1990). Our
results suggest that low-column density clouds do exist in the ISM, but are systematically
missed by most observations. In the simulations, low-column density clouds are turbulent
transients, as in the suggestion by Magnani et al. (1993). Observational work that has used
complete cloud samples {e.g., Loren 1989), or specifically looked at structures in the low
brightness regions of molecular clouds (FPP), has indeed found a reported column density
variability of over one and a half orders of magnitude, and masses well below the virial
mass, by factors up to two orders of magnitude. However, note that in our simulations most
of the mass resides in the largest clouds at each mean density, since there are comparable
numbers of small and large clouds.

The set of largest clouds at every threshold py, exhibits a density-size relation p ~ R,
with @ = —0.8 + .15. These clouds appear to be close to balance between turbulence and
self-gravity on occasions, but not in general. On the other hand, pure mass conservation,
which gives an upper limit —a < 2 for the two-dimensional case, together with numerical
limitations of the simulations, cannot be ruled out as the sole causes responsible for this
result. In any case, regardless of what the specific slope of the envelope turns out to
be upon removal of numerical effects, our results suggest that the notion of a density-
size scaling relation should probably be replaced by that of an “allowed™ region in p-R
space. Whether the high-column density boundary is truly a power law, the value of its
corresponding index, and the physical mechanism responsible for it. are issues that remain
to be determined by high resolution 3D simulations.

The result that the Ae-R relation is verified in the simulations but the p-R relation
is not. supports the interpretation that the former relation is a direct consequence of the
statistical properties of the turbulence, since a turbulent energy spectrum of the form
E(k) ~ k™2, as observed in the simulations. implies an RY? scaling for the velocity disper-
sion. However, we discussed the possibility that a density-size relation does exist, although
with a scatter larger than the column density dynamic range spanned by the clouds in
the simulations. Such a scatter would be consistent with balance between turbulence and
self-gravity. with a scatter of one order of magnitude in the velocity dispersion, according
to relation {10.10). In this case. the origin of the p-R relation would remain unknown,
and the turbulent origin of the Ae-R relation would have not as strong a support. This
possibility cannot be ruled out without very high resolution simulations in order to add
at least another order of magnitude to the column density dynamic range. However. the
simutations do not give any indication that this may be the case, since cloud sizes down to
the sinallest resolved scales are found even at the lowest values of pyy,. Besides, the column
density dynamic range in the simulations is already larger than that of most observational
SUTVEYS,

We also discussed the recent results of WMD, who have argued in favor of a surprisingly
constant column density {(to within a factor of a few) in a large sample of cores studied
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through TRAS 60 and 100 pm maps, while claiming a very large dynamic range in their
observational method. We argued that this result may be spurious, by presenting a model in
which the warm “skin” of clouds and cores, which is likely to always have visual extinctions
of order unity, puts an upper bound to the column densities measured by WMD. From
below, WMD’s own selection criteria eliminate low-column density clouds, thus mimicking
a nearly uniform column density.

Finally, we remark that in this paper we have limited the discussion to the trends of
the density and velocity dispersion with size, omitting any discussion of the role of the
magnetic field, which is clearly important for the dynamics of the simulations (PVP95a).
A detailed account of the energy budget in the simulations including the magnetic energy
density, as well as surface terms is under way.
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10.6  Appendix

In this appendix? we make an order of magnitude estimate of the effect of the numerical
difussion term in the continuity equation. Consider the continuity equation, eq (10.4):

2
5 PV (pu) = uV2p. (10.11)

In order to estimate the effects of difussion, we consider the extreme case when the ad-
vection term can be neglected, so that the mass equation becomes the standard difussion
equation:

== = 42 (10.12)
T uVep . /
For simplicity, we consider a one-dimensional {axisymmetric) problem, whose solution is
(see, e.g., Habbermann 1987):

+oe _ ’
p(:c,t)=§i_r _ f () \/?t exp( ”’4‘1‘")) da', (10.13)

where f(z') is the initial den51ty distribution, which we assume to be a Gaussian, f(z') =
po exp(—z?/202). In what follows, we will identify the width o of the Gaussian with the
size of the cloud of interest. Equation (10.13) then becomes:

1 1/2 22 [20°
- L Y 10.14
o) =m( ) e - i) (1014)

En el articulo original (ApJ 474, 292) existen un par de errores tipograficos en las ecuaciones (10.16)
y (10.17), las cuales han sido corregidos en la presente version. Adicionalmente, en el capitulo siguiente se
comenta la existencia de este par de erratas.
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where

2 2
o Vo9 _garx103( -2 . (10.15)
Leode 2u pixels

is the characteristic diffugion time in units of the code, tcode = 1.3 x 107 yr, and the second
equality follows from using the value ¢ = 0.008 {see PVP95a) (note that the size of the
integration box is 27 in the code units). This value of ¢y can be made independent of
the resolution of the simulation by choosing i such that pkZ,, = cst, where kpax is the
maximum Fourier wave number in the simulation, equal to 1/2 of the resolution.

Now consider the turbulent crossing (or nonlinear) time for scale o:

TNL ™~ O’/U,},

where u; is the turbulent speed associated to the scale I. Note that we are allowing for the
possibility that clouds of size o are generaied by turbulent streams of different, typically
larger, size [ (see §10.4.1). This velocity can be estimated from the turbulent energy
spectrum E(k) as:

that is. w is the root mean square cnergy per unit mass in scales smaller than £ Using
E(k) = 0.1k 72, as indicated by fig. 10.10. onue obtains:

TNL _{ [/pixels 12
Feode Thres/ Pixels

where i 1s the number of pixels (i.e., the resolution) per spatial dimension of the simula-
tion. From equations (10.15) and (10.16), we can now compare the diffusion and nonlincar

times, in order to determine the scale at which they are equal. Assuming that [ = o, we

lq ) 16.33
= ) 1017
(pixels) mi/3 ( )

and thus. clouds with sizes lower than ~ 16 pixels are dominated by the nunerical mass-

obtain:

difussion. Therefore. it is important to assess the effect of mass diffusion in the results
of §10.3. To do this. we take the extreme position that for time durations At < 7xp. a
Gaussian cloud is affected exclusively by diffusion. and compute the fractional variation
of its central density over rp. In fig. 1015 we show the evolution of p(0.1)/pg given by
equation (10.14) over 71 for a clond of size ¢ = 4 pixels. Note that this is a worst-case
estitnate. since on the one hand, in the plots below we have discarded clouds with sizes < 4
pixels in order to avoid viscosity effects (see §10.4.1). which is most affected hy diffusion.

while. on the other hand, we have taken m = 1.
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Ficura 10.15: Fractional change of the central density p(0,£)/po of a cloud of size 4 pixels. The fractional
change shown here is an upper bound to the corrections applied to the simulated data, since we have considered a
cloud with size smatler than the minimum cloud size retained, and m = 1in eq. (10.17).

As we can see from fig. 10.15, the density decreases by a factor < 5. Typically, thus, we
can expect our density data to change by factors smaller than half an order of magnitude.

Using the above results, we can produce a “corrected" density-size plot with the esti-
mated “true” densities peoy calculated as:

Peore ~ Paata (1 + TNL/tU)l/g' (10.18)

where pyat, are the raw cloud mean densities as produced by the simulations, and the
“true" sizes are obtained assuming mass conservation:

Rdata
Reorr ~ . 10.19
COorr (] +TNL/t0)1/4 ( )

The “corrected" density-size plots are shown in figs. 10.16 and 10.17 for Run 28bis and the
high-resolution Run 28.800, respectively. We see that, although slightly pushed closer to
a correlation in the case of Run 28 bis, the general trend of these plots still supports the
main conclusion from §10.3, namely that clouds of sizes down to the resolution are seen at
all mean densities.
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Figura 10.16: “Corrected” density-size plot for Run 28bis using the estimates for the ‘true” density and size
of the clouds given by equations (10.18) and {10.19). Note that a range of roughly two orders of magnitude in size
rernains for the lowest mean density clouds,

4 L RS aw s o S

w
—
»

=)
E
-

log<p

'
o
X
'
o
3]
s

Figura 10.17: Same as figure 10,16, Lut for Run 28.800. Here, the sizes of the lowest-density clouds vary by
nearly 2.5 orders of magnitude. Note that, although only clouds with sizes larger than 4 pixels are retained, the
stiallest clouds in this figure have sizes smaller than that because of the size “correction™, eq. (10.195.
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Capitulo 11

Dimension Fractal y Autosimilaridad
de las Nubes Interestelares

Recientemente, han aparecido en la literatura sugerencias de que las nubes interestelares
tienen una estructura fractal (e.g., Fagarone et al. 1990, 1991; Elmegreen & Falgarone
1996; MacLow & Ossenkopf 1999}, e incluso multifractal (Chappel & Scalo 1999). E!
nombre “fractal” fue introducido por Mandelbrot (1975) para definir conjuntos matematicos
o geométricos cuya dimensién no es entera, sino fraccionarial.

La dimension de un objeto cuantifica como cambia el drea o vohuuen de un objeto.
seglin cambia su extension lineal (tamafio). Por cjemplo, en el caso en que una curva
puede aproximarse por N segmentos de linea recta de tamano r, la longitud de dicha curva
es L{r} = Nr. En ¢l caso de los fractales, conformie N tiende a infinito, la longitud L
diverge. Sin embargo, existe un expouente critico Dy > 1 tal que el producto NrP#
es finito, de manera que para exponcutes mayores que Dy, el producto tiende a coro, y
para expouentes menores que Dy el producto diverge. Este exponcute critico se llama
dinrension de Haunsdorff. Notese ademas que para una curva suave, Dy = 1. Otro ¢jeniplo
es ol caso de una figura geométrica regular, como es el caso de nn circulo. donde ol drea va
como su radio al cuadrado, wientras que i la figura es fractal, el area avmenta como uua
potencia fraccionaria del radio. Este exponente constituye la dirnensidn fractal del objeto.

Mientras que. para los fractales matematicos, la autosimilaridad (es decir. la capacidad
de presentar la misina estructura a diferentes resohuciones) se da sobre un nfunero infinito
de escalas, para los objetos fisicos con caracteristicas fractales la autosimilaridad se da tan
sOlo en un intervalo limitado de escalas. En particular, el intervalo de escalas para las
nibes interestelares s de unos 4 ordenes de magnitud, desde ~ 0.01 hasta 100 pe {ver,
c.g.. Combes 1999).

Para objetos bidimensionales, una manera convenicnte de calendar la dimension fractal
eg caleular los valores del perfmmetro y del drea wsando sucesivamente diferentes resoluciones
para el mismo objeto, y construir la relacion entre el perimetro p oy el drea A, Asi. la

! Actunalmente, se reconoce gue existen fractales con dimension entera.  Estrictamente hablando, un
objote s fractal 8 su dimension es diferente de 0.5, Sin embargo, no es el interés del presente trabajo

entrar en este tipo de discusion.

93




Parte 11 Virial, Balance Energético y Relaciones de Escala §11 Fractalidad y Autosimilaridad

dimension fractal d queda definida mediante la relacion

p o A2 (11.1)

Haciendo uso de esta definicion, Falgarone et al. {1991) estudian un conjunto de obser-
vaciones de nubes moleculares?, encontrando que la dimension fractal® d es ~ 1.36, valor
similar al reportado por Bazell & Desert (1988) usando isocontornos de emision en 100,
o por Vogelaar & Wakker (1994} utilizando emisién de H L.

A fin de cuantificar la dimensién fractal de las nubes en las simulaciones numeéricas, en
la Fig. 11.1 graficamos el perimetro vs. el area de el mismo conjunto de nubes utilizado
para cuantificar los valores de los términos del teorema virial en las secciones anteriores.
El perfmetro es calculado contando todos aquellos pixeles que hacen contacto con el medio
exterior, mientras que el area es calculada contando todos los pixeles que constituyen la
nube. De esta grifica notamos que para las nubes miés grandes se cumple la relacion

p o A% (11.2)

_
_—

de manera que la dimensién fractal de las pubes en las simulaciones es d ~ 1.4 (ec. {11.1]).
Por otra parte, dado que las simulacivnes tienen resolucién finita, para las nubes mds
pequeiias (unos cuantos pixeles) el niimero de pixeles qite constituyen la nube se acerca
al namerc de pixeles que son frontera de ésta {(especialmente en nubes filamentarias), de
manera que éstas nubes caen sobre la recta y = z. Por dltimo, es importante mencionar
que existe un conjunto de nubes medianas, las cuales tienen una dimension fractal del
orden de la unidad (conjunto de puntos con pendiente ~ 0.5 en la Fig. 11.1, con areas
entre 10 y 100 pixeles, aproximadamente). Para este conjunto de puntos, el drea aumenta
de manera cuadréatica con el tamafio, posiblemente debido al efecto de la difusion de masa,
que suaviza las estructuras de tamafos hasta ~ 15 pixeles (Ballesteros-Paredes et al. 1997.

§10).

*Notese gue si bien las nubes son objetos tridimensionales, las im4genes obtenidas en diferentes frecuen-
cias son, por construccién, 2D.

s importante hacer recalcar que en este calenlo esta implicito el hecho de que Ja dimensién fractal es la
misma para todas las nubes, de manera que medir la dimensién fractal para una nube dada con diferentes
resoluciones es equivalente a medir la dimensién fractal para muchas nubes, usande la misma resolucion.
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log{perimeter [pixels] }
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FIGURA 11.1: Prrimetrn vs. drea (en unidadoes logaritmicas) para un conjunto de nubes en las simulaciones
numéricas.  Notese la existencia de tres repinenes diferentes: para las nubes mas pequeias (< 20 pixeles), el
peximetto y el drea sou iguales, ya que el nurnero de puntos que constituyen el area de la nube también constituyen
la frontera de éstas. Parg las nubes de escalas intermediag (entre 20 ¥ 100 pixeles), la penidients pusde aproximarse a
0.5, sugiriendo gue la dimension fractal es 1, o bien, que ¢l drea de la nube varfa de manera cuadrdtica con la escala
lieal. Sin embargo, para las nubes mas grandes (> 100 pixeles), cuyas escalas son considerablemente mayores a la
resolucion, la dimension fractal es aproximadamente 1.4, como se obtiene para las nubes interestelares.

Antes de finalizar el presente capitulo debemos mencionar que. si bien las simulaciones
sont 2D, las nubes observadas son la proyeecion 2D de objesos tridimensionales. Por 1o tan-
to, aunque este resubtado podria sngerir que las simulaciones exhiben valores razonables
de la dimension fractal, no es claro que la fractalidad de objetos estrictamente bidimensio-
nales deba coincidir con la de objetos tridimensionales proyectados en un plano. Ademas,
os fportante mencionar que este resultado podria ser debido al método de medicion uti-
lizado, ¥ no tanto a uba caracterfstica relacionada con los procesos fisicos en las nubes
interestelares {Scalo. comunicacion privada). Serd necesarto mas trabajo antes de poder

estitnar la relevancia de este resultado.
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Formacion de Nubes
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Capitulo 12

Presentacion

En los capitulos anteriores hemos visto como el medio interestelar, de estar bien represen-
tado por las simulaciones numéricas, constituye un fluido altamente dinamico y turbulento,
donde las estructuras se encuentran lejos de un posible balance virial o de equilibrio hi-
drostatico. Esto sugiere que los procesos fisicos involucrados afectan de manera continua
a las nubes, haciendo que cxista un flujo de masa, momento y energia entre las nubes y
su medio circundante. De hecho, en estas condiciones, las nubes mismas constituyen las
fluctuaciones de densidad inducidas por la turbulencia.

Con ésto en mente. nos propusimos entender el comportamiento de las estrocturas de
densidad y su relacion con el campo de velocidades en todas las escalas, encontrando que
los movimientos coherentes a cierta escala son capaces de formar estructuras en cscalas
nicnores, o incluso de desatar colapso gravitacional en regiones gravitacionaliente estables
de acuerdo al criterio lineal.

De esta manera. en los capitulos subsccuentes se estudiaran las simulaciones bajo el
enfoque de la formacion de nubes. En el capitulo 13 discutimos las posibles implicaciones
de la turbulencia en la formacion y deformacion de las estructuras. Dado que este modelo
parece tener tmplicaciones sobre las escalas de tiempo para la formacion de estructuras,
en el capitulo 14 introducimos el problema de la aparente incompatibilidad entre la edad
estimada para nubes moleculares. del orden de varias veces 107 atios, y la de su poblacion
estelar, del orden de 10° anos (el problema post-T Tauri enunciado por Herbig 1978). mien-
tras que en ol capitulo 15 damos una posible solucion a este problema desde la perspectiva
de las mibes formadas por flujos turbulentos convergentes en escalas de tiempo cortas {unos

cuantos millones de anos).
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Capitulo 13

Articulo 4

Clouds as turbulent density fluctuations. Implications for
pressure confinement and spectral line data interpretation

Javier Ballesteros-Paredes, Enrique Vizquez-Semadeni and John Scalo

Apd. 515, 286. 1999
Resumen

Examinamos la idea de gue las nubes difusas de HI y las nubes moleculares gigantes,
junto con su subestructura. se forman como fluctuaciones de densidad inducidas por la
turbulencia interestelar a gran escala. Hacemos ésto mediante la investigacion detallada
de la topologia de los campos de velocidad, densidad y magnético dentro y en las fronteras
e las nubes en siimulaciones hidimensionales de alta resolucion del medio interestelar. las
cuales incluyen autogravedad, campos magnéticos, calentamiento y enfriamiento parame-
trizado y un modelo siimple de formacion estelar. Encontramos que el campo de velocidad
es continuo a través de las fronteras de las nubes para un conjunto jerarguico de nubes de
tamanos progresivamente menores. Encontramos gue las fronteras de las nubes, definidas
ntediante un criterio de densidad wubral. son arbitrarias, sin correspondencia con alguna
frontera real, tal comoe una discontinuidad en la densidad. Los saltos abruptos de veloeidad
coineiden con les maximos de densidad. indicando que las nubes son formadas por Aujos
de gas en colision. Esta concluston tambien estd fundamentada por el hecho de que los
térninos cinéticos superficial y volumétrico del Teorema Virial euleriano para un conjunto
de nubes son comuparables en general. asi como por la topologia del campo magnético, el
cual exhibe dobleces ¢ inversiones donde las corrientes de gas chocan. Sin embargo. ne se
observa ninguna tendencia a que las estructuras de densidad estén alineadas con el campo
magnético. Observamos también movimientos sub- y super-alfvénicos dentro de las nubes,
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A la Iuz de estos resultados, argumentamos que el equilibrio de presién térmica es irre-
levante para confinar a las nubes en un medio turbulento, pues los movimientos inerciales
pueden distorsionar o romper las nubes, a menos de que éstas estén ligadas gravitacional-
mente. Tampoco confinamiento por presion turbulenta parece relevante, pues la turbu-
lencia contiene movimientos a gran escala que necesariamente distorsionarian las fonteras
lagrangianas de las uubes o, equivalentemente, causarian un flujo a través de las fronteras
eulerianas.

Discutimos la compatibilidad del presente escenario con datos observacionales. Encon-
tramos que los histogramas de velocidad pesados por masa son consistentes con perfiles de
linea observacionales cuya resolucion espacial y espectral es comparable, presentando an-
chos de linea y subestruciura espectral similar. Un analisis de las regiones que contribuyen
a cada intervalo de velocidad indica que las caracteristicas espectrales de estos histogramas
no provienen de nicleos aislados, Por el contrario, provienen de regiones extendidas a lo
largo de la nube, los cuales frecuentemente tienen vectores de velocidad compleiamente
diferentes.

Finalmente, argumentamos que el escenario presentado aqui tambien puede ser apli-
cable a escalas menores y densidades mayores (nubes moleculares y su subestructura, al
menos hasta n ~ 10%-10% cm™?), y sugerimos que las configuraciones en equilibrio cuasi-
hidrostético no pueden ser producto de fluctuaciones turbulentas a menos de que el compor-
tamiento termodinamico del flujo se vuelva aproximadamente adiabatico. Demostramos,
usando tasas de enfriamiento apropiadas, que ésto no ocurre excepto en regiones muy
pequefias (< 1072 pc) o hasta que se alcancen densidades protoestelares.

-—
Abstract —

We examine the idea that diffuse HI and giant molecular clouds and their substructure
form as density fluctuations induced by large scale interstellar turbulence. We do this by
closely investigating the topology of the velocity, density and magnetic fields within and
at the boundaries of the clonds emerging in high-resolution two-dimensional simulations of
the ISM including self-gravity, magnetic fields, parameterized heating and cooling and a
simple model for star formation. We find that the velocity field is continuous across cloud
boundaries for a hierarchy of clouds of progressively smaller sizes. Cloud boundaries defined
by a density-threshold criterion are found to be quite arbitrary, with no correspondence to
any actual physical houndary, such as a density discontinuity. Abrupt velocity jumps are
coincident with the density maxima, indicating that the clouds are formed by colliding gas
streams. This conclusion is also supported by the fact that the volume and surface kinetic
terms in the Eulerian Virial Theorem for a cloud ensemble are comparable in general, and
by the topology of the magnetic field, which exhibits bends and reversals where the gas
streams collide. However, no unique trend of alignment between density and magnetic
features is observed. Both sub- and super-Alfvénic motions are observed within the clouds.

In the light of these results, we argue that thermal pressure equilibrium is irrelevant for
cloud confinement in a turbulent medium, since inertial motions can still distort or disrupt a
cloud, unless it is strongly gravitationally bound. Turbulent pressure confinement appears
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self-defeating, because turbulence contains large-scale motions which necessarily distort
Lagrangian cloud boundaries, or equivalently cause flux through Eulerian boundaries.

We then discuss the compatibility of the present scenario with observational data. We
find that density-weighted velocity histograms are consistent with observational line profiles
of comparable spatial and velocity resolution, exhibiting similar FWHMs and similar multi-
component structure. An analysis of the regions contributing to each velocity interval
indicates that the histogram “features” do not come from isolated “clumps”, but rather
from extended regions throughout a cloud, which often have very different total velocity
vectors.

Finally, we argue that the scenario presented here may be also applicable to small
scales with larger densities (molecular clonds and their substructure, up to at least n ~
103-10° cm™3), and conjecture that quasi-hydrostatic configurations cannot be produced
from turbulent fluctuations unless the thermodynamic behavior of the flow becomes nearly
adiabatic. We demonstrate, using appropriate cooling rates, that this will not occur except
for very small regions (< 1072 pc) or until protostellar densities are reached for collapse.

13.1 Introduction

Theoretical models of interstellar clouds and clumps most frequently assume static or sta-
tionary configurations, the clouds being either confined by the external pressure (Maloney
1988; Bertoldi & McKee 1992), or in “virial eguilibrium” hetween their self-gravity and
some form of internal energy. be it thermal (e.g., Chicze 1987), micro-turbulent (e.g.,
Chandrasekhar 19561: Bonazola ot al. 1987; Leorat et al. 1990); Vizquez-Semadeni & Gazol
1995) or magnetic (e.g.. Shu et al. 1987; Mouschovias 1987. Mycers & Goodman 19838h),
forming out of instabilitics or coagulation of smaller clouds (see Elmegreen 1993a for a re-
view), Nevertheless. the interstellar medium (ISM) is well known to be highly violent (e.g.,
MeCray & Snow 1979), and recently it has become increasingly accepted that it is turbu-
lent throughout (c.g.. Scalo 1987; sec also the volume “laterstellar Turbulence” |Franco &
Carraminana 1998]). In such a mediun, clonds may naturally form as turbulent density
fluctuations as well.

Within this dynamic, turbulent framework, it is important to reconsider a nunther of
the standard assumptions of those models. This Is most adequately done in the context
of detailed inspections of the topology of the various fields in numerical simulations of
turbulence in the ISM (Passot, Vazquez-Semadent & Pouquet 1995), in whick clowds are
observed to form and evolve, and a Virial Theorem {(VT) aunalysis of such data.

The VT is a very uscful tool for describing the balance hetween all the physical agents
in molecular clouds. Customarily, the VT is considered in a Lagrangian frame, i.c.. a frame
nioving with the flow. However. there are circumstances when one would prefer to use an
Eulerian description. For example. a Lagrangian description is clearly not well suited for
deseribing the propagation of a wave. in which the fluid does uot move along with the
perturbation. while in the case of an isolated ohject a Lagrangian description fits most
naturally {see also Vazquez-Semadeni, Passot & Pouquet 1996, hereafter VSPP96). In the
interstellar case, if significant mass exchange oceurs between a cloud and its surroundings.
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such as an accreting cloud, an Eulerian description (fixed in space) may be preferable
since a Lagrangian boundary would undergo severe distortions. Parker (1969) derived an
Eulerian form of the Virial Theorem (EVT) in tensor form, but he explicitly neglected
the mass flux through the surface of the cloud. More recently, McKee & Zweibel (1992)
(hereafter MZ92) have written all the terms entering the EVT:

%fE:Q(&;h +5kin—7;h-—'ﬂ{in)+M+W—%dF? (13.1)
where Ip = [, pr®dV is the moment of inertia of the cloud, &y = 3/2 [}, PydV is the
thermal energy, with F, being the thermal pressure; &, = 1/2 fv pu?dV is the kinetic
energy, Tm = 1/2 §¢ (2 Py )73dS is the surface thermal term, T, = 1/2 ¢ (z;puiuj)h;dS
is the surface kinetic term, M = 1/8x [;, B2V + [, 2;Ti;7;dS is the magnetic term,
with Tj; the Maxwell stress tensor, W = fv pr;dVois the gravitational term and @ =
595, pxr’u;7;dS is the flux of moment of inertia through the surface of the cloud. Sums over
repeated indices are assumed unless otherwise stated. _

Frequently, the surface terms are neglected altogether, especially in observational work
(Larson 1981; Torrelles et al. 1983; Myers & Goodman 1988a; Fuller & Myers 1992), alt-
hough it is also a common practice in theoretical studies, as a consequence of assuming
isolated clouds (e.g., Chandrasekhar 1953; Parker 1969; Parker 1979). The most notable
exception is the therinal pressure surface term T, which is frequently invoked for “pressure
confinement” (e.g. McCrea 1957; Keto & Myers 1986; Maloney 1988; Bertoldi & McKee
1992;-McLaughin & Pudritz 1996; Yopekura et al. 1997). By analogy, McKee & Zweibel
{1992} have counsidered the possibility of turbulent lent pressure confinement by means of the ——- -
term Tgiy. However, in the present paper we will argue that both kinds of pressure confi-
nement require idealized conditions that are not likely to be realized in the actual ISM. If
the interstellar medium (ISM) is globally turbulent, the velocity lield is in general locally
nonzero, and thermal pressure balance may be irrelevant, since a cloud can still undergo
deformation due to the inertial motions, which will induce a nonzero RHS via the kinetic
terms Eyiy, Twin, and d@/dt.

Concerning turbulent pressure confinement, its feasibility requires the underlying as-
sumption that the turbulence be microscopic, so that it can be considered isotropic compa-
red to the scale of the cloud. However, turbulence is inherently a multi-scale phenomenon,
and is expected to contain excitation at scales comparable or even larger to that of the
cloud. It is in this context that the clouds may be considered as density fluctuations
produced by larger-scale compressive turbulent motions (e.g., Hunter 1979; Larson 1981;
Hunter & Fleck 1982; Hunter et al. 1986; Elmegreen 1993b; Vézquez-Semadeni, Passot &
Pouquet 1995, hereafter VSPP95). Such clouds are then turbulent fluctuations, and can
either rebound, fragment or collapse depending on the compressive energy available, the
cooling ability of the flow, the topology of the velocity and magnetic fields, the production
of internal turbulent motions and a number of instability mechanisms (e.g., Elmegreen &
Elmegreen 1978; Vishniac 1983, 1994; Hunter et al. 1986; Tohline, et al. 1987; Stevens et
al. 1992; Elmegreen 1993b; VPP96; Kornreich & Scalo 1998). On observational grounds,
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Gémez de Castro et al. (1997) have similarly suggested that high-latitude molecular clouds
may originate at the collision sites of infalling HI high-velocity streams.

Note that in this scenario, clouds and clumps need not be in a static or quasi-static
equilibrium at any time. Moreover, the fact that clouds and clumps are observed to be
internally turbulent suggests that the turbulence has not been completely dissipated inside.
In fact, Kornreich & Scalo (1998) showed that shocks running obliquely through a density
gradient will produce further internal turbulence. This also underscores the importance
of the question of the degree to which clouds have “sharp” boundaries, since shock-cloud
simulations for clouds with sharp boundaries enly produce vorticity in a surface shear layer
(e.g- Klein et al. 1995), not internal motions.

The plan of the paper is as follows. We start in §13.2 by discussing the role of the
kinetic terms in the VT and the implications for pressure confinement, Then, after briefly
describing the numerical simulations (§13.3), we proceed to a description of our results (§
13.4), starting with a discussion of the density, velocity and magnetic features that arise,
and their spatial correlations (§13.4.1). Then we present an evaluation of the surface and
volume kinetic terms in the VT, suggesting that their similarity may be the resnit of both
types of terms measuring the same phenomenon (§ 13.4.2). The super- or sub-Alfvénic
character of the motions is discussed in §13.4.3. In § 13.5 we present several comparisons
with known observational data, such as line profiles observed in cloud complexes (§13.5.1),
the topology of the magnetic field (§ 13.5.2), and the lifetimes of the clouds (§ 13.5.3). In
§ 13.6 we then discuss several consequences and possible caveats, like whether the scenario
proposed here cau be applicable to smaller, denser scales. the unlikeliness of forming quasis-
tatic clumps in a turbwlent iedium, and the effect of the dimeusionality of our simulations.
Finally, we give a sumary and some conclusions in §13.7.

1t is interesting to note that the prescut paper may be regarded as theoretical jus-
tification for the suggestion wade over 43 years ago by Chandrasekhar & Miinch 1952
that an alternative to the picture that visualizes the interstellar medinm as consisting of a

distribution of diserete clouds might be necessary.

13.2 Kinetic Terms in the FEulerian Virial Theorem

As is well known {e.g.. Parker 1979 McKee & Zweibel 1992), the EVT can be obtained

from the conservative form of the momentum equation,

d{pu;) ;){1 uJ
L4 _S_ F, (13.2
i d 3-2)

(where £ generically represents the various foree densities involved in the problem) by
dotting it with the position vector x and iutegrating over a volume V fixed in space. We
remind the reader that the full Virial Theorem, eq. {13.1). holds always because it is a
direct consequence of the momentum equation, although this does not necessarily imply
that the system is In equilibrinm or, in particular, that the linewidth of an interstellar
cloud is directly related to its mass and radius (Maloney 1988). A detailed analysis of the
VT in our simulations will be prescuted elsewhere (Ballesteros-Paredes et al. 1999).
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In the present paper we focus on the relative importance of the surface and volumetric
kinetic terms, and their role in shaping the clouds. It can be easily checked that, in the EVT
{eq. [13.1]), the kinetic energy &yin, the kinetic surface term Ty, and the time-derivative
terms [z and d®/dt, originate from the LHS in the momentum equation (eq. [13.2]). While
the meaning of the kinetic energy term &£y, is obvious, the kinetic surface term 7y, has two
possible interpretations. One is as half the flux of the instantaneous rate of change of the
moment of inertia pz;u; through the cloud’s surface. Alternatively, it can be interpreted
as the sum of the ram pressure plus the kinetic stresses, both evaluated at the surface of
the cloud:

fxipu,;ujﬁ.jds = f zipulhdS + % z;pususf;ds, (13.3)
5 hy g

where ¢ # 7 in the last surface integral. The first term on the RHS of eq. (13.3) is analogous .

to the thermal pressure surface term. The secoud term, on the other hand, reflects the fact
that the turbulent motions are not isotropie, giving off-diagonal contributions to the total
pressure tensor Ily; = Pydy; + pusu; (Landau & Liftshitz 1987). This exhibits in a clear
way the difference between the isotropic nature of the thermal pressure and the anisotropic
nature of the “burbulent” pressure.

Another important difference between the thermal and “turbulent” pressures lies in the
fact that the latter is in general expected to involve motions of scales comparable to that
of the cloud, as mentioned in §13.1. Bui since the velocity field carries mass with it, such
large-scale motions necessarily imply a mass flux across fixed, Eulerian cloud boundaries.

Scalo 1990, Falgarone et al. 1991).

The exception to the scenario depicted above is the case of strongly self-gravitating
clumps in {magneto-) hydrostatic equilibrium, from which the gas cannot escape once it has
been captured (“decouples” from the intercloud medium). In this case, the cloud should be

bound by an accretion shock and, although strictly speaking there is flux across the shock,

the accreted material is not mixed far beyond the shock into the cloud’s “body”. However,
it seems to us that the guestion as to whether such guasi-hydrostatic configurations can
actually be produced in a turbulent [SM remains open, as discussed in § 13.6.1.

13.3 Numerical Simulations

In the following sections, we discuss the topology of the density, velocity and magnetic
fields in 2D numerical simulations of the ISM based on the model of Passot, Vazquez-
Semadeni & Pouquet (1995) (hereafter PVP95), which represents 1 kpc? of the ISM on the
Galactic plane, centered at the solar Galactocentric distance. We refer the reader to that
paper for the equations and parameters of the model, which includes self-gravity, magnetic
fields, parameterized cooling and diffuse heating, the Coriolis force, large-scale shear, and
parameterized localized stellar energy input due to ionization heating. The parameterized
cooling is as in Chiang & Bregman (1988), who fitted piecewise power laws to the standard
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cooling calculations of Dalgarno & McCray (1972) and Raymond et al. (1976), and are
appropriate for atomic and ionized gas. As discussed in VPP96, the cooling and diffuse
heating timescales are much shorter than the dynamical timescales, implying that the flow
is always very near thermal equilibrium (except in the vicinity of star formation sites).
Setting up the thermal equilibrium condition, one can find the equilibrium pressure as a
function of the density, which behaves as a piecewise power law P o p7ff. We refer to this
as a piecewnse barotropic behavior. We should emphasize here that, although in previous
papers (e.g. VPP936) we have referred to such barotropic hehavior as “polytropic”, we have
now chosen to abandon such nomenclature in order to avoid any possible confusion with
polytropic hydrostatic spheres. Indeed, the simulations are highly dynamic, and the clouds
within themn are not in hydrostatic equilibrium, in sharp contrast with equilibrium models
of polytropic gas spheres (e.g., Chandrasekhar 1939; Turner 1994; McLaughin & Pudritz
1996; for further discussion, see Vazquez-Semadeni et al. 1998). We refer to veg as the
“barotropic exponent”.

It has been shown by VSPP95 that, for the heating and cooling functions used there, the
thermal equilibriumn values of the temperature and pressure can be expressed as functions
of the density in the range 100 K < 7 < 10% K for non star-forming regions. Therefore,
Yerr Can also be expressed as a piecewise constant over the corresponding density range.
For the fiducial values adopted in the model (PVP95), veg takes the values (VPPI6)

0.25 157 < p (100 < T < 2000)
Yo = 4 0. 0.39 < p < 15T (2000 < T < 8000) (13.4)
0.48 3.15 x 1073 < » < 0.39 (8000 £ T < 10°)

where densitics are in units of cm ¥ and temperatures in Kelvins.

In eq. (13.4), equilibriumn temperature ranges equivalent to the spocified density ranges
are indicated in parentheses. In the simulations, stellar ionization heating is modeled
by means of a local heating source which is turned on if the density exceeds a critical
value py, = 30{p), where the brackets denote an average over the whole volume of the
simulation. Note that temiperatures over afew x 107 K are never reached in the sitnulations.
because supernovae are not included, since these require non-trivial modifications to the
code {Gazol-Patino & Passot 1999). The maximum deusities reached in the simulations
arc ~ 100 cru2, with 7 ~ 100 K.

The simulations we use are refinements of the PVP95 model at a higher resolution
{BO0%R00 grid poiats). presented in Vazquez-Semadeni. Ballesteros-Paredes, & Rodriguer
{1997). The stellar energy injection maintaing the turbulence in the mediwn., promoting
further cloud formation. Nevertheless. we turn off star formation shortly before the tinme
at which the data are analyzed. in order to allow for the largest possible density gradients.
since otherwise the stellar heating prevents the deusity from reaching values significantly
larger thaw py,. by causing the neighbaoring gas to re-expand. The various physical ¢uan-
tities are i units of pp = 1 e ™, ug = 117 km s7L, Ty = 10 K and By = 954G (sce
PVP95).

We have developed a clond-finding numerical algorithm in physical space (as opposed to
the position-velocity space of observational data) for the density data from the simmulations
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{Ballesteros-Paredes & Vazquez-Semadeni 1995). A cloud is defined as a connected set of
points (pixels) whose densities are larger than a given threshoid py,. The clouds obtained
through this procedure are clearly quite arbitrary, since as gy, is increased the boundary
of the cloud simply moves “inwards”. However, eventually an increase in py; will lead to
a more qualitative change in which a given cloud splits into two or more “children”, in a
similar manner to the “structure trees” used by Houllahan & Scalo 1992. This procedure
1s in a sense analogous to performing observations using different tracers sensitive to diffe-
reni, density ranges. Alternative cloud identification algorithms based on locating density
maxima {e.g., Williams et al. 1994) were not investigated, but we do not expect that such
procedures would affect the gualitative nature of our results, which, as will be seen, appear
to follow quite generally from the physics of the problem.

Given the above algorithm for defining the clouds, the kinetic terms entering the VT

are then evaluated numerically for each cloud, having previously substracted its bulk mass-
averaged velocity, defined as

(13.5)

—

-

in order to measure only the contribution associated to the fluctuations. We réfer to this ————— ——
as measuring the veiocities in the “cloud frame”.

13.4 Results and Discussion

13.4.1 Density and velocity field topology

In figs. 13.1a, b and ¢ we show three hierarchical levels of the density field (gray scale),
with the corresponding velocity fields {arrows). In fig. 13.1c we further denote super- and
sub-Alfvénic velocities with black and white arrows, respectively (see § 13.4.3), where the
Alfvén speed is defined as v2 = B?/p in the code’s units.
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FIGURA 13.1: Three hierarchical levels of clouds in the simulation, showing the logarithmic density scale
with shades of gray, and the velocity field with arrows. Pixel numbers are indicated by the grids. a) The whole

—Simﬂaﬁm,ﬁeldwme, corresponding to 1 kpc. The gray scale shows structures with p 2> gy, = 1.5
cm ™3, b) Magnification of the complex that appears whemrsetting-pyn-—4-in the upper right quadrant of fig. la. ¢}
Magnification of the cloud that appears when setting pyn = 8 in the lower left region of fig. 1b. Black arrows indicate -~ — —
super-Alfvénic velocities in the frame moving with the cloud, and white arrows indicate sub-Alfvénic velocities. The
contours give the magnetic field strength B. Thicker countours indicate larger B-values. The maximum density
value is 55 em~3. The velocities in a and b are shown in the simulation frame, while in ¢ they are in the cloud
framie.

Figure 13.1a shows a snapshot of the simulation at t = 7.2 x 107yr. The density field
ranges from ~ 0.01 to ~ 100 cm™®. Figs. 13.1b and ¢ show two subsequent hierarchical
levels of clouds, cbtained at py, = 4 and 8, respectively. The sizes of the boxes shown in
the three panels are 800, 215 and 45 pixels per side (1 pixel = 1.25 pc). We refer to the
cloud in fig. 13.1b as the “parent” cloud, and to that in fig. 13.1c as the “child” cloud. Note
that only fig. 13.1c shows the velocity field in the cloud frame.

Inspecting the plotted density and velocity fields, we observe that the fluid velocity
at the cloud boundaries is in general continuous, at any level of the hierarchy. Sharp
changes in the velocity field (shocks!) are in gemeral oblique and tend to occur mostly
at the centermost parts of the clouds, where the highly filamentary density field exhibits
“ridges”. This indicates that the density features are produced by colliding streams, a fact
that can be seen more accurately in figs. 13.2a, b and ¢. These show cuts, along the z-
(at y = 514, fig. 13.2a) and y- (at = = 602 and x = 614, figs. b and c respectively) axes,

'In the simulations, shocks are sharp gradients extending over 3 to 5 pixels, due to the action of viscosity
(Vdzquez-Semadeni, Ballesteros-Paredes & Rodriguez 1997)
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of the density p (solid line), and the z- and y-components of the velocity, u, (dotted line)
and vy (long dashed line) for a region containing the clouds of figs. 13.1b and c. The axes

in these plots indicate pixel number. For added clarity, we show in fig. 13.3 the lines along
which these cuts are taken.

g
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Iog"Oimen ve?
log 10{densily)

o
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]

Ve acity (um/sgc)

Figura 13.2: Cuts passing through the cloud shown in fig. 13.1e, {as indicated by the lines in fig. 13.3).
showing the log of the density (solid liney, and the r- {dotted line) and y- {dashed line) componcnuts of the velocity.
a) Cut along £ at y = 514 b) Cut sloug y at + = €02, ¢} Cut along y at ¥ = 614 In a), two peaks are indicated.
Pealk 1 is seen to correspond to an r-shock (abrupt negative gradient) in a) and to a y-shock fu bl Peak 2 {s almast
imperceptible in u,. but is seen to correspond to a y-shock in ¢}, Also, note the “platean™ in u, extending 50 pixels
to the right of peak 1, with average negative values, although with further substructure. Note thar the scale is larger
than in fig. 13.1¢, in order to give a broader view of the velocity components.
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FIGURA 13.3: The same cloud as in fig. 13.1¢, but with superimposed velocity divergence contours. Density
maxima are seen to correspond to maximum negative values of the divergence. Also indicated are the lines along

— which the cuts of fig. 13.2 are taken.
- "

The central parts (3-5 pixels) of the density peaks are seen to correspond in general to
large negative longitudinal gradients du;/dz; (no sum over 7) of the velocity, i.e., shocks.
However, the clouds (i.e:, large density values) extend beyoud the shocks for many more
pixels, where the velocity component exhibits plateaus with superimposed small-scale struc-
ture. These plaleaus are indicative of the approaching streams (extended inward motions).
As an example, consider the peaks labeled “1” and “2” in fig. 13.2a. Peak 1 corresponds to
a shock at = = 602, and is flanked by an expansion wave (du,/dz > 0} on the left, and by
a platean with u, < 0 on the right, although the plateau itself contains substructure. This
peak also corresponds to a shock along the y-direction {fig. 13.2b). Interestingly, peak “27
in fig. 13.2a does not seem to correspond to a shock along the z-direction, but in fig. 13.2¢
it can be seen that it is caused by a shock in the y-direction. In order to further illusirate
this point, in fig. 13.3 we show the same cloud as in fig. 13.1¢, but showing the density
field as a gray-scale image and the divergence du;/dz; of the velocity field with countours.
Local density maxima clearly coincide with local (negative) minima of the divergence.

It is worth noting that in figs. 13.2a, b and ¢, larger-scale density features are also
seen to correspond to large-scale negative gradients of the velocity field, although with
much substructure. See, for example, the large cloud complex (multiple density peak)
extending from 580 < x < 780 in fig. 13.2a. The very largest-scale inward flows are
probably of gravitational rather than turbulent origin (e.g., Vazquez-Semadeni & Pouquet
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1998), since, for example, the upper right quadrant of the simulation has a mean density of
1.7 em ™3, implying an effective Jeans length (taking into account the effective polytropic
exponent, as in eq. {15) of VPP96) of 0.42 times the length of the box. Thus, the region
is Jeans unstable. Besides, the simulations do not include supernovae which could induce
turbulent motions at the largest scales. However, note that in the real ISM both sources
of motion are likely to occur.

600 610 620

520

FIGURA 13.4: Same cloud as in fig. 13.1¢, but with superimposed vorticity contours, There is a significant
correlation between the density (and therefore the divergence) and the vorticity fields. We interpret this as a result
of the generally oblique nature of the stream collisions. Solid (dashed) contours indicate positive (negative) vorticity.
Also shown are the mnagnetie field vectors {arrows), Note the correlation between density and magnetic field bendings
atd the field reversal along the central ridge of the cloud. Note also the general alignment of the field with the
density, although at many places the field crosses the cloud's “boundary™ perpendicularly (e.g., at the conrave region
helow the left filarnent}

There also appears to be a certain amount of spatial correlation between density and
vorticity features. In figure 13.4 we show the vorticity field (contours) superposed onto the
density field {(gray-scale} for the cloud of fig. 13.1c. In this case, the correlation between
loval maxima of the density field and maxima (or minima) of the vorticity field is not
as tight, the critical points of the vorticity being shifted by a few pixels with respect to
the density peaks. Nevertheless, there is still a clear correspondence hetween vorticity
and density features. This correlation can be understood because, as mentioned above.
the strearm collisions are in general oblique. It is possible then that the detailed structure
inside the clouds consists of shocks and tangential discontinuities. Moreover. the shocks are
generally curved and are encountering density variations in the pre-shock gas, so vorticity
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production is expected behind them (Hayes 1957; Passot & Pouquet 1988, Kornreich &
Scalo 1998).

The continuity of the velocity field through the cloud boundaries has an interesting
subjective implication. The definition of a cloud by a density threshold is actually seen
to be rather arbitrary, since the clouds do not have sharp physical boundaries. Thus, as
long as the change in the density threshold does not imply a “splitting” of a cloud into its
offspring, it only amounts to considering the same cloud out to different distances from
the maximum, but without there being any clear “edge” to the cloud (In the Appendix we
rule out the possibility that this might be a numerical artifact of the mass diffusion term
used in the continuity equation |see eq. (3) in Vazquez-Semadeni, Ballesteros-Paredes &
Rodriguez 1997].) In § 13.6.3 we discuss the consistency of this result with observational
data.

13.4.2 Virial surface terms and pressure confinement

The velocity fields observed in the simulations indicate a strong flux of the relevant dyna-
mical quantities through the cloud boundaries at all scales. To quantify this, in fig. 13.5
we show a plot of the kinetic energy &y, vs. the kinetic surface term Ty, for the parent
complex shown in fig. 13.1a and all its daughter clouds resulting from setting py, =4, 8, 11
and 16, and with areas larger than 300 square pixels. The latter requirement is imposed

in order to avoid including clouds so small that they are strongly influenced by viscous

and diffusive numerical effects. The clouds shown in figs. 13.1b and c are represented with

Eﬂgd.iﬁerelltsymboljnjg.ﬂ,.%rmiﬁ(m&ti_hfgt_e_that both kinds of virial terms are

computed in the cloud frame.

It is seen that in general the surface kinetic virial term is of the same order of magnitude
as the volume term, i.e., the kinetic energy contained in the cloud’s volume. This means
that both terms are of similar importance in shaping and supporting the clouds. At a more
detailed level, this seems to be a reflection of the continuity of the velocity field. The flow
is entering the ciouds, and shocking at their innermost regions. Thus, the two terms refer
to essentially the same procéss, only measuring it at different places (one over the cloud’s
volume, the other at the cloud’s boundary but weighted by the distance to the center of
mass), explaining their similar values. This is analogous to the well known property of the
surface and volume thermal pressure terms, that if the pressure is constant the two terms
cancel. '

It is impartant to remark that the similarity between these two terms does not imply
that the cloud is “confined” by turbulent pressure, in the sense that this is not a static
configuration. First, the two terms do not cancel each other exactly, leaving a net contri-
bution available for shaping the cloud (the contribution En — T to d?I/dt?). Second, it
is important to note that the points in fig. 13.5 lie sometimes above and sometimes below
the line Exix = Tiin, indicating that for some clouds the contribution to d2I/dt? is positive,
and negative for others. This implies that the kinetic terms sometimes provide net “sup-
port” and sometimes cause net compression, although in general the clouds are expected
to suffer distortions that cannot be classified as either one of the above. Thus, the clouds
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are evolving with time, continuously changing their volume and shape, since they are the
density fluctuations produced by the turbulence?.

n
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Fiaura 13.5: Kinetic energy Eiga v the kinetic surface termn 7y, for all clouds with areas larger than 300
pixels in the whole field. The complex of tig. 13.1b is shown by a cirele, and the clond in fg. 13.1¢ is shown by the
star, Note the similaricy of the vwo tenins for most of the clouds, indicating that both contribute in similar amounts
to the clouds” virial balance.

The thermal pressure. as discussed in VSPP95, shows little spatial variation {except
near star fortmation sites where it is mnch larger) because 0 < .4 < 1 in general for the
temperature range spanned by the simulations, In particular, veg = 0 implies ati isobaric
medinm. Note that ye < 1 is in agreement with the elementary fact that iu the ISM
denser regions are colder in that temperature range (Myers 1978). In other words, the near
constaney of the pressure in this temperature range is a conseguence of thermal balance
(giving e << 1) in a medivm whose density 1s determined by the turbulent motions,
However. this near spressure equilibrivm”™ has no effect in confining the elouds., which are
in a state of constant change. As stated in VSPPO5, the pressure is slaved to the density
field. which in turn is determined by the velocity field.

2See  the  accompanying video to VSPP953 for a  non-magnetic  example. An  mpeg
video of a  fully MHD  simulation from  PVP83 among others, can be  scen  at
http://www.astroscu,unam.mx/turbulence/movies.html
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13.4.3 Super- and sub-Alfvénic motions and magnetic field topology

Another point worth discussing is the sub- or super-Alfvénic character of the velocity, since
it has been traditionally argued that the motions in molecular clouds are supersonic but
sub-Alfvénic (e.g., Shu et al. 1987}, although more recently it has been claimed by Padoan
& Nordlund (1999) that this may not be so, but rather that motions may generally be super-
Alfvénic. Since in our simulations clouds form out of the general ISM, they represent a
good test to see which of these conditions develop, rather than using some pre-determined
assumption about the sub- or super-Alfvénic character of the problem (e.g., Mouschovias
1987, Lizano & Shu 1989). In fig. 13.1c the black and white arrows respectively denote
super- and sub-Alfvénic velocities in the cloud frame. It is seen that inside the cloud there
are both sub- and super-Alfvénic velocities. Since the velocity field does not show large
magnitude fluctuations at the transition sites, this can only be understood in terms of a
change in the Alfvén speed v,. To see this, in fig. 13.1c contours of the magnitude B of the
magnetic field are shown as well. The contours span the range from 4 to 10 pG, in intervals
of 1.5 uG. Thicker lines indicate progressively larger values of B. The velocity is seen to be
sub-Alfvénic everywhere outside the cloud. Inside the cloud, it is super- Alfvénic in the lower
region of the cloud. In the upper region, the velocity is sub-Alfvénic due to a combination of
large B-values and low densities. Looking down towards the center, another super-Alfvénic
region is seen, due mainly to the increase in the density, which reaches p = 55 cm™2 at the
peak. However, at the peak, the velocity becomes sub-Alfvénic again, this time due to a
sharp decrease in the velocity magnitude itself - sort of a “stagnation point” at the density
peak. These variations are thus due again to the collisions between the magnetized gas

streams, which push the field and cause magnetic shocks and field-reversals where the fluid_

shocks occur, and in general produce a rather chaotic flow. One such reversal is seen to
occur on the filament extending out of the cloud towards the lower left corner of fig. 13.1c.
This is seen on the contours as a decrease in the field’s intensity towards the central ridge
of the filament. Figure 13.4, which shows the magnetic field vectors on top of the density
(gray scale) and the vorticity (contours), shows this phenomenon more clearly.

Note that this trans-Alfvénic character of the motions may explain why the density
peaks are “fat” compared to the stream-collision sites: the information of the presence of
the collision is often able to travel upstream of the flow. Furthermore, since the collisions
are generally oblique, it is likely that magnetosonic waves propagating perpendicular to the
collision surface may overtake the perpendicular component of the oblique fluid motion,
even if the total fluid velocity is super-Alfvénic. In contrast, it is well known that in Burgers
turbulence, where no pressure is available, the density structures are as thin as ailowed by
viscosity exclusively (see, e.g., Chappel & Scalo 1998)}.

The advection of the magnetic field described above is contrary to the usual assumption
that the field controls the fluid motions, forcing the gas to flow along the field lines.
Nevertheless, it is noteworthy that the field strengths developed by the simulations in both
the intercioud medium and in the clouds are not unrealistic. The typical low values of the
field occur at the intercloud medium, and are ~ 1uG, while the largest values occur in
the densest regions, with values ~ 25uG. Nevertheless, the field is quite intermittent, and
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does not follow a unique scaling with the density (PVP95), exhibiting significant variations
within the cloud of fig. 13.1c. Moreover, even under near-equipartition conditions between
kinetic and magnetic energy, the velocity field should be expected to exert as much of an
influence on the magnetic field as viceversa. In § 13.5.2 we discuss the degree to which this
field topology is consistent with observations.

13.5 Comparison with observations.

The scenario presented here differs significantly from the standard view in which clouds
and clumps have well defined boundaries (density discontinuities) which separate them
from a much more tenuous, warmer medium, as in simulations of cloud collisions (e.g.,
Scalo & Pumphrey 1983; Klein et al. 1995; Miniati et al. 1997) and models of cloud
confinement (e.g., Bertoldi & McKee 1992), quasi-static contraction (e.g., Lizano & Shu
1989) and stability {e.g., Ebbert 1955; Bounnor 1956; McLaughin & Pudritz 1996). On
the other hand, Scalo 1990 has suggested that such a standard model may be an over-
idealization stemming from the low resolutions and column density ranges of early studies,
and proposed instead a much more complex scenario in which clouds do not have a well-
defined identity. Our results support this view, and in fact such poorly-defined identity is
reflected in the arbitrariness of cloud- and clump-finding algorithms (e.g., Williams et al.
1994; Vazquez-Semadeni. Ballesteros-Paredes & Rodrigues 1907). It is necessary, however,
to test whether the scenario proposed licre is consistent with different observations.

13.56.1 Comparison between observed spectral-line maps and mass-weighted
velocity histograms

The colliding streams we have described as responsible for cloud formation should manifest
themselves as multiple peaks in density-weighted velocity histograins of one velocity com-
ponent. the equivalent in our simulations of the optically thin line profiles in observational
spectral line maps. Although frequently Gaussian or other smooth curves are used to fit
such lines, conferring the idea that the lines are uni-modal and correspond to well-defined,
isolated entities. in actuality the profiles generally exhibit multiple peaks (for recent exani-
ples. see. c.g., Falgarone ct al. 1994) which are in fact normally interpreted as “clumps”
(c.g.. Williams. Blitz & Stark 1995, hereafter WBS95).

For comparison with observational profiles, we show in fig. 13.6 the density-weighted
Listogram of the x-component of the velocity (w,) for the “parent” cloud showed in fig.
13.1h. As usual, this histogram has been obtained using the local speeds in the cloud frame,
This histogram may be compared with the 3O line profile for the Rosette Molecular
Cloud {RMC) shown iu fig. 4 of WBS95%, This cloud is in many aspeets comparable to
the cloud of fig. 13.1h: while the RMC's dimensions (as deduced from fig. 17 in WBS95)
are ~ 90 x 70 pc. the cloud in fig. 13.1b is ~ 250 x 120 pe. Furthermore. the cloud in fig.

3Although fig. 4 in WBS03 shows " CQ spectra, which are optically thick, there is little, if any. quali-
tative difference with the optically thin "*CO spectra shown in fig. 5 of that paper
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13.1b has a mean density of ~ 10 cm™3, while the gas sampled in the spectrum of fig. 4 of
WBS95 has a mean density ~ 15 cm ™2,

Histogrom of ux Field
10000 T L R S A B S B f LI S | T T
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Parent

FIGURA 13.6: Density-weighted velocity histograms for the parent cloud (fig. 13.1b). Note the FWHM ~5-7

km s~1, and the multi-component structure,

Comparing the histograms for both of these clouds, we note several points in common.
First, both sets of data have FWHMs of roughly 6 km s~! when only the main features
are considered. Second, both sets exhibit high-velocity bumps, at several km s7! from the
centroid. Finally, and probably most importantly, the “main” features are seen to contain
substructure in both sets of plots. However, while such features have been traditionally
interpreted as “clumps”, in our simulations they originate from extended regions within the
cloud.

In order to explain this phenomenon, we show in fig. 13.7 a different representation of
the parent cloud (fig. 13.1b). The isocontours denote the density field, the arrows show
the velocity field in the frame of the cloud, and the various tones of gray represent zones
with nearly the same z-component of the velocity ug. The velocities range from less than
~8 km s~! to more than 8 km s~!. Each tone of gray indicates a velocity interval of 2
km s~1. Several issues are then observed. First, we note that the various peaks in the
histogram of fig. 13.6 contain contributions from extended and separate regions in space.
Second, local density peaks often encompass several velocity intervals, in a similar fashion
to the situation for the entire cloud, suggesting a kind of self-similarity. Note then that
the relative height in the histogram depends mainly in the mass fraction of the gas with
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the corresponding value of u,, since every velocity interval appears to sample a wide range
of densities. Third, a given feature (peak) in the histogram may have contributions from
regions with very different total velocity vectors, which only happen to have a similar z-
component. The above results suggest that the identification of “clumps” as features in
velocity space is risky at best, and possibly erroneous, as already pointed out by Adler &
Roberts (1992) |

650

600

250

FiGURA 13.7: Same cloud as in fig. 13.1b. but indicating the magnitude of the local r-component of the
velocity {grav-scale), in order to identify the origin of the r-velocity features appearing in the histogram of fig.
13.8. The velocity ranges are Indicated in the sidebar. The arrows and contours indicate the velocity and the
density fields, respectively, Three points are noticed. 1. The contribution to any given velocity interval originates
from extended regions throughout the cloud. 2. Regions contributing to a given velocity interval contain zones of
significantly different densities. 3. Regions with the same r-component of the velocity can have completely different

tutal velocity vectors,

Note that these results may seem contradictory with observations of smaller molecular
clouds which appear to have a single narrow velocity component (e.g.. Lada et al. 1997).
However. again this may be a problem of insufficient spectral resolution. Recent work
by Falgarone et al. (1998) shows spectral maps with angular and spectral resolution of
~ 0.01 pe and ~ 0.025 km s~ respectively, int which substantial spatial and spectral strie-
ture appears. Furthermore, even with high-density tracers, which are normally thought te
select “isolated” featires, nmlti-component spectral structure is often observed (e.g.. Pratap
ot al. 1997}, At very high spatial and spectral resolutions, such components can someti-
mes he separately identified (e.g., Girart et al. 1997). although line-of-sight confusion is in

general unavoidable and should always produce spectral substructure.

119




Parte 1II Formacion de Nubes §13 Articulo: Clouds as turbulent density fluctuations...

A final word concerning the velocity field is in order. As pointed out in § 13.4.1, signifi-
cant vorticity is found within the clouds.* Observationally, this may be detected as velocity
gradients along the cloud’s projected area on the sky, which indeed have been observed
(e.g., Arquilla & Goldsmith 1986; Goodman et al. 1993). Furthermore, Miville-Deschéne
et al. (1998) have recently reported possible indirect evidence for vorticity in clouds, based
on the filamentary shapes of regions with large velocity differences and comparison with
nearly incompressible sirmulations, although the analogy with the incompressible case is
not confirmed in a similar study of velocity statistics in clouds with vigorous internal star
formation (Miesch et al. 1999). In any case, velocity gradients that may reflect vorticity
are clearly seen in many regions.

13.5.2 Magnetic Field: alignment, advection and field reversals

Concerning the magnetic field topology, the field reversals and bendings mentioned in
§ 13.4.3 might seem contrary to the widely accepted fact that the magnetic field lines
projected on the plane of the sky, as obtained in polarization analyses (see e.g., Goodman
et al. 1990), are relatively smooth over the area of the clouds. However, on closer inspection
of the field topology in our simulations, there is no contradiction. As can be seen in fig. 13.4,
the magnetic field bendings are correlated with bendings of the density features, so that,
along elongated density features, the field appears rather smooth. Besides, the projection
along the line of sight can make the fleld lines appear smoother than they arc (Ballesteros-
Paredes & VS 1999), and also field reversals may go unnoticed in polarization studies not
accompanied by corresponding Zeeman measurements that determine the direction of the
field.> On-the other hand, evidence that the interaction of a shock with dense molecular gas

is producing a reversal in the line-of-sight field component in the Orion/Eridanus region
has been recently reported (Heiles 1397},

Note also that it is by now well established that the field lines do not in general show
a unique direction of alignment with the density features (Goodman et al. 1992). In our
simulations this is also true. Although in particular for the case shown in fig. 13.4 the field
lines are mostly parallel to the density features, in other cages they are perpendicular (see,

e.g., the concave region at coordinates x ~ 605 and y ~ 510 in fig. 13.4).

13.5.3 Lifetimes of turbulent clouds

An important consideration is whether the turbulent-fluctuation nature of the clouds pro-
posed here gives cloud lifetimes consistent with current estimates. First of all, we should
point out that clonds are not necessarily completely disrupted by the turbulence. Frequen-
tly they are simply sheared, split, merged with others, or they can just re-expand into the
general medium if they are not very strongly self-gravitating, again indicating that the
medium is not in precise pressure balance (see the videos mentioned above).

In any case, a conventional estimate for a typical “lifetime” can be given by 7 = I/ Av,
where [ is a characteristic size of the cloud and Aw its internal velocity dispersion. As an

*Note that “vorticity” here does not necessarily imply solid body rotation.
¥We thank Carl Heiles for pointing out this possibility.
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example, we calculate this for the “daughter” cloud of fig. 13.1c. We find Av = 2.3 km s},
and [ ~ 30 pixels = 37.5 pc. Thus, 7 ~ 1.6 x 107 yr. This value is consistent with various
estimates of GMC lifetimes of order a few x107 yr (Bash et al. 1977; Blitz & Shu 1980;
Larson 1981; Blitz 1994).

Note that cloud lifetime estimates of a few 108 yr have also been suggested (e.g., Kwan
& Valdés 1987), but these are based mostly on coagulation models which require long
times to build up GMCs out of small clouds, and which include the build-up time in the
total lifetime estimate. Moreover, those models were particularly motivated by the need
to explain the presence of molecular clouds in the Galactic interarm region (Solomon et
al. 1985), in terms of a cloud lifetime longer than the arm crossing time, neglecting the
possibility that interarm clouds may form there. Such models are probably inconsistent
with the present turbulent view of the ISM.

13.6 Discussion

13.6.1 Applicability to molecular gas and the role of ¢

The analyses from the previous sections have been performed on simulations which have
reasonably realistic cooling functions and a diffuse heating which decays with increasing
density (mimicking self-shielding} (PVP95). As seen from eq. (13.4), such heating and
cooling rates imply cffective barotropic exponents typically smaller than 1. These heating
and cooling rates are most appropriate for diffuse HI structures, which may be very large
(np to ~ 1 kpe, although small-scale structure must exist there as well). The guestion
then arises as to whether the dynamical scenario we have proposed here is applicable to
molecular clouds (MCs) and their substructure (with sizes ~ 10 to < 0.1 pe). Although
the ultimate test for this problem wili require new numerical simulations, which will he
presented elsewhere. we can discuss the issue to a certain extent here, based on recent
resilts on the role of veg (Tohline et al. 1987, VPP96: Passot & Vazquez-Semadeni 1998),
which is a measure of the thermal characteristics of the fow.

The main difference hetween the parameters of the simulations presented herc and
sowe other set, more appropriate for MCs. is the cffective barotropic exponent of the
flow. (Note that the ouly scale-dependent quantities in our simulations are the heating
and cooling rates. All other quantities are scale-frec.) While in general in our simulations
0 < v < 0.5 (c.f. § 13.3), it is possible that in molecular gas .4 = 1 (Myers 1978).
Actually, the situation at densities 2 10% cn? is rather uncertain, with g possibly
being ~ 1 between 10% and a few 107 em™2 because of the importance of collisional
deexcitation and radiative trapping in CO lines, and either larger or smaller than anity at
larger densities depending on the presence of embedded stellar sources and other factors
{Scalo ot al. 1998).

In any case, we can discuss the expected effect of the gas having ~v.g 2 1 on the
nature of the density fluctuations arising in the flow. It has recently been shown by
Passot & Vazquez-Semadeni (1998) that at larger e the density peaks are spatially more
extended and of smaller amplitude, while the density minima are very deep. At small g
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(0 € et < 1), the situation is reversed, the peaks being very concentrated and large,
while the minima are not as deep. This is because the sound speed ¢ scales with the
density as pl7#—1)/2, causing the peaks to re-expand faster at larger Yeg. At Yer = 1 a
critical case occurs, the fluctuations of Inp being symmetrical with respect to the mean.
VPP96 have calculated the density jump for shocks in a barotropic fluid parameterized
by Yesr. Thus, if ves is larger at MC densities than in our simulations, we can expect the
density peaks to be wider and less proncunced. But we do not expect the general scenario
of clux_nps being formed by turbulent compressions to change significantly. The colliding
streams, if supersonic {or super-magnetosonic), create non-stationary shock-bounded slabs,
which simply re-expand after the compression subsides (if not made self-gravitating by
the compression-see below) on timescales which depend on ve. If the compressions are
subsonic no shocks form, but, for sufficiently small . and/or cloud masses close to their
Jeans mass, collapse may still be induced by the compressions (Tohline et al. 1987).

13.6.2 Can hydroestatic structures form within turbulent clouds?

One crucial issue, however, is whether the compressed slabs can become self-gravitating
upon the compression, and, if so, whether a quasi-hydrostatic configuration can be formed.
The former problem has been addressed by a number of authors (Hunter 1979%; Hunter &
Fleck 1982; Tohline et al. 1987; Vishniac 1983, 1994; Elmegreen 1993b; VPP96). Two
main issues are at play here. One is the total gravitational (£;) and internal (&) energies
of the cloud (for the purpose of this discussion the “internal” energy can be generalized to
include all forms of energy that provide support for the cloud against gravity). The other

is the rate at which each energy increases upon compression-—If{£g}> Ex-the cloud is_
gravitationally unstable, and collapses upon a perturbation. This is essentially an integral
version of the Jeans criterion (e.g., Bonazola et al. 1987). However, for three-dimensional
collapse, it is well-known that, if yeg > vor = 4/3, then the collapse will ultimately be
halted, since &y, increases faster than [£zf. The corresponding values of -y, for 2- and
1-dimensional collapse are respectively 1 and 0 (VPP96).

Conversely, if a cloud is initially stable according to Jeans (£y, = [&g|), it may be ren-
dered unstable upon compression. Tohline et al. (1987) have calculated the required Mach
number of a 3-dimensional compression as a function of Yeir for this to occur, provided
that yog < 4/3 (for 0 < e < 1 they found that the required Mach number is indepen-
dent of the cloud’s mass). Two- and one-dimensional compressions require Yo < 1 and
Yot < 0, respectively (VPP96). The issue is then the following. In order for an initially
stable cloud to be pushed over the internal energy “barrier” (Tohline et al. 1987) by a
strong enough turbulent compression, it is necessary that vYeg < -, where 7, is the criti-
cal 7y for |&| to increase faster than &y upon the turbulent compression. From there on,
gravitational collapse takes over. Since in general turbulent compressions are expected to
be less than three-dimensional, then generally we expect v; < 7y, where 7y, is the critical
v for gravitational collapse.® Then, v.8 < % < Yg- Thus, we conclude that, if collapse

®Here we are allowing for the possibility of gravitational collapse ta occur faster in one direction than
in the other two, as is the case of cosmological “pancakes”.
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was triggered by a turbulent compression, it cannot later be halted by the internal energy,
unless yor changes in the process. The latter may happen in the late stages of collapse,
if the dynamical timescales become shorter than the radiative cooling timescales, causing
Teft to approach the actual heat capacity ratio of the gas +y, rather than the value derived
from the condition of thermal equilibrium (see, e.g., PVP95).

We should insist here that the effects of all forms of support, such as the magnetic pres-
sure and turbulent support, can in principle be included in vef. On the other hand, this is
a very simplistic description, since in general y.4 may be a function of the density, and the
anisotropic nature of magnetic support may not be well described by a simple barotropic
exponent. In any case, this discussion illustrates our main point: quasi-hydrostatic configu-
rations cannot be produced out of turbulent fluctuations, unless the flow becomes closer to
adiabatic than to isothermal during the collapse. Fluctuations either rebound or collapse.
However, at small v.¢, the rebound time is long (VPP96; Passot & Vazquez-Semadeni
1998).

We can examine more quantitatively the conditions under which adiabatic compression
or collapse would occur if thermal pressure provides the main support mechanism for a
clump, by comparing the cooling timescale 7ot = nAT/A (A = cooling rate in units of
erg cm~357!) to the compression time Teomp = L/v and the collapse time 7.y = (Gp) ™12,
For the cooling rate we distinguish two density regimes. For 10° < n < 10% em™2 the
cooling is dominated by CO line cooling. We adopt a rough approximation for the CO
cooling rate (see references in Sealo ot al. 1998) as A ~ 10729372, where ny = n/10%cm ™3
and we have assumed that collisional deexcitation yiclds a linear (rather than quadratic)
density dependence at these densitics. We recognize that this is a crude representation of
the molecular cooling rate, hut it suflices for our order of magnitude estimates. At larger
densities the cooling will be dominated by gas-grain collisions (if there are no cmbedded
protostellar sources), with a rate 2 x 107382712 (7 Tyr ), where T is the grain tempe-
rature and the coefiicient depends somewhat on the adopted grain parameters. We assume
T — Ty = T for our order of magnitude estimates.

For compressions. we find that the condition for adiabatic cvolution (7eomp < Teoal)
yields a critical length scale Ly, = L/1pe

9

I 4 x 1(}‘3M/T1151“ CO cooling
e 7T x 10740 /n;  gas-grain cooling,

where M s the Maclh munber of the compression. Ty = T/10K. and n; = 71/105(‘111 3
For any reasonable Mach number adiabatic cotupression is ouly possible for tiny regions of
size <1072 pe.

If a (non-adiabatic) compression results in collapse. the condition for adiabatic collapse
is Teoy < Teool- At densities 10° < n < 10%, the adopted CO cooling rate results in the
coudition ng > 2.1 x 10372, But at such large deusities the cooling will be controlled
hy gas-grain collisions. not molecular line cooling. Using the gas-grain cooling rate, the
condition for adiabatic collapse is found to he ny; < 1.2 x 107 3T1_Ul. But at such small
densities molecular line cooling would dominate and be noun-adiabatic. Thus for collapse

induced by compression, adiabatic evolution will never occur until the collapsing entity is
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so dense that it becomes opaque to its own infrared radiation, which only occurs at very
large (protostellar) densities.

Other possible sources of pressure are Alfvén waves and the small-scale modes of the
turbulence. McKee & Zweibel (1995) have recently estimated the barotropic exponent for
Alfvén-wave pressure for a variety of situations, finding it to equal 1/2 for hydrostatic
configurations, 3/2 for dynamic cases with uniform density or in which the waves are
isotropic, and up to 2 for shocks. The latter two values are larger than the critical value of
4/3 for halting a collapse, implying that Alfvén-wave pressure might be capable of stopping
a collapse triggered by a turbulent fluctuation. However, again we insist on the need for
a change in Yeg in order to stop an ongoing collapse. If v starts too large, the collapse
cannot be initiated (unless the system is globally gravitationally unstable to begin with)
and the fluctuation will only rebound. One can think that, given the wide range of values
for ~eg found by McKee & Zweibel (1995) under various circumstances, a change in Yog in
the right direction may occur, but this appears as a highly special situation.

Moreover, indirect evidence that magnetic pressure in the fully developed turbulent
case does not provide a large increase in the total g of the flow follows from the results
of Scalo et al. (1998). In that paper, the same simulations reported here are shown to have
a density probability distribution characteristic of a v < 1 case (namely, a power-law
tail at large densities; cf. Passot & VAzquez-Semadeni 1998), even though the simulations
include a uniform plus turbulent magnetic field and the Coriolis force. Clearly, the role of
the magnetic field in the turbulent regime still requires more investigation.

~ Concerning the support by the small-scale modes of the turbulence; Vazquez-Semadeni, — —

Cant6 & Lizano (1998) have found, for collapsing clouds, that the corresponding 7.g ranges
between 3/2 and 2, depending on the rate at which the collapse proceeds. Again these
values of 7y appear large enough to stop the collapse, but the same problem arises as
to how to change 7. during the collapse. Furthermore, in this case one might expect
the turbulence to dissipate as the collapse proceeds, because the velocity gradients must
increase as the spatial scales decrease. Recent results by Ostriker et al. {1998) and Mac
Low (1998} suggest that the dissipation time is smaller than the free-fall time, implying
that indeed turbulence without replenishment of energy is not an effective source of support
for 4 cloud.

In summary, we conclude that none of the sources of pressure discussed above appears
as a clear-cut mechanism for stopping the collapse. This problem will be investigated in
detail elsewhere.

Is there any observational evidence for a dynamical rather than quasistatic state of
clumps? A preliminary answer appears affirmative. Indeed, Girart et al. 1997 have
recently reported on a system which may be interpreted as a collision of streams in L723.
Furthermore, Tafalla et al. 1998 have reporied a core with inward motions that do not
correspond to classical gravitational infall models. A detailed comparison of these data
with our scenario will be presented elsewhere.
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13.6.3 Do molecular clouds have sharp boundaries?

The generalization of our results, in particular the gradual density gradients in the simula-
ted clouds, to molecular clouds might be thought to be questionable because of the different
form of the cooling function in molecular gas. However our results do not depend on the
absolute value of the cooling function, as long as the cooling time is small compared to the
dynamical time (which should also be valid in the molecular case), but only on the functio-
nal temperature and density dependence of the cooling function, which enters the effective
barotropic index. In fact the value of g for molecular gas is similar to that used in the
present calculations (see De Jong et al. 1980, Scalo et al. 1998), and so we see no physical
reason why the shallow density falloffs found here should not apply to molecular regions.
However there is a slight “hardening”of the equation of state in the molecular case that

occurs at densities above about 10° ¢cm ™2

, a8 Yer approaches unity due to the importance
of collisional deexcitation and radiative trapping (Scalo et al. 1998; this feature can also
be seen in the figures in De Jong et al. 1980), but this in fact may be expected to cause
the density peaks to have even shallower gradients and lower maxima (given the same rms

Mach number), as observed by Passot & Vazquez-Semadeni (1998).

Note that our result of the non-existence of sharp cloud density boundaries need not
be in conflict with observations suggesting that molecular clouds have sharp edges {Blitz
1991), since in this case the observed boundaries may just reflect a transition from mole-
cular to atomic gas, without a discontinuity in the gas mass density {e.g., Goldsmith 1987,
Blitz 1991). But besides this molecular-atomic transition effect. the impression of a sharp
boundary often mentioned appears to be subjective, and may be siruply due to the fact
that the sensitivity was uot sufficient to map a sufficiently large region. In fact, in most
cases of 12CO maps which cover large areas (i.e. contain large numbers of pixels) at good
sensitivity, we do not sce the claimed evidence for sharp or regular houndartes. Examples
are Zintmermann and Ungerechits (1990) for the nearby L1497 cloud; Kramer and Winne-
wisser {1991) for L1495, a high-column density bound cloud with an embedded cluster in
Taurus; and Heithaugen ef al. (1993) for several high-latitnde clonds. Notice that these
regions span a range of conditions {e.g. from essentially non-gravitating to strongly self-
pravitating). Also, infrared studies do not shiow sharp boundaries for the molecular clouds
(Alvés et al. 1998). Similar sensitivity effects may oceur in HI {e.g., Verschuur 1991).

What is needed is maps that are seunsitive to all the gas. Eventually this question
can be settled by comparisons of submillimeter maps (which include all the mass, not
just wolecular) with, say BCO or CBO maps. Comparison of IRAS 100-p column density
images (Chappel & Scalo 1998) with 3CQ images. while gencerally agreeing on the positions
of density enhancements, indicate that the IRAS *clouds™ are often more diffuse than the
iolecular images (e.g. some Taurus subregions, R CrA, p Oph filaments), supporting
our claim that our results can be generalized to molecular clouds. However the IRAS
column density images are uncertain becanse of their bias against very cold dust and the
assumption of a single temperature along a line of sight used in calculating column deasities
fram inteusities aud color tanperature, so we consider the IRAS results as inconclusive.

On the other hand, we will need to include CO cooling in order to substantiate our
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claim that the types of results we find here should apply to dense molecular clouds as well
as the atomic clouds directly modeled in our simulations.

The question of degree to which cloud boundaries are more-or-less discontinuous also
has serious theoretical implications for other problems, For example, if cloud boundaries
are relatively “soft”, then shocks propagating through the density gradient can efficiently
generate internal turbulence and perhaps even account for the supersonic internal line-
widths (Kornreich & Scalo 1998), but if the boundaries are “hard”, one might expect the
initial vorticity to be confined to a narrow surface layer (e.g. Klein et al. 1995).

13.6.4 Effect of dimensionality

In this paper we have used two-dimensional simulations because of the larger resojution
they allow compared to the 3D case. This higher resolution is essential for the type of
multi-scale analyses performed here. However, an important question concerns whether
our results will remain valid when extended from two dimensions to three. Because our
simulations are of “turbulence”, one might think there could be a large difference, as seen
for incompressible turbulence, where one finds an inverse cascade of energy to larger scales
and an end state of two counter-rotating vortices in two dimensions, instead of the direct
cascade to smaller scales and resulting much-less ordered equilibrium state. However it
is 3 common misconception in the astrophysical literature that such huge differences in
behavior depending on dimension might occur in compressible turbulence. In fact there

is no reason to expect such a difference. For incompressible turbulence the-different-be-—

haviors are almost entirely due to the different numbers of quadratic conserved quantities
in two (enstrophy and kinetic energy) and three (kinetic energy alone) dimensions. In
contrast, in compressible turbulence, there is no Galilean-invariant gquadratic conserved
variable (momentum density is a quadratic invariant, but not Galilean invariant); the total
energy is conserved, but is partitioned between the kinetic and internal energy, and the
latter is not quadratic in the variables’. Thus there should be no ditference in 2D vs. 3D
flows analogous to the incompressible differences. However there still may be important
differences stemming from other causes. For example, in 2D, effects like vortex stretching,
magnetic flux tube formation and the dynamo are not present. In addition, there may
be instabilities whose behavior is somewhat different in 2 rather than 3 dimensions {e.g.
Kelvin-Helmholtz). However we do not see how such differences could significantly alter
our conclusions, since they are based essentially on the fact that turbulent density fluctua-
tions arise from negative values of the velocity divergence, a fact which follows from the
continuity equation, and is independent of the number of dimensions. Besides, enlargement
of the dimensionality only results in even more complex spatial behavior (e.g. see the 3D
simulations of shock-cloud interactions by Stone & Norman 1992).

TAfter some time, we have learned that there can be inverse cascades with cubic nonlinearities, and
what would be importat is just the number of invariants (T. Passot, private communication).
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13.7 Summary and conclusions

In this paper we have conducted a close examination of the topology of the density, velocity
and magnetic fields that result in our 2D simulations of the ISM at the kpc scale, in
particular within the clouds that emerge as the turbulent densty fluctuations in that
medium. We found that, in general, the cloud boundaries are rather arbitrary, being
defined only by a density threshold criterion, but not by a physical boundary, such as a
density or velocity discontinuity. The same arbitrariness is likely to be present in clouds
defined by the tracer used to observe them, since a cloud may seem to “end” where the
tracer density falls below a threshold density necessary to excite the transition, but this
need not correspond to any abrupt drop in the mass density.

We furthermore considered a hierarchy of clouds in the simulations, by using a sequence
of three progressively larger density thresholds for defining them. For clouds at all levels
of this hierarchy, the velocity field in the simulations is continuous across the clouds’
“boundaries”, indicating that the clouds are formed by colliding gas streams (Hunter et
al. 1986; Elmegreen 1993b; VSPP95), with the density increasing towards the collision
site. The density enhancements need not be confined exclusively to the collision site as in
Burgers flows, because the velocities involved are typically trans-Alfvénic, meaning that
the information on the collision can often propagate upstream (see also Pouquet et al.
1991). Furthermore, since the collisions are generally oblique, it is likely that magnetosonic
waves propagating perpendicular to the collision surface may overtake the obligue fluid
motion, even if the total fluid velocity is super-Alfvénic, This scenario is in sharp contrast
with static models in which the clouds are Immersed in an intercloud medium of lower
density but higher temperature, and confined by pressure balance between the two “phases”
{e.g., Bertoldi & McKee 1992: McKee & Zweibel 1992; McLaughin & Pudritz 1996). [n
our stmulations. which einploy standard cooling funetions, both “phases™ exist, but the
transition between them is simooth, and the situation, rather than being static, is highly
dynamic.

To further characterize the role of the lux across the clouds’ boundaries, we considered
the surface (Tg,) and volume (£y,) kinetic terms in the virial theorem for the whole
ensemble of clouds at one temporal snapshot in the simulation. It was fonnd that both
terms are typically of the same order of magnitude, indicating that the surface terms
contribute an amount comparable to the total kinetic energy of the clouds to their overall
virial balarce. This was interpreted as a signature of the fact that, when the clouds arc
formed by stream collisions. the same How is responsible for both the total kinetic encrgy
comtained within the clouds and for the flux across its boundaries.

We discussed the differences between the thermal and turbulent pressures. cinphasising
the fact that while the former is microscopic and isotropic, the latter may involve macros-
capic scales. comparable or even larger than the clouds’ sizes, and is in general anisotropic,
as indicated hy its off-diagonal contribution to the total pressure tensor ;. We thus con-
cluded that turbulent pressure confinement is a contradictory concept, because it involves
motions at large scales which by definition cause a change in the clouds’ boundaries. In

turn. we argucd that thermal pressure equilibrium in a non-static medium is irrelevant,
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because inertial motions may still distort or disrupt a cloud, even under thermal pressure
balance with its surroundings. _ '

Additionally, we studied the magnetic field topology and strength in the clouds in
the simulations, and their implication on whether the motions are super- or sub-Alfvénic,
finding both super- and sub-Alfvénic motions within the clouds, supporting the suggestion
that the field is highly intermittent (Padoan & Nordlund 1999). We noticed that the field
is significantly distorted and advected by the flow, in agreement with the result that the
flow within the clouds is trans-Alfvénic. The field tends to be correlated with the density
features, although without a unique mode of alignment (PVP95). This causes the field to
look relatively smooth along density features, in agreement with most polarization studies
{(Goodman et al. 1990), but at the same time being bent where the density filaments are
bent as well.

A crucial guestion is whether the scenario depicted in this paper is consistent with
observational data. We addressed this problem at the level of density-weighted velocity
histograms, which can be compared to observational spectral line profiles from real clouds
of similar characteristics to those in the simulations. Although there are limitations to
this comparison, our velocity histograms are encouragingly similar to the observational
iine profiles, both exhibiting comparable FWHMSs (~ 6 km s~1) and high-velocity isolated
features, and both containing not completely resolved substructure, indicating multiple
components. We emphasized that while this substructure is usually interpreted as isolated
“clumps”, in our simulations it originates from different regions of the clouds, which may
correspond to different “streams” and in general have one similar component of the velocity

1i_,Mnyound also by Adler & Toberts 1992. We also
mentioned observational evidence for field reversals in shocks (Heilés 1997); and noted-that — -
the topology of the magnetic field seen in the simulations is consistent with observations
(Goodman et al. 1992).

Finally, we discussed at considerable length the possibility that the scenario of clouds
as turbulent density fluctuations may apply to molecular clouds and their substructure

{clumps and cores).

Essentially, only the adopted cooling and heating functions in our
simulations distingnish them from a case more appropriate to molecular clouds, which are
believed to behave in a nearly isothermal manner. Based on recent results on the effect of
the effective thermal behavior {Tohline et al. 1987; VPP96; Passot & Véazquez-Semadeni
1998), parameterized by the effective barotropic exponent v, we conjectured that only
the shape (height and width) of the density fluctuations is expected to change, but not the
general character of the inflowing streams characteristic of their turbulent nature. We also
suggested that quasi-hydrostatic configurations cannot be produced from turbulent com-
pressions, and that density fluctuations must either collapse or rebound, unless the effective
thermal behavior changes during the collpase, becoming closer to adiabatic (veg = 4/3).
However, for small veg, the rebound times can be quite long. We suggested, considering
appropriate cooling rates and the contributions from magnetic and small-scale turbulent
support, that adiabatic evolution, and hence duasistatic configurations, are unlikely to
oceur either during compressions or during compression-induced collapse.

In summary, we conclude this paper by stating that the results presented here are

128



Parte III Formacion de Nubes §13 Articulo: Clouds as turbulent density fuctuations...

not in contradiction, but rather quite consistent, with observational data. They seem to
be, however, discrepant with the standard interpretation of those data in terms of sharply-
bounded clouds in pressure equilibrium with their surroundings, and with the identification
of velocity features in spectral-line data with isolated “clumps”. It is interesting that our
results give theoretical support to the suggestion made long ago by Chandrasekhar &
Miinch (1952) that the interstellar medium may not best be visualized as a system of
discrete clouds. However, the “cloud model” is difficult to displace because, as they say,’
“..a tendency to argue in circles can be noted in the literature, in that confirmation for
the picture of interstellar matter as occurring in the form of discrete clouds is sought in
the data analyzed”.
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13.8 Appendix A

In this Appendix we check the possibility that the width of the clouds in the simulations
might be due to a numerical artifact. Indeed, the sitmulations solve the contimiity equation
as (see, e.g.. Vazquez-Semadeni, Ballesteros-Paredes & Rodriguez 1997):
@ + V- (pu) = 1 V3p, (13.6)
ot
where the right-hand side is a mass diffusion term, included only for munerical reasons.
so that the code can handle shocks. This term has the effect of spreading out density
peaks. Thus the possibility exists that the clouds in the simulations are actually thin
shock-bounded slabs. artificially widened by the mass diffusion. In order to test for this
possibility, we compare the characteristic dynamical and diffusion times in the vicinity of
shocks. If the dynamical time is shorter, then diffusion does not have time to spread out
the shock, and the width is real., caused by dynamical agents. rather than the artificial
mass diffusion tern.
The cffects of mass diffusion have already bheen discussed in the Appendix of Vazques-
Semadeni, Ballesteros-Paredes & Rodriguez 1997.8% There it was shown that the charac-

8Note that in that paper a couple of typographical errors appear. In eq. (15). the quotient on the
right-hand side should be raised to the power 1,2, and in eq. (16). the term in the denominator on the
RHS should be ', not m'/*.

“La nota de pie de pagina anterior se aplica a la version publicada del articulo Vazquez-Semadeni et al.
1997 {Apj 474, 292). En la presente tesis dichas correcciones ya han sido incorporadas.
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teristic timescale for diffusion, in code units, is

taifr Y-S
= 941x 10 (lpix) : (13.7)
where tg = 1.3x107 yr is the code time unit, and o is the size scale of interest. Mass
diffusion is most important when density peaks are large (i.e., of large amplitude) and
thin. As mentioned in the text, the shock width in the code is typically of a few pixels,
and we thus take ¢ = 5 pix. Then, the diffusion timescale is tg;¢ = 0.23 code time units.
On the other hand, the dynamical timescale is

tayn _3{ o/pix .
P =7.9x10 ( el L (13.8)

The typical velocity difference across shocks is dv ~ 0.5 in code units (i.e., ~ 6 km s71),
giving tqyn = 7.9x 1072 in code units. Thus, the dynamical time is roughly 3 times shorter
than the diffusion time. Of course, lower velocity differences will imply longer dynamical
times, but then these velocities become sub-magnetosonic and do not cause shocks in the
first place, implying that the density peaks will have much larger widths as well, augmenting
the diffusion time as well. We conclude that the width of the density peaks is in general
not due to the artificial mass diffusion.
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Capitulo 14

Introduccion al Problema Post-T
Tauri

Las estrellas T Tauri fueron identificadas originalmente por sus intensas lineas de emision
y variaciones irregulares en su brillo, ademéas de estar asociadas con gas molecular. En
la actualidad se entiende genéricamente por estrella T Tauri a una estrella de baja masa
(M < 2Mg) que atn no llega a la secuencia principal, independientemente de si se le
encuentra asociada a alguna nebulosidad, o de si tiene lineas de emision intensas. A las
ue presentan emision intensa se les denomina estrellas T Tauri Clasicas (CTTS), mientras
que a las que tienen emision débil se les denomina estrellas T Tauri débiles (WTTS).

Las edades estimadas para uubes moleculares son del orden de varias veces 107 afios
(Blitz & Shu 1880). de mancra que, supouiendo que las mibes moleculares forman estrellas a
lo largo de toda su vida. es de esperar gue las regiones de formacion estelar tengan estrellas
con edades similares a las edades de las nubes donde se fonparon. Sin embargo. Herbig
(1978) mostrd gue habia una falta de estrellas con edades! mayores a ~ 3 millones de ajios
cn la region de Taurus-Auriga®. Incluso, argumenta Herbig (1978), si la formacion estelar
es muy intermitente, une esperaria un cociente de ul menos una estrella post-T Tawri®
(PTTS) por cada estrelta T Tauri (TTS) en regiones de formacion estelar snficientemente

'La determinacion de las edades para estrellas T Taurl involucra los sigulentes pasos {Hartwanu 1998}
a) Medicion de los cocientes de las intensidades de lay lineas fotosfericas de absorcidn. a fin de detenuinar
¢l tipo espectral v por ende la temperatura efectiva; by Correccién por extincién de los flujos observados,
4 fits de determinar la huninosidad si se ronoce la distancia a la estrella. ¢} ubicacion en el diagrama HR.
v d) utilizacion de trazas evolutivas (ver Fig. 15.1a del §15). Es importante notar gue, para estrellas mis
tardias que del tipo M. la determinacion de edades usando la intensidad de Ia linea de Litio Li [ A 6707 A
u la tasa de rotacion es dificil, va que estos diseriminadores s6lo ponen una cota superior a la edald, pero
no permiten detertninarla con precision (Bricefio, comunicacion privada).

2P argumente de Herbig (1978) os como sigue: si i objeto pasa una fraceion p de su vida (cen p entre
0 v 1) en un estadio dada. cutonees o5 de esperar gue. al levantar un censo, se encuentren (1— p)/n ohjetos
en fases difeventes a la fase en cuestion. Por ejemuplo. para comparar cudntas cstrellas post-T Tauri entre
3 v 10 millones de afios debe haber. respecto a las estrellas T Tauri con menos de 3 millones de afos,
concluiriamos que deberia haber 7 estrellas post-T Tauri por cada 3 estrellas T Tauri.

M na definicién clara de estrella post-T Tauri no existe. Sin embargo. dado que las estrellas de secuencia
principal {edades de 10 afios] no poseen lneas de emisién intensas, se espera que las estrellas post-T Tauri

tengan valores de intensidad intermedios (Herbig 1978}
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grandes.

A la fecha han sido realizados varios intentos por identificar esta supuestamente “hume-
rosa” poblacién de estrellas post-T Tauri. Por ejemplo, Jones & Herbig (1979) estudiaron
los movimientos propios de 250 estrellas débiles en la direccién de Tauro, encontrando gue
solamente la cuarta parte de éstas tienen la misma dispersion de velocidades {~ 2 km s~1)
que el gas molecular en Tauro y las 75 estrellas T Tauri previamente conocidas en esta
region. Es decir, por cada 4 estrellas T Tauri conocidas, los autores solamente encontraron
una estrella sin caracteristicas T Tauri que compartia el movimiento global de la poblacion
en esta zona. Similarmente, Hartmann et al. (1991) encontraron un cociente de 1 estrella
de ~ 10 millones de afios por cada 10 estreilas T Tauri.

Los intentos por identificar la poblacion de estrellas post-T Tauri “perdida” involucran
censos en rayos X (RX) (ver por ejemplo, Feigelson et al. 1987; Walter et al. 1988 v
referencias ahi citadas). En particular, Walter et al. (1988), usando datos del satélite
Einstein determinaron la existencia de 44 estrellas con edades de entre 1 y 40 millones de
afos en la regién de Taurus-Auriga. Sin embargo, Hartmann et al. (1991) mostraron que
estas estrellas no poseen litio, de manera que sus edades debian ser mayores a 30 millones
de afios, y sugirieron que dichas estrellas debian ser de campo, con intensidad considerable
en RX. Mas atn, Hartmann et al. (1991) mostraron que al menos algunas deben estar
asociadas con el grupo Cassiopea-Taurus, y no propiamente con la nube de Tauro.

Por otra parte, con la ayuda del ROSAT All-Sky Survey (RASS), Neuhduser et al.
(1995) y Wichmann et al. (1996) sugirieron haber encontrado la poblacion de PTTS. Sin
embargo, esta poblacién tiene una distribucién espacial muy extendida, y no centralmente

condensada en direccidn de Tauro, como serfa de esperar si hubiese una tasa de formacion -
. . _ e .
__estelar continua (mAs no-necesariamente constante) durante unos 107 millones de aos.

S —

Adicionalmente, la determinacion de edades dada por los auntores que usan mediciones en
RX presenta algunos problemas, como mencionan Bricefio et al. (1997):

1. Emisién de RX. La emisién en RX decac poco en escalas de tiempo de entre 109
v 10°® afios en estrellas G y K; éstas constituyen una gran fraccién de las fuentes
detectadas por ROSAT. En otras palabras, los censos en RX no solamente son sensi-
bles a las estrellas pre-secuencia principal (PMS), sino también a estrellas jovenes de
secuencia principal. Resultados obtenidos con EXOSAT y con el Einstein Extended
Medium Sensitivity Survey (Tagliaferri et al. 1994; Favata et al. 1993) han sugerido
que la mayorfa de las fuentes estelares en esos censos son estrellas con edades com-
parables a las de las Pléyades (10® afios). Sterzik et al. (1994) sugirieron que RASS
puede estar detectando una poblacion de estrellas de campo mucho maés 'viejas que
las TTS y que no estan relacionadas fisicamente con su lugar de nacimiento.

Para ilustrar el problema, en la Fig. 14.1 presentamos una grafica del “cociente de
dureza” HR1 vs. HR2 en RX, donde

HRlEMl—‘i;
h4+m+s
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h—m

HR2 = ——
h+m'

(14.1)
son los indices de dureza, y b, m, y s son las emisiones en RX en las bandas dura (0.9-
2 keV), media {0.5-0.9 keV) y suave {0.1-0.4 keV) respectivamente. Tomando datos
obtenidos por Gagné et al. (1995), Bricefio et al. (1997) han encontrado que estrellas
como las Pléyades (puntos en la Fig. 14.1), con edades de ~ 10® afios, presentan
cocientes de dureza similares a los de las WTTS, con valores de —0.15 < HR1 < 1
y —0.3 < HR2 < 0.5 (recuadro en la Fig. 14.1). De esta grafica parece ser que el
cociente de dureza no es un buen discriminador de edad.

HRZ

-1 0.5 0 D5 !
tR!

FiGURA 14.1: Cocientes de dureza eu RX para las Pléyades. Notese que practicamente todas las Pléyades
tienen cocientes de dureza similares a los de las WTTS, como se denota por la eaja. (Tomada de Bricefio et al.
1997, rortesia de Cesar Briceno).

2. El Problema del Litio. E! ancho equivalente de la linea de absorcion Li 1 X 6707 A
ha sido usado comoe un indicador de juventud para estrellas tardias cou euvalventes
convectivas, El litio tiene una temperatnra de fusion relativamente bhaja. ~ 2x 10° K.

de mwanera que es facilmente destruido mediante reacciones termonucleares en el inte-

rior estelar. Aquellas estrellas que tienen envolventes convectivas pieden fransportar
el litio de la superficie a las reglones interiores y destruirlo. Sin embargo. mien-
tras que tas estrellas M presentan una falta de Li considerable durante sus estadios
pre-secuencia principal (varios 107 afios). las estrellas G y K tempranas limitan la

conveccitn a las capas externas, lo cnal les permite llegar a la secuencia principal
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con una considerable fraccién del Li con el que se formaron, como en el caso de las
estrellas G y K en las Pléyades (ver, p.¢j., Sodelblom et al. 1993).

Por lo anterior, al ignal que la emisién de RX, la intensidad de la linea de absorcion
de Li1 A 6707 A usada para identificar objetos PMS tampoco decae sustancialmente
con la edad para estrellas G y K, que por otra parte constituyen una gran fraccién
de las fuentes RASS. Para ilustrar este problema, en la figura 14.2 presentamos
una grafica de ancho equivalente (W) contra temperatura efectiva para las estrellas
WTTS {(simbolos rellenos} y para las Pléyades (simbolos vacios). De esta figura es
claro gue el ancho equivalente para estrellas G y K-tempranas es mayor a 0.1 tanto
para las Pléyades como para las WTTS, de manera que el suponer que la condicién
W(Li) > 0.1 A es indicadora de estrellas T Tauri como lo hacen Neuhiuser et al.
(1995), Wichmann et al. {1996) y Sterzik et al. (1995), es claramente riesgoso.
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Fieura 14.2: Ancho equivalente de la linea Li I A 6707 & W(Li) vs. temperatura, efectiva Top de la estrella
(eje inferior) o tipo espectral (eje superior). Los circulos y triangulos relleros representan datos para TTS tomados
de Basri et al. (1991) y de Martin et al. (1994}, respectivamente. Los circulos vacfos y los asteriscos rcpresentan
datos para las Pleyades, tomados de Sodeiblom et al. {1993} y Lopez et al, (1994), respectivamente. Los simbolos
invertidos representan lfmites inferiores para las Pléyades, y la linea horizontal representa el limite de deteceion de
100 mA usada por Meuhiiuser {1995), Wichmann et al. (1996) y Sterzik et al. (1995) para identificar Ias fuentes
RASS como candidatos TTS. (Tomada de Bricefio et al. (1997), cortesta de Cesar Briceiio).

Ademas, las primeras mediciones de ancho equivalente de Li 1 A 6707 A presentan
problemas: el ancho equivalente medido para las estrellas RASS ha sido determinado
usando una resolucién espectral mucho menor que la resolucién con la que se deter-
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miné el ancho equivalente de Li I para las Pléyades: las medidas para las Pléyades
fueron obtenidas con resoluciones espectrales de ~ 0.15 — 0.25A (Sodelblom et al.
1993; Loépez et al. 1994), mientras que las resoluciones espectrales usadas para las
WTS en RASS son del orden de ~ 4.3 y ~ 8 A (Alcala et al. 1995). Con estas
resoluciones, las lineas vecinas de Fe I (A 6703, 6705, 6710 y 6713 A) pueden es-
tar mezcladas con la linea de litio A 6708 A, aumentando artificialmente su ancho
equivalente? (Bricefio et al. 1997).

3. Emision Ho y Magnitudes Visuales: Analogamente a las discusiones anteriores,
tanto la distribucién de magnitudes visuales como la emisién Ha esperada para es-
trellas G y K tempranas con edades de 10® afos es comparable con las magnitudes
visnales y la emisién Ho para las WTTS (Bricefio et al. 1997).

4. Velocidades Radiales: Del total de fuentes RASS, solamente 15 de ellas tienen
velocidades radiales medidas (Neuhduser et al. 1995). La dispersion de velocidades
oscila entre 8 y 15 km s, valores considerablemente mayores a la dispersién de
velocidades de las 'TTS y del gas en Tauro (~ 2 km s™1). M4s afin, la dispersion de
velocidades para estrellas de secuencia principal de disco con edades de 108 afios cerca
del plano Galactico es de ~ 10 km s~! {Wielen 1977). Asi, aunque hubiese algunas
estrellas PMS en la muestra de fuentes RASS, la edad del grueso de estas estrellas,
obtenida a partir de ta dispersién de velocidades, serfa mucho mayor (Bricefio et al.
1997).

Un comentario adicional mencionado por Briceio ot al. (1997} es gue si, como sosticne
ol grupo de RASS. todas estas fuentes fuesen eu efecto las estrellas post-T Tauri perdidas.
entonces cabria la pregunta ;donde se encuentra la poblacion de estrellas con edades de
entre 107 y 10% aflos que deberfa existir en caso de una tasa de formacion razouablemente
cont{nua? _

Una téenica gue presenta mienos ambigiiedad es la blisqueda de estrellas post-T Taurd
de tipo espectral M. ya que tales estrellas deben ser mcho mds numerosas, estar bien
localizadas en el diagrama HR por eucima de la secuencia principal. y el litio puede ser
usado como un criterio de seleccign mdas electivo para éstas st sus edades son meunores
a ~ 12 millones de anos. En este sentido. Briceno et al. (1999) realizaron un estudio
moderadamente profundo de cammpo ancho en ¢f éptico y en RX en la regién de Taurus-
Auriga. buscando la presencia de estrellas tipo M con edades de ~ 10 millones de afios, sin
encontrar evidencia de ¢stas y reforzando el argumento de que la wayarfa de tas fuentes
RASS no sou lag estrellas PTTS.

Recientemnente, Zickgraf et al. (1299) realizaron un estudio donde inteutaron corregir los anchas equi-

valentes por posible contaminacion de las Uneas de Fe T mencionadas. En este estudio, los autores reportan
acho estrellas Ky una estrella M con absorcion de litio. en una muestra de 35 estrellas. Sin emubargo,
esta tampoco parece sor la poblacidn de estrellas post-T Tauri con entre 3 v 10 millones de afos por dos
razones: primeramente. porque Zickgraf et. al (1999} reportan edades que oscilan entre 10 ¥ 30 millones
de afos. Adicionalmente. de su Fig. 5 tan solo dos de las estrellas K con emision de litio tlenen anchos
squivalentes de 1tio mavores al ancho equivalente de las Pléyades (César Bricenio, comunicacion personal).
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Ahora bien, si en realidad no existen PTTS en la regién de Taurus-Auriga, ;como es
posible que nubes con edades de 107 afios hayan formado estrellas tan solo en los ltimos
~ 3 millones de anos?

Una alternativa para resolver el problema fue propuesta por Palla & Galli (1997},
quienes sugirieron que la aparente falta de estrellas T Tauri viejas puede deberse a que
la formacion estelar no es instantdnea. Basandose en el modelo clasico de formacion de
estrellas de baja masa (ver Shu et al. 1987 y referencias ahi citadas), proponen que una vez
que la nube molecular se ha formado, es necesario esperar entre 10 y 12 millones de afios
para que se deshaga de su exceso de campo magnético mediante difusién ambipolar, y las
regiones m4s densas puedan realmente formar estrellas. Sin embargo, este esquema presenta
dos problemas basicos: por un lado, el tiempo de difusién ambipolar depende fuertemente
del estado de ionizacion de la nube (Myers & Khersonsky 1995), de manera que un retraso
de 10 - 12 millones de afios para toda la regién de Tauro parece poco probable, sohre
todo si se toma en cuenta que los valores de extincion bacia la region de Tauro oscilan
entre A, ~ 1 y 5 magnitudes, lo cual implicarfa estados de ionizacién considerablemente
distintos en diferentes regiones de la nube. Por otro lado, si consideramos que Tauro tiene
una extensién de [ ~ 20 pc, y el gas molecular presenta una dispersién de velocidades de
§u ~ 2 kin 871, entonces la edad dindmica de Tauro es del orden de 7 = !/dv ~ 10 millones
de afios. La pregunta entonces es, jcomo es posible que la formacion estelar en la nube se
sincronice dentro de un lapso de tan s6lo 3 x 10° afios si la edad dindmica de la regién es
de 107 afios? Ademés, otro problema con este escenario es que el esquema de formacion
estelar mediante el cual nicleos (cores) cuasiestaticos se forman en un medio interestelar
turbulento ha sido cuestionado recientemente (§13, Ballesteros-Paredes et al. 1999a).
Wmta,mwntinuaeién—@iﬁfamiegtéfomﬁfs?%b),

— — —  adoptamos una posicién similar a la de Palla y Galli (1997) en el sentido de proponer que
Tauro no ha tenido tiempo de formar estrellas post-T Tauri. Sin embargo, el mecanismo
propuesto es completamente diferente, v se basa en el escenario de que las nubes son
fluctuaciones turbulentas descrito en §13. Es posible entonces que el complejo de Tauro se
haya formado recientemente, apenas hace nnos 3 x 10% afios, bajo la accion de este campo
turbulento de manera coherente a 1o largo de toda su extension. En otras palabras, es
el campo de velocidades el encargado de acarrear masa para formar estructuras. En este
esquema, la colisién de corrientes turbulentas a mayor escala que el tamafio de Tauro, con
velocidades caracteristicas mayores que la dispersion de velocidades interna de la nube de
Tauro, es capaz de apilar este material en unos cuantos millones de afos, sincronizando
entonces la formacion estelar en regiones que estarian causalmente desconectadas, si se
juzgase anicamente por la dispersion de velocidades interne de la nube. Para esto, se hace
uso tanto de stmulaciones numéricas del MI como de observaciones de gas molecular y de
gas atomico hacia la region de Tauro.
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Articulo 5

Turbulent Flow-Driven Molecular Cloud Formation: A
Solution to the Post-T Tauri Problem?

Javier Ballesteros-Paredes Lee Hartmann, and Enrigue
Vazquez-Semadeni

ApJ. 52710 de diciciabre de 1999

Resumen

Sugerimos que [as nubes moleculares pueden ser formadas en escalas de tiempo cortas
mediante la compresion de flujos a gran escala en el medio interestelar. En particular,
argumentamos que ol complejo de Taurus-Auriga. con filamentos de 10-20 pe X 2-5 pe.
puede haber sido formado por flujos de H I en < 3 millones de artios, explicando la ausencia
de estrellas post-T Tauri con edades de 2 3 millones de anos en la region. Observaciones
con la lfnea de 21 cni de Jos “halos™ alrededor del gas molecular de Tauro muestran mehas
varacterfsticas (perfiles anchos y asimétricos, desplazamientos en velocidad de H [ respecto
al "?CO) predichas por nuestras simulaciones MHD. en la cuales las corrientes de HTagran
eseala chocan para producir estructuras densas y filamentarias. Esta evolucion rapida es
posible porque los flujos de H I que producen y rompen la nube tienen volocidades mucho
mayares (5-10 km «71) que el gas wolecular que resulta de la eolision de dichos Hujos. Las
simulaciones sugiercn que tales flujos pueden ocurrir debido a la turbulencia global del MIE
sin la necesidad de un mecanismo disparador. como el caso de una explosion de SUPCINOVA.
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Abstract

We suggest that molecular clouds can be formed on short time scales by compressions
from large scale streams in the interstellar medium (ISM}. In particular, we argue that in
the Taurns-Auriga complex, with filaments of 10-20 pc x 2-5 pc¢, must have been formed by
H I flows in 5 3 Myr, explaining the absence of post-T Tauri stars in the region with ages
2 3 Myr. Observations in the 21 cm line of the H 1 “halos” around the Taurns molecular
gas show many features (broad asymmetric profiles, velocity shifts of H I relative to 2CO)
predicted by our MHD numerical simulations, in which large-scale H I streams collide to
produce dense filamentary structures. This rapid evolution is possible because the H I flows
producing and disrupting the cloud have much higher velocities (5-10 ki s™'} than present
in the molecular gas resulting from the colliding flows. The simulations suggest that such
flows can occur from the global ISM furbulence without requiring a single triggering event
such as a SN explosion.

15.1 Introduction

It has been recognized for many years that the nearest star-forming regions exhibit little
evidence for stars of ages 2 5 Myr, even though one would expect that such “post-T Tauri
stars” (PTTSs) should be more numerous than the ~ 1 Myr-old T Tauri stars. More than
a decade ago, Herbig, Vrba, & Rydgren (1986) stated that “it is a source of some unease
that this large population of PTTSs has not yet been identified.” Since that time, a variety
of technigues have been used to search for PTTSs, including proper motion surveys, fainter

objective prism plates, and CCDphotometric selection. As outlined in §2, none of these
techniques has yielded evidence for PTTSs in any significant numbers.
The lack of PTTSs, combined with the presence of newly-formed stars in all substantial
nearby molecular clouds, is most simply explained if molecular clouds like Taurus come
together, form stars, and disperse in a few Myr. However, this simple picture causes
difficulties for current theories of star formation. Since Taurus has a spatial extent of 20
pc, but the molecnlar gas has a velocity dispersion of only about 2 km s71, it is difficult to
understand how such widely separated regions produced stars almost simultaneously, i.e.,
how star formation is “triggered” throughout the cloud on a scale shorter than the crossing
(or dynamical) timescale. In principle, a single powerful event like a supernova explosion
might trigger star formation in a molecular cioud over short timescales, but there is no
obvious candidate for this triggering source in the case of Taurus (Elmegreen 1993a).

In addition, Taurus is supposed to be the archetype for the “standard” picture of iso-
lated, low-mass star formation, in which magnetically subcritical cloud cores collapse to
form stars only after ambipolar diffusion has removed excess magnetic flux on timescales of
order 5-10 Myr (Shu, Adams, & Lizano 1987; Mouschovias 1991, and references therein). If
protostellar cloud cores are highly subcritical, the long ambipolar diffusion timescale makes
it difficult to understand star formation events lasting only a few Myr. A long diffusion
time also is difficult to reconcile with statistics of cloud cores (Lee & Myers).

Palla & Galli (1997) argued that the ambipolar diffusion timescale simply introdices an
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age offset. In this picture, the molecular cloud cores which produced the present-day Taurus
stars started contracting, say, 11-12 Myr ago, so that the cores have become supercritical
and started collapsing only over the last 1-2 Myr. However, there is no unique ambipolar
diffusion timescale; it depends upon the ionization fraction, which in turn depends upon
precise conditions of shielding (Myers & Khersonsky 1995), and on how subcritical the
cloud core is initially. Thus it is difficult to understand how ambipolar diffusion does not
introduce a spread of at least several Myr into the onset of star formation. Moreover,
as pointed out by Fiedler & Mouschovias (1993), Nakano (1998), and Hartmann (1998},
strongly subcritical clouds must be confined by external pressure to prevent disruption
by expansion. The possibility of producing a steady external pressure in the generally
turbulent environment of molecular clouds has been questioned recently by Ballesteros-
Paredes, Vazquez-Semadeni, & Scalo (1998), who suggest that the turbulent motions are
not steady, and can disrupt as well as compress clouds. Given these problems and the
evidence of the stellar population, it appears likely that ambipolar diffusion is not a major
constraint on the timescale of star formation in Taurus, as argued by Nakano (1998) on
general grounds, and as proposed many years ago by Shu, Adams, & Lizano (1987) for
much denser regions.

Even if the ambipolar diffusion timescale is not relevant, there still remains the problem
of triggering star formation in Taurus. This is possible in a dynamical scheme, where large-
scale turbulent streams collide, collecting the material they are advecting and creating
density fluctnations (Hunter 1979: Hunter & Fleck 1982; Hunter et al. 1986; Tohline et al.
1988: Elmegreen 1993h: Vazquez-Semadeni. Passot & Pouquet 19954: Ballesteros-Paredes
et al. 1999a; see also Viazguez-Semadeni ot all 1999). In this picture the formation
of molecular clouds cannot be considered separately from the formation of their parent
diffuse H I clouds. If molecular gas clouds like Taurus are “assembled” by the convergence
of higher-velocity ncutral hydrogen flows. one might explain the pearly-simultaneous star
formation over larger distance scales without invoking a single triggering event, like a SN
explosion.

In this paper we consider the dynamical, kinematic and spatial relationship between
the neutral hydrogen and molecnlar gas in the Taurus region. Our analysis is based ou
H 1 and '?CO observations, showing that in many places there is H I, which appears to
be dynamically correlated with the molecular gas, but with substantial velocity offsets and
larger velocity dispersions. The dynamical timescales for the clouds are then given by the
scaie of the clouds divided by the velocity dispersion of the external H [, contrary to the
assumption that the internal velocity dispersion is the relevant quantity. We further show
that these results are qualitatively cousistent with MHD simulations of the ISM, suggesting
that the wwlecular clouds like Taurus can be rapidly assembled, eliminating the necd to
fird PTTSs in the present molecular gas cotplex.

In §15.2 we review the observations leading to the post T-Tauri problem. In §15.3 we
explore the dynamical relationship between H I and CO gas in the Taurus region. while in
§15.4 we show simulations of the ISM dynamics that we use to interpret the observations
i §10.5.1. Finally. we point out limitations of our simulations in §15.5.2, and summarize

our conclusions in §15.6.
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15.2 Historical Context: The post-T Tauri problem

Analyses of molecular cloud lifetimes have rarely included constraints from their stellar
populations; yet the ages of the stars produced by these clouds provide uniquely detailed
constraints on cloud ages that are not obtainable in any other way (e.g., Hartmann et al.
1991; Feigelson 1996). Because of the importance of the stellar population ages, it is worth
reviewing the situation in some detail, especially given some of the conflicting literature
on the subject. We focus on the Taurus-Auriga molecular cloud complex, where the most
detailed observational efforts have been made.

To illustrate the problem, Figure 1 a shows the HR diagram for stars in the Taurus-
Auriga molecular cloud region, with steliar juminosities and effective temperatures taken
from Kenyon & Hartmann {1995). The great majority of the stars have ages near 1 Myr;
approximately half are younger than this, while only a few stars have ages greater than
3 Myr (see Fig 1 b).

The group of stars near the 100 Myr isochrone (i.e., near the zero-age main gequence}

were discovered through early Finstein X-ray surveys (Walter et al. 1988, and references

~ therein).—These-stars-were originally suggested by Walter et al. (1988) as members of the
missing PTTSs population. However, there is M gap in the HR-diagram; thereare
very few stars filling in the age range between ~ 5 and 50 Myr. This gap makes it very
unlikely that a single, reasonably continucus star formation event is responsible for both

_

the near-ZAMS stars and the young T Tauri stars. Furthermore, with such large ages it
is difficult to connect these stars with the present Taurus molecular cloud. Walter et al.
(1988) found ages for thesc stars ~ 30 Myr at a modest velocity dispersion of 2 km s™F,
typical of Taurus molecular gas. These stars can have traveled 60 pc from their birth-sites
during their lifetimes, 3 times the diameter of the Taurus molecular complex.

The apparent coordination of star formation on relatively short timescales in Taurus
{and other regions) has led to several efforts to identify hypothetical older stars that might
be present but missed in previous objective prism surveys dependent upon strong Ho
emission. Herbig, Vrba, & Rydgren (1986) obtained objective prism data covering the
Ca 11 H and K emission lines, which are present in much older stars. Indeed, Herbig
et al. (1986) identified several outlying members of the Hyades in their survey (see also
Hartmann, Soderblom, & Stauffer 1887), but failed to identify any older PTTSs. Hartmann
et al. (1991) and Gomesz et al. (1992) used proper-motion surveys to try to select members
of Taurus without regard to emission line properties; again, no substantially older stars
were found.
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Figura 15.1: a} HR Diagram for stars in the Taurus- Auriga malecular cloud region, with evolutionary tracks
fromm D’Antona & Mazziteli (1994). Filled vircles denote the Classical T Tanc Stars (CTTS). Open circles denote
the Weak T Tauri Stars (WTTS). The great majority of stars have ages of ~ 1 Myr, and only a few stars have
ages greater than ~ 3 Myr, The group of stars near the ~ 100 Myt isochrone were discovered with Einstein X-ray
ubservations (Walter et al. 1988): X-ray detected sources in the region are generally older than 10 Myr (Bricefio
et al. 1997), and are likely to be field stars. b} Age histogram for the stars in fig la. The single line denotes
the classical T-Tauri stars, and the crossed lines, the weak T-Taur stars. Note that the great majority of stars is
between 1 and 3 Ayr.

It has heen suggested that recent X-ray surveys {e.g.. Walter et al. 1988:; Neuhiuser
et al. 1995 Wichmann et al. 1996) have discovered the missing PTTSs. However, the
ages of the typical G and carly K stars in these samples are uncertain, because neither
X-ray activity nor Li depletion clearly discriminate between 1 Myr-old T Tauri stars and
100 Myr-old stars. It seems likely that most of these objects are 30-100 Myr-old stars.
given their munbers and properties {Briceiio et al. 1997a). More recent measurencnts of
Li depletion {(Martin & Magazzu 1998) and limits on the M star component of the G-K
ROSAT survey population {Briceiio et al. 1997b: Bricefio et al. 1999) support the idea
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that most of the dispersed X-ray population is much older than 10 Myr. Indeed, it is
difficult to explain the spatial distributions of these stars if they are much younger. The
dispersed X-ray sources are spread fairly uniformly over large distances (up to 70 pc in
projected distance from the center of Taurus); it would be very difficult to move stars
from the present molecular regions this far at typical velocity dispersions of ~ 2 km s~ in
anything less than about 30 Myr. Instead, it seems much more likely that these stars are
mostly ~ 50 Myr-old objects that formed in a variety of individual regions whose molecular
gas has by now dispersed (Fiegelson 1996). Whatever the exact age of the Einstein- and
ROSAT-discovered young stars, they do not seem to represent the “missing” stars in Taurus
of ages 3-10 Myr.

Another approach has been to consider whether the ages of the Taurus stars have
been systematically underestimated. For example, the evolutionary tracks of Swenson et
al. {1994) give ages for Taurus stars that would be several times larger than those of
D’Antona & Mazzitelli (1994), which were used in Figure 15.1. However, as pointed out
by Stauffer et al. {1995), if one modifies the calibrations of evolutionary tracks so that
the calculations match the zero-age main sequence, most of the age discrepancy between
those works disappears. Another possibility was raised by Hartmann & Kenyon (1990),
who suggested that the effects of accretion might produce spurious age estimates, but more
recent investigations (Hartmann, Cassen, & Kenyon 1997, Siess, Forestini, & Bertout 1997}
indicate that T Tauri accretion has little effect, making the stars appear slightly older, not
younger. One may also note (Mizuno et al. 1995) that most of the pre-main sequence
stars in Taurus lie within 1-2 pc of dense molecular gas; at a velocity of 1-2 km s™1, this

. _suggests that these stars have not been dispersing for more than 1-2 Myr from their natal

material, in agreement with the conventional HR-diagram-ages. . _

Thus, all the Taurus observational constraints are consistent with a picture in which
the molecular gas comes together and forms stars in < 3 Myr, so that few stars of ages
3-10 Myr are expected. The widely-distributed X-ray sources mostly represent stars that,
though relatively young, are generally substantially older than 10 Myr, and it is likely that
their natal molecular clouds no longer exist.

A general absence of PTTSs implies not only that clouds form stars rapidly, but that
star-formation timescales are also relatively short. Since Taurus is still forming stars, its
ultimate dispersal time is not known. However, studies of other regions such as Cha 1
and IC 348 (Lawson et al. 1996; Herbig 1998) provide relatively little evidence for large
populations of PTTSs, especially when older ROSAT sources are eliminated and mass-
dependent biases are eliminated.! From the absence of known molecular cloud regions
containing 10 Myr-old stars, it appears that the molecular gas may also disperse in a few
Myr, a timescale consistent with the cluster survey results of Leisawitz, Bash, & Thaddeus
(1989). In this picture many molecular clouds will not have substantial populations of
PTTSs.

! Age estimates for cluster stars gererally depend systematically on stellar mass, probably due to birth-
line errors (i.e., uncertainty in the initial positions of protostars in the HR diagram; Hilienbrand 1997;
Hartmann 1999.)
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15.3 Atomic and molecular gas: Maps and velocity-position
diagrams

The Taurus clouds are well-suited for understanding gas dynamics as well as the stellar
population. The Tanrus Molecular Cloud {TMC) is one of the most well-studied molecular
clouds in the sky, with extensive H 1 and CO maps; it is one of the nearest clonds and
lies well below the Galactic plane, making it easier to isolate the H I associated with the
CO cloud from the general material in the Galactic plane. Finally, the morphology and
kinematics of TMC suggests a close relationship between the molecular and atomic gas
(see PhD thesis and series of papers by Andersson (1993), and references therein).

In the following discussion we make use of both H I and '*CO data. The 21 cm
line data were taken from the Atlas of Galactic Neutral Hydrogen (Hartmann & Burton
1997) obtained with the 25 m Leiden/Dwingeloo telescope, while the 2CQO molecular
data have been taken from Ungerechts & Thaddeus (1987), ohtained with the Columbia
wiillimeter-wave telescope. Details of the ohservations and analysis may be found in the
original papers. Here we note that both data sets have (1.5 degree spatial resolution, which
facilitates coruparison. The velocity resolution of the H | data is 103 km s~ !, slightly
lower thar that of the CO data, 0.65 km s~1. To overlap the 2C0O and atomic maps, we
transformed the molecular data set (originally in (RA,DEC)) to Galaciic coordinates ({, b)
by triangulating and re-sampling the transformed data in a half degree resolution grid. We
present both sets of data extending fromr 140 to 201 degrees in Galactic longitude, and
from —44 to +17 in Galactic latitude (note that the original *CO data does not cover the
whole range, We add zeros in the external region. in order to match the H T and 1200y

data at large scales).

Figure 15.2 shows a velocity-iutegrated map in 2CO (isocontours) and H I {gray-scale)
for the velocity range where the CO data has been obtained (-20.33 kmy 87! < ipgp <
20.1 km 571, The straight lines indicate the loci of the cuts along which the velocity-
position diagrams shown in Figure 15.3 are made. Assuming au optically thin medium,
the H I intensity (in K km s71) can be considered as proportional to the columun density
with a conversion factor of 1.8 x10'® cin™2. The gray scale range in Figure 15.2 corresponds
to o column deusity range from ~ 2.5 x 10% em ™2 (darker pixels), to a few tintes 10°% cin™2
{white pixels}. A column density of 10! em™2. corresponding to Ay- ~ 0.5, is generally
taken to be roughly the minimum column density needed for sufficient shielding of the UV

radiation field to produce CO (e.g.. Elmegreen 1993a).
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FIGURA 15.2: Velocity integrated (from —20.3 to 29.08 km s~1) large-scale map of antenna temperature for
CO (contours, from Ungerechts & Thaddeus 1987) and HI (grayscale, from Hartmann & Burten 1997) data through
Taurus, in units of K km s—!, Contours: 2, 4, 8, 16, 32, 64. The grey scale is indicated on the top. The white lines
denote the places where the velocity-position diagrams have been made.

In Figure 15.3 we present a set of six velocity-position diagrams for both the H I
and ?CO emission. The fitst two panels (cuts 1 and 2 in Fig. 15.2) are the velocity-
position diagrams for the region that formally is known as TMC, in which *CO has been
detected (see e.g. Kleiner & Dickman 1984; Mizuno et al. 1995; etc.). Figure 15.3 ¢ (cut
3) corresponds to the region associated with Perseus Arm, and shows a strong velocity
gradient, from ~ 8-10 km s™! to ~ —2 km s!. Figure 15.3 d (cut 4) corresponds to
the northernmost region mapped by Ungerechts & Thaddeus (1987). In Figure 153 e
{cut 5) we present a velocity-position diagram that covers a large region, going from high
southern latitudes to close to the Galactic plane. Finally, in Figure 15.3 f (cut 6) we
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show the velocity-position diagram for the nearby cloud 1,1457. In particular, note from
Figure 15.3d and e that at low Galactic latitudes the H I exhibits a large velocity spread due
to the detection of material at a wide range of distances in the Galactic plane. However,
once one moves out of the plane a sufficient distance (b < —10°), the H 1 velocity width
becomes substantially smaller. The H I velocity peak is generally fairly close to, although
not identical with, the *CO peak. This reflects the fact that the 2CO and H I emission
are spatially and kinematically related, suggesting that they are produced as part of a
single dynamical complex (see, e.g., Blitz & Thaddeus 1980).
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FigurAa 15.3: velocity-Position diagrams at the positions showed in fig. 15.2. Grey scale denotes the HI

emmission, and contours denote the 12CO emission. The y-axis denotes the veloeity in km s~1; the upper z-axis

denotes the Galactic latitude, and the lower z-axis denctes ihe Galactic longitude, both in degrees. Note the
following general characteristics: a) wherever there is 12CQ, HI is also found, with an approximate column density
similar to that required by shielding. b} the converse is not true: not all HI in this velocity system is associated
with molecular gas. c) at the same spatial position, the HI emission often does not peak at the same velocity than
the 12CO0; frequently there is a shift of a few km s~! between the two species. d) the velocity widths in the HI
spectra are larger than the }2CO spectra by a factor of roughly 3 or more. e) both the 12CO and HI line profiles
are agymmetric, as indicated by the variation of gray-scale and contours.

From Figure 15.3 the following features can be noted. First, wherever there is a 1200
feature, H I is also found, with an approximate column density similar to that required by
shielding (see above). Second, the converse is not true: not all H I in this velocity system
is associated with molecular gas. Third, at a given spatial position, the H I emission often
does not peak at the same velocity than the 12CO; frequently there is an offset of a few
km s~! between the two species. Fourth, velocity widths in the H I spectra are larger
than the 2CO spectra by a factor of roughly 3 or more. Fifth, both the 1200 and H [
line profiles are asymmetric, as indicated by the variation of gray-scale and contours in
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Figure 15.3a-f. These characteristics have been noticed previously in other regions (see
e.g., Blitz & Thaddeus 1980; Magnani et al. 1985; Elmegreen & Elmegreen 1987}, and
we shall focus on these properties when comparing with numerical simulations in the next
section.

15.4 Numerical Simulations

15.4.1 The Model

To interpret the significance of the observed features of the atomic and molecular gas enu-
merated at the end of §15.3, we turn to numerical simulations of the interstellar medium
by Passot, Vazquez-Semadeni, & Pouquet (1995 = PVP95a). These two-dimensional si-
mulations represent the behavior of one square kiloparsec of the ISM centered at the solar
galactocentric distance. The simulations solve the MHD equations, including seli-gravity,
parameterized cooling and diffuse heating, the Coriolis force, large-scale shear, and pa-
rameterized localized stellar energy input due to ionization heating. The parameterized
cooling is as in Chiang & Bregman 1988), who fitted piecewise power laws to the stan-
dard cooling calculations of Dalgarno & McCray (1972) and Raymond et al. (1976, sec
Vazquez-Semadeni, Passot, & Pouquet 1996 = VPPI6 for details). As discussed in VPP96,
the cooling and diffuse heating time scales are in general much shorter than the dynamical
time seales, implying tha! the flow is always iu thermal equilibrivim, exeept 1o the vicinity
of star formation sites. We refer to the reader to VPP96 for further details in the equations
and the model itself. aud to the video accompanying PVP95a, which gives an animated
view of the dynamics of the ISM and shows the transient character of the clouds?.
Because the present MHD simwulations do not include chemistry, we adopt a picture
in which molecular clouds are the “tips of the icebergs™ of the density features in the
simulations. We define a ‘molecular’ cloud as a connected set of pixels with density above
some density threshold pen. The selection of this density threshold is arbitrary, but it must
be a compromise between realistic values for molecular clouds and the limitations of the
simulations, Because the densest and smallest structures in the simulations reach values
p ~ 50 - 100 2, we select a density thresliold of 35 e, unless otherwise stated. For
comparison. typical mean densities in molecular clouds start at roughly 20 em =3 (c.g.. Blitz

-3 is reported for the Rosette Molecular

1987). In particular. an average vatue of 15 e’
cloud (Williams et al. 19935).

For the analysis licre. we use a run preseuted in Vazquez-Semadeni. Ballesteros-Paredes.
& Rodripuez (1997) called min 28.800. which Lhas a resolution of 800 x 800 pixcls. In order
to mimic as much as possible the conditions in Taurus, we turn off the star formation at
f = G8.9 Myt (3.3 code units). This allows us to maximize the density contrasts. and to
avoid the heating from massive stars, which are not present in Taurus. Then, we follow the
time evolution of a relatively small cloud, which is localized far away from the big cloud

cowmplexes formed in the simulations.

?Spe also http: //www. astroscu.unam. mx/turbulence/movies. html
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The subregion of the simulation analyzed here has a mean density of {n} > 11 cm™3,
which corresponds to a mean column density of (V) > 3x 102! em™3. This value is large

enough to envision enough shielding to UV radiation to form molecular hydrogen (see e.g.
Franco & Cox 1986).

15.4.2 Results

In Figure 15.4 we show a time-sequence of a subsection of the whole simulation box, starting
7.02 Myr after the time in which we turt off the star formation. The grey scale indicates the
density field, ranging from 0.31 to 56.6 cm™? in the field, and arrows denote the velocity
field in a reference frame moving with the cloud’s center of mass. The snapshots are
separated by At = 0.39 Myr (0.03 time code units). The black isocontour is the region
where the density values are higher than 35 cm™, Note that the cloud is located where
the velocity field converges, as required by the continuity equation. Also, one observes
rapid growth (within less than 2 Myr) of a “cloud” above our density threshold, which
approximately 20 pc in length (each pixel unit is 1.25 pc}, comparable to the length of the
main Taurus clouds.

To show that the density features observed in the simulations are produced by the
confluence of external large-scale streams® rather than other way around (e.g., the velocities
being the consequence of, say, gravitational collapse of the cloud), we calculate the time
evolution of both characteristic lengths and energies for the density features in Fig. 15.4.
We select a connected set of pixels with densities equal or higher than the half value of
the maximum density at each timestep to calculate properties for the “cloud”, a choice

—motivated-by-the fact that the maximum density in the box is changmg substantlally

duting the simulation (from ~ 16 to ~ 60 cn™3). e — T —

In Fig. 15.5 we display the evolution of two different. characteristic lengths: a) i, the
maximnm z-length of the cloud (solid line); and b) !, the Jeans length (dotted line)
calculated as

1/2
?TC
Iy = {——2‘3’2_ ,eﬁ] , (15.1)

where e Is the effective polytropic index in the simulations resulting from equilibrium
between the heating and cooling rates, ¢; is the isothermal speed of sound, and pg is the
mean density of the cloud (see VPP96 for details). The values of these lengths are denoted
on the left-hand side y-axis. We also display the evolution of three different energies: a) the
absolute value of the gravitational energy Egray = —1/2 [ p¢dV (long-dashed line}, where p
is the density and ¢ is the gravitational potential; b) the kinetic energy in the frame of the
cloud Fyiy = 1/2 fv o{U — Upass)2dV (dot-short-dashed line), where u is the velocity field
and uma,gg is the mass-weighted average velocity of the cloud; and ¢) the magnetic energy
Brsg = 1/87 [, B2dV (dot-long-dashed line), where B is the magnetic field strength.
Note that in all the previous integrals, the volume element is dv = dzdy, because of the
two-dimensional character of the simulations and thus all the energies considered here are

3By large-scale streams we refer to random motions whose scales are comparable with the scales of the
observed structures.
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strictly per unit length in the z-direction. The values of the energies are denoted in the
left-hand side of the y-axis. The z-axis runs from t = 0, the time at which we turned off
the star-formation in the simulations, to 15.2 Myrs after.
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FIGURA 15.4: Time sequence of a small region of the simulation. We show the density field (grey scale), ranging
from p < 0.31 em—3 (darker) to p > 56 crn~3. The label in the upper left corner in each panel is the age in Myr
after turning-off the star formatjon i the simulation. Note that material with n > 3% em 3 (the "molecular cloud™
is formed in few Myr by the large-seale compression.

At ¢ = 0 the Jeans length (dotted line) is initially larger than the z-length I, (solid
line) (the difference was larger at earlier times). This comparison suggests that, at least
in this direction. the density structure is not formed hy gravitational collapse., We have
calculated also the Jeans-length for the whole subregion (not showed here). and find that
it. is again larger than the length of the subregion size. These results suggest that, even if
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the region does ‘feel’ the action of the gravity at all times, it is Jeans stable initially, and
that the velocity field is mostly the result of the global dynamics of the turbulent flow,
not the central gravitational action. Note that, as a result of the global flow, the (2D)
“filament” that first appears merges with another structure at ¢ ~ 7.5 Myr (see Fig. 15.4).
This results in the jump in properties seen in Fig. 15.4, except for {;, which depends on
intensive quantities: the mean temperature and mean density. Independent of this merging,
at this time {; ~ {;, suggesting that now the growth of the cloud is mainly determined by
the gravitational field. Note that the time of 7.5 Myr from the turn off of star formation to
the equality of [; and [, is rather arbitrary. On the other hand, what we consider the time
for formation of the “molecular cloud” is the roughly 2 Myr it takes from the titme at which
“molecular” gas first appears to the time at which the cloud reaches a size comparable to
that of Taurus.
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I'IGURA  15.5: Time-evolution of the characteristic lengths (left-hand side of the y-axis), and energies (right-
hand side of the y~axis) for the region defined as a connected set of pixels with density equal or higher than 1/2 value
of the density maxima at each timestep. Solid line, l,, the maximum Jength in the z-direction; dotted-line, I;, the
Jeans length as in eq. (15.1). Long-dashed line, absolute value of the gravitational energy; dot-short-dashed line,
kinetic energy in the frame of the cloud, and dot-long-dashed line, magnetic energy. Note that initially the cloud is
Jeans-stable, but after some time, it becomes Jeans-unstable, Also, note that the magnesic energy is two orders of
magnitude lower than the gravitational energy, suggesting that there is no magnetic-flux problern, i.e., the cloud is
supercritical. The strong jump in the extensive quantities at ¢ ~ 8 Myr. is due to the merging of the filament with
another density feature, as can be seen in Fig. 154.

Concerning the time evolution of the energies, it can be seen that the absolute value
of the gravitational energy (long-dashed line) is higher than the magnetic energy (dot-
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long-dashed line) by at least two orders of magnitude. This indicates that the cloud is
supercritical by a large margin. Furthermore, it can also be seen that the kinetic energy
can not be an agent to stop the collapse: besides being smailer than |Fg,y|, the velocity
field is convergent, implying that it is not working against gravity.

Finally, we want to stress that the region called the “molecular cloud” (biack isocontour
at py, = 35 e~ in Figure 15.4) appears at roughly the same time in which the region
has similar physical and Jeans lengths, ie., I, ~ {s, indicating that the value selected of
35 cmn~? is reasonably indicative of the time at which the clond becomes self-gravitating.

As a corolary of the fact that the velocity field is not due to the gravitational potential of
the cloud, self-gravitating clouds like that shown in Figure 15.4 can therefore be produced
by the turbulent velocity field, out of an initially stable medium. How fast these “molecular
clouds” can be produced by the general turbulence must depend on how much mass the
streams are carrying, how strong the compression is, the rate of cooling of the compressed
(shocked) region, the geometry of the compression, etc. For example, the diffuse structure
that it is present when we turned off the star formation spends ~ 7 Myr to become self
gravitant. Nevertheless, Figure 15.4 shows that in the simulations, self-gravitating strue-
tures of 10-20 pc can be coherently formed within a few Myr by this mechanism. Since
the densities and velocities in the simulations are realistic, this is a plausible mechanism
for molecular cloud formation in the ISM.

15.4,.3 Comparison with Observations

In order to test how the simulations compare with observations, we construct “spectra”
for both the densest regions (p > py,. which we call *molecular clond™) and for the low-
density regions (p < py,. which we call "atomic clouds™). Those spectra are coustructed
as the mass-weighted velocity (w-component) histograms, mimicking the emission of an
optically thin line obscerved from the left hand side of the box, with a spatial resolution of
1.25 pe (1 pixel). and an ideal telescope. With this approximation. we are implying that
the observed 12CO and H 1 line profiles are good representations of the {mass-weighted)
line of sight-velocity ficld. Also, we are assuming that the CO and H 1 emission do not
coexist, which is not necessarily true.

With those speetra {mass-weighted velocity histograms) it is possible to construct a
velocity-position diagram, and compare it with those in Fig 15.3. Fignre 15.6 is the co-
rresponding velocity-position diagram for the cloud and its surrounding nedium shown in
the bottow right pannel of Figure 15.4. We emphasize several points of similarity betwecn
this synthetic position-velocity diagram and the observations (sec figure 15.3). First, the
synthetic CO emission is always located within a region of strong synthetic H I emission:
secomd, there are regions where synthetic H 1 emission is present. but where synthetic 12C0
cmission is not: third, the waximum of the high-deusity emission does not necessarily coin-
cide with maximum of the low-density emission: fourth, the velocity dispersion is higher
for the syuthetic H I emission than from the synthetic *2CO emission, and the velocity dis-
persiona of both the low- and in the higli-density gas “emission” have similar line-widths to
those of the observational data. Fifth, both the 2CQO and H I line profiles are asymmetric.

-
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Finally, as in the case of Taurus, the filament is almost coherent in velocity dispersion,
i.e., it has approximately the same velocity dispersion throughout its full extension, with
values ~2 km s~! along 10-20 parsecs. We will discuss this in §15.5.1.

relative intensity
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FIGURA 15H.6: Synthetic Velocity-Position diagram for the cloud in panel 15.4i. As in fig. 15.3, grey scale
denotes the “HI emission”, and contours denotes the “emission” coming from the “molecular cloud”. Note that the
same characteristics observed in the observational position-velocity diagrams are reproduced also here.

15.5 Discussion

15.5.1 Evidence for Turbulent Compressions

It is frequently assumed that the ISM is permeated by small-scale non-thermal motions
that maintain clouds in a stationary state. Collapse is prevented by those motions, and
the role of the external “intercloud” medium is only as an agent for (thermal) pressure
confinement and as a shielding for the UV radiation. However, the external medium also
exerts 2 dynamical influence on the cloud, compressing and/or disrupting it (Hunter 1979;
Hunter & Fleck 1982; Hunter et al. 1986; Tohline et al. 1988; VPP96; Ballesteros-Paredes
et al. 1999a). In this sense, the fragmented appearance of clouds and the existence of
multiple velocity components observed at high velocity resolution suggest that the cloud’s
internal velocity field possesses a disordered or turbulent component at scales comparable
with the scales of the clouds. If molecnlar clouds are embedded in an interclond medium of

atomic hydrogen (see Andersson 1993 and references therein), and if the intercloud medium.

is highly turbulent (sec e.g. Braun 1999), it is plausible that molecular clouds and their

156




Parte IIl Formacidén de Nubes §15 Articulo: Turbulent Flow-Driven...

surrounding gas are in a dynamical state.

Based on refinements of the ISM simulations by PVP95a, Ballesteros-Paredes et al.
1999, consider the turbulent pressure at cloud “boundaries”. They show that this boundary
pressure is generally anisotropic, which distorts the cloud because the energy involved
is generally comparable to the internal cloud kinetic energy. In their picture, turbulent
motions are not only responsible for cloud support, as is widely accepted: they may also
be responsible, through the large-scale modes of the external turbulence, for shaping and
compressing the cloud, possibly even initiating collapse.

In §15.3 we have shown that line-profiles are asymmetric and show important substrue-
ture, features that have been increasingly noticed in bigh spectral and spatial resolution
observations {e.g., Falgarone et al. 1998). These features have been proposed as indicative
of large-scale turbulent motions, which may be shaping, distorting and disrupting the cloud
(Ballesteros-Paredes et al. 1999a).

According to the scenario presented here, the features of the observational data, which
are also reproduced in the simulations, may be interpreted as follows. First, because
collisions between H I streams produce the higher density gas (and for reasons of shielding),
there should always be H 1 spatially correlated with molecular gas. Second, the larger
velocity dispersion of the H I gas is interpreted as a consequence of its larger spatial
extension, and of the compression (shocks} and consequent kinetic energy dissipation that
occur when the H I streams collide to form the cloud. Finally, because it is the convergence
of macro-turbulent H I streams that produce the high-density material, the H Tline profiles
shonld be asymimetric and frequently shifted in velocity with respect to the moleculay gast.

Thus, the breadth and asymmetry of the H T line profiles indicate a macroscopically-
turbulent medium in which clouds exchange mass, momentuin and cnergy with their su-
rroundings.  Note that the picture outlined here does not require a colierent or single
triggering event in which atomic gas pushes molecular gas together as in a SN explosion.
Our scenarlo is more general. reflecting statistical fluctuations resulting from the combined
offects of differing sites.

Recognition of these features is not new. The correspondence between H I and CO
in position-velocity diagrams has already been noted by several anthors (e.g. Blitz &
Thaddeus 1980: Ehmegreen & Elmegreen 1987; see also Blitz 1987: and refercnces therein},
Andersson {1993 and references thercin). who observed the spatial transition between mo-
lecular and atomic gas in 62 edges in 14 clouds, found all five observational features that
we described at the end of §15.3 and §15.4.3. Moriarty-Schieven. Andersson & Wannier
(1997} suggested that there is worphological evidence that nearby clouds (I 1457, see cut
6 in Figs, 15.2 and 15.3 f) have suffered compressions at scales similar to the scales of the
cloud. These anthors proposed an unobserved SN explosion ag a possible mechanism of

Nore that in a laminar 2-styeam collision producing a shock-bounded slab, the optically thin line-profile
from the “external’ medium must be a double-peaked line, at velocities —v and +¢, where 2 is the velocity
difference between the streams. QOun the other hand. the line-profile from the compressed region must he
a single-peak line at zera velocity, Nevertheless, in a turbulent medium, which adds strong fluctuations
on top of the [aminar velocity and density structure, the double-peak might become a single. broader line
prafile enveloping the narcower line that comes from the compressed region.
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producing this morphology. However, the observed morphology is hard to reconcile with a
single point source of compression, while it is fully consistent with our scenario. Further-
more, the existence of multi-peak, asymmetric line-profiles at all scales {for larger scales,
see e.g., Mizuno et al. 1995; for smaller scales, see e.g., Falgarone et al. 1998) strongly
suggests the muiti-scale nature of the turbulent motions (Ballesteros-Paredes et al. 1999a).
Finally, the velocity-dispersion coherence along large structures have already seen before
both in low-mass clouds (Taurus, Mizuno et al. 1995) as well as in high mass clouds (W51,
Carpenter & Sanders 1998).

15.5.2 Limitations of the Model

One of the most important linitations of these simulations is that the cooling laws and the
available resolution limit the simulations to densities < 100 cm™2, so that the evolution
of higher-density (10?2 or more) structures cannot be followed. This is important, becanse
molecular gas probably cannot be formed sufficiently rapidly within our density range.
Characteristic Hy formation rate on grains are of the order of 7=! ~ nR, where 7 is the
density of atomic hydrogen and R, the rate coeflicient, has typical values of the order of 3
x 10717 ¢cm® seg™! (Jura 1975). Then, the typical H, formation timescales are given by

—1
THa \ o ™
( - ) 10 (103Cm_3) ) (15.2)

Thus, at our threshold density of 35 ctn™°, the Hy formation timescale is 30 Myr, uncom-
fortably long. _

The low values of the density reached-in-the simulations’ clouds are consequence of the
spatial resolution and the mass diffusion, which smooths the strong density gradients (seehv
e.g., Vazquez-Semadeni, Ballesteros-Paredes & Rodriguez 1997). Nevertheless, we envisage

that the clouds simulated here would really collapse to structures of much higher density

in even shorter times (for example, at n ~ 100 cin~3, the free-fall time is approximately
3 Myr), given the strength of the external flows, if we were to use higher spatial resolution.
In this way our “molecular gas” above ihe tiwreshold density merely indicates the approxi-
mate location and velocity of the higher-density material that would be formed within it.
In the real interstellar gas, there is no barrier to compressing gas in the cloud to typical
Taurus densitics of the order of 103 cm™3 so that the molecular gas could be produced as
rapidly as the dynamical compression occurs.

On the other hand, regions that we identify with molecular gas are not really isothermal
in the simulations, but this is not a reason for concern, since we are not dealing with the
internal structure of these clouds, which are at the limit of the resolution anyway.

Another limitation of the simulations is that they are two-dimensional calculations
that assume no variation of properties perpendicular to the Galactic plane. while colliding
streams in two dimensions produce filaments, in three dimensions they may produce sheets.
Neverthelles, the most probable situation in one in which the colliding streams are oblique,
such that the compressed region becomes a filament again. Also, inhomogeneities in the
physical properties of the streams {density, temperature, etc.) aud a set of instabilities that
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are produced when streams are colliding may destroy the possible appearance of the sheet.
Furthermore, the structure in 3D simulations is still strongly filamentary {see e.g., Ostriker
et al. 1999; Padoan & Nordlund 199%; Mac Low 1999; Pichardo et al. 1999). Ballesteros-
Paredes et al. 1999a discuss other possible differences of 2D and 3D simulations.

Thirdly, the energy input into the ISM is assumed to be from high mass star formation,
which seems to be of little relevance to low-mass star forming regions like Taurus. However,
the only role of the energy input in the present situation is to produce large-scale flows and
turbulence which in turn produce the “molecular cloud”; since the predicted motions agree
quite well with the H I data, our approach is justified. Moreover, since the stellar energy
input is turned off to follow clond formation, disruption by local high-mass stars is not an
issue.

It should be emphasized that while we are considering the simulations with a view
toward understanding the Taurus region, we are not attempting to model the complex
in detail, because turbulent flows exhibit a chaotic behavior, i.e., the time histories of
arbitrarily close initial conditions diverge exponentially and end up completely different
(e.g. Lessieur 1990). Instead, they are expected to reproduce the dynamical relationship
between H I flows and molecular gas only in a statistical sense

15.6 Summary

In this paper we have used H { and 12CO data to show that the dynamical features observed
through Taurus can be interpreted as large-scale compressions of the atomic gas producing
the molecular gas in timescales of few Myr. Also, we followed the evolution of a small piece
of a two dimensional nnmerical MHD simulation to show how large-scale turbulence is able
to induce the formation of Taurus-sized regions within a few Myr. while making them self
pravitating in the process.

With this picture in mind, we suggest that the Taurus molecular clond may have formed
quite recently (~ 3 Myr ago). This would solve the post T-Tauri problem, suggesting that
the very few stars with ages between 5 and 10 Myr in the region might be field stars. We
also suggest that the general large-scale interstellar turbulence (in H 1) is the mechanisin
responsible for triggering coherent collapse in regions that apparently are dynamically
disconuected.

In this paper we have only considered the timescale of cloud formation, not the timescale
of disruption or dissipatiou. Even with a rapid formation time, if clouds live for 10 Myr or
wmore, at least some complexes should have PTTSs. Thus, our investigation only addresses
one-half of the maore gencral post-T Tauri problem. We intend to explore the rate of cloud
disruption and dissipation in a future contribution.
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Capitulo 16

Conclusiones

La presente tesis ha tenido por objeto el estudio de las propiedades fisicas y estadisticas
de las nubes en simulaciones numéricas del medio interestelar producidas por Viazquez-
Semadeni et al. {1995a; 1996), Passot et al. (1995), y Vazquez-Semadeni, Ballesteros-
Paredes, & Rodriguez {1997). Estas propiedades son el balance energético, el célculo
detallado del Teorema Virial en su forma euleriana, las relaciones de escala (relaciones
de Larson, espectro de masas, y la dimensién fractal), y los mecanismos de formacion de
nubes en un régimen turbulento. En dichas simulaciones las nubes se forman de manera
espontanea, es decir, no se imponen condiciones ad hoc para siiuular las nubes. Debido a
que las funciones de enfriamiento y calentamiento consideradas no implican la existencia de
una inestabilidad térmica. las nubes de las simulaciones pueden tener su origen solamente
en la turbulencia o en Ia inestabilidad gravitacional. Por ello, se implementd un algoritmo
capaz de Identificar a las nubes como conjuntos couexos e puntos con deusidades por
cncima de un uvmbral predeterminado.

A lo largo del presente trabajo dos elementos han estado presentes. Por un lado, la
importancia de la turbulencia interestelar como un fendmeno multiescala, ya que en la
literatura astroudmica usualinente la turbulencia ha sido descrita como un fenomeno ox-
clusivamente a pegueha escala. Por otra parte, hemos intentado hacer nna continua con-
paracion entre los resultados obtentdos cou las simulaciones numéricas y las observaciones
reportadas en la literatura.

De esta manera. hiciinos primeramente un resumen de los modelos mas importantes del
medio interestelar global, asi como de los mecantsmos de formacion de nubes, Posterior-
mente hicimos un analisis exftico del Teorema Virial en su forma lagrangiana. mencionande
los resultados inas comanmente citados y recalcando las fuertes hipotesis tanto geomiétricas
como fisicas involucradas, asi como la posible relevancia de estos andlisis en los mecanis-
mos de formacion estelar. Hemos también discutido el teorema virlal enleriane. el cual ha
sido poco estudiado y. creemos, ha sido tratado erroneamente en la literatura (MeKee &
Zweibel 1992). Bajo la dptica de esta versidn euleriana, hemos dado una evaluacion de
los términos involucrados para las nubes en siimulaciones nwnéricas. en particular. en ol
caso de un medio turbulento. Los resultados wds importantes al respecto han side que.

$i hicn las uubes generadas estdn en una aproximada equiparticidon de energias. no estan
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en equilibrio virial. Por el contrario, los términos que involucran derivadas temporales son
los dominantes, cuantificando la impresion visual que se obtiene de observar la evolucién
temporal de las simulaciones: que el medio interestelar es un medio dindmico, en el cual las
estructuras de densidad {nubes) se forman, deforman, transforman y destruyen de manera
continua.

Asi mismo, hemos estudiado las relaciones de escala para las nubes formadas en lag
simulaciones. Fn particular, se discutieron las relaciones de Larson, el espectro de masas,
y la dimensién fractal. Hemos encontrado que para las nubes en estas simulaciones, la
relacién dispersion de velocidades vs. tamafio obtenida observacionalmente por Larson
(1981) se confirma, aunque con una fuerte dispersién. También se confirma el espectro de
masas observado, as{ como la dimensién fractal (ver Falgarone et al. 1991; Blitz 1993). Sin
embargo, la relacion densidad promedio vs. tamafio (Larson 1981) no se confirma, ya que es
posible encontrar siempre estructuras pequeiias de baja densidad promedio. Atribuimos su
no deteccion a que podrian pasar desapercibidas observacionalmente dadas las limitaciones
de sensitividad de los censos observacionales,

En las simulaciones, las estructuras de densidad a escalas medianas y pequefias son
producidas por la adveccién (transporte) de masa del campo (compresible) turbulento, y
por lo tanto, son en general transitorias. Las nubes méas grandes (complejos) se forman
por inestabilidad gravitacional, ayudada por el enfriamiento. De esta manera, las nubes
pueden estar afectadas no solo por su turbulencia interna, como tradicionalmente ha sido
sugerido, sino también por la turbulencia global, a todas las escalas, del medio interestelar.
Estos movimientos turbulentos son capaces, en principio, de formar, deformar, inducir el

__colapso gravitacional o bien romper las nubes. En particular, encontramos que para un
mﬁ,ﬁ!? o pefty-el colapso-gravitacional desatado por ia
turbulencia no puede ser detenido a menos que el indice barotropico g cambie durante el
proceso, lo cual puede ocurrir solamente hasta que se alcancen densidades protoestelares,
si se considera tinicamente la contribucion térmica a la presién. Este resultado sugiere que
es dificil formar nicleos cuasi-hidrostiticos dentro de un medio turbulento.

Asf mismo, encontramos que el campo magnético puede ser significativamente defor-
mado por el campo de velocidades, produciendo dobleces de las lineas de campo, y que
aparentemente no existe una restriccion muy severa a los movimientos en el interior de las
nubes, ya que las velocidades pueden ser sub- o supersénicas, y sub- o superalfvénicas.

Una pregunta importante es que “si €l medio interestelar es demasiado turbulento,
entonces podria no haber tiempo suficiente para formar estrellas” (L. F. Rodriguesz, co-
municacién privada). BEn efecto, el paradigma de la formacion estelar (en particular, de
estrellas de baja masa) es que este proceso es lento (e.g., Shu, Adams & Lizano 1987). Sin
embargo, existe en la literatura un problema relacionado con las escalas de tiempo de la
formacién de estrellas de baja masa (el problema post-T Tauri): la regién de Tauro, una
de las nubes moleculares més cercanas al Sol, aparentemente no posee estrellas con edades
mayores a 3 millones de afios. Cabe entonces la posibilidad de que las nubes interestelares
{o al menos Tauro) se formen en escalas de tiempo de ese orden, significativamente me-
nores que las escalas consideradas tradicionalmente (algunas veces 107 afios), mediante la
confluencia de flujos turbulentos a gran escala. De esta manera, el proceso de formacién
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estelar puede ser de 3 a 10 veces mas rapido que lo que sefiala el paradigma. Con esta idea,
usando datos de H I y 2CO, tomados de Hartmann & Burton (1997) y de Ungerechts &
Thaddeus (1987) respectivamente, estudiamos el campo de velocidades hacia la region de
Tauro, encontrando que las caracteristicas observacionales {distribucién del gas en el espa-
cio posicién-velocidad) son consistentes con el esquema de rapida formacion de estructuras
mediante la convergencia de flujos turbulentos a gran escala presente en las simulaciones,
dando una posible solucién al problema post-T Tauri.

Los resultados de la presente tesis tienen una serie de derivaciones e implicaciones que
serd necesario evaluar en trabajos posteriores. La primera es si nuestros resultados se apli-
can al régimen de nubes moleculares, de escalas de tamano menores y densidades mayores
que las que hemos considerado, y en donde la auto-gravedad podria mantener la identidad
de las regiones més densas (micleos) durante escalas de tiempo mayores, implicando en-
tonces los nicleos densos estarian cerca del estado de equilibrio virial. Asi mismo, en caso
de existir estos niicleos cuasi-estaticos, sera importante estudiar en detalle la contribucion
de la presién magnética turbulenta a su soporte.

La segunda implicacién estd relacionada con la escala de tiempo de vida de las nubes:
tradicionalmente se ha considerado que, dado que la tasa de formacion estelar es muy baja,
las nubes no estan en colapso generalizado. Esto sugiere que, si las nubes son longevas,
entonces deben estar sostenidas contra su propia gravedad mediante algiin mecanismo de
gsoporte. Dos mecanismos han sido propuestos para ésto: la inyeccion continua de energia
vy momento debida a la formacién estelar (Norman & Silk 1980). y la posible existencia de
cAINpos magnéticos intensos, capaces de redueir la disipacion de la turbulencia ¢ impidiendo
el colapso gravitacionall (Arons & Max 1975).

Sin crubargo. existen sugerencias tanto observacionales como tedricas de que las nihes
no son tan longevas. Del lado observacional, se ha encontrado que la formacion estelar se
da en escalas de ticinpo cortas, del orden de un millén de afos, tauto en regiones de alta
masa {Hillenbrand 1997) como en regiones de baja masa (Hartmann et al. 1991). Del lado
tedrico. shinulaciones numéricas en un régimen isotérmico y densidades del orden de 103
em 3 indican que la turbulencia se disipa en escalas de tiempo comparables con el tiempo
de cafda libre de la nube {Ostriker et al. 1999; Mac Low 1999; Padoan & Nordlund 1999).

Una posible solucidén que compaginaria tanto la baja eficiencia de formaciéon estelar
como escalas cortas de formacion de nubes y estrellas cortas podria estar dada por ¢l
mecanismo de formacion de nubhes propuesto en el presente trabajo: si las nubes sc forman
por la confluencia de flujos (en general oblicuos) de las escalas externas a la nube, existe
la posibilidad de que la compaonente tangencial de la velocidad sea capaz de desgarrar a la
nube en tiempos menores gque ¢l de caida libre. De esta manera o] mecanismo de formacion
de estructuras serd. a su vez. el respousable (al menos parcialmente) de la destruceion de
Ostas.

Es importante mencionar gue esta sugerencla pavece ir en contra del resultado de Leéarat
ot al. (1990) de que el forzamiento turbulento en las escalas mayores a la longitud de Jeans
no es capaz de inhibir el colapso en las escalas menores. Sin embargo. cstos autores de

'Notese. sin embargo, que esta segunda propuesta no pecesariamente evita ol colapso gravitacional

(Gazol & Passot 1999)
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hecho prueban solamente que a fin de asegurar que no hay colapso, uno debe forzar a
escalas pequenas, pero no excluye la posibilidad de que el forzamiento a gran escala puede
tener e] doble efecto de producir algunas estructuras densas y romper otras. De hecho,
planeamos probar nuestra sugerencia considerando la geometria particular de una colisién
oblicua, a fin de incluir el efecto simultaneo de los modos compresibles e incompresibles,
De esta manera, el mismo mecanismo responsable de Ia formacién de nubes puede ser el
responsable de su destruccion.

Asi, con la idea de estudiar los mecanismos de formacion de las nubes moleculares,
sus tiempos de vida, los mecanismos de destruccién de éstas, asi como la formacién de
estructuras mas densas, hemos planeado realizar a futuro nuevas simulaciones numeéricas,
donde se consideren simultdneamente todos los agentes fisicos mencionados previamente
de manera autoconsistente, en escalas de entre 0.05 y 50 pc, y continuar en ellas el tipo de
anAlisis que se ha realizado en esta tesis. Esperamos asi determinar si el medio interestelar
es verdaderamente autosimilar en un amplio intervalo de escalas, y en caso afirmativo,
cuando la autosimilaridad acaba por efectos de disipacién y gravedad, para finalmente
formar estrellas.
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Conclusions

The present thesis has focused on the study of the physical and statistical properties of
clouds in numerical simulations of the interstellar medium produced by Vazquez-Semadeni
et al. (1995a; 1996), Passot et al. (1995), and Vizquez-Semadeni, Ballesteros-Paredes, &
Rodriguez (1997). These praperties are the energy budget, the detailed calculation of the
Virial Theorem in its Eulerian form, scaling relationships (Larson relations, mass spectruin
and fractal dimension), and the cloud formation mechanisms in the turbulent regime. In
those simulations, the clouds are formed spontaneously, ie., no ad hoc conditions are
imposed to simulate the clouds. Because the cooling and heating functions considered
in the simmutations do not fmply the existence of a thermal instability, the clonds in the
simulations can be produced only by the turbulence or by gravitational instability. Then.
we implemented an algorithm able to identify the clouds as connected sets of pixels with
densities highor than a predetermined threshold.

Throughout the present work two fundamental ideas Lhave been present. First, the
importance of interstellar turbulence as a multiscale phenomenon. contrary to the frequent
asstunption that the turbulence is a small scale phenomenon. Second, we have continually
tricd to make comparisons between the resnlts from the numerical simmlations and the
observational data from the literature.

Thas. we first inade a brief summary of the most important models of the interstellar
medinn. as well as the clond forination mechanisms. Afterwards. we did a critical analysis
of the Virial Thearemn in its Lagrangian form, mentioning the nost frequently used results
and stressing the strong gemetrie and physical hypothesis involved. and the possible re-
levance of those analysis on star formation mechanisms, We also discussed the Eulerian
Virial Theoretn (VT). which has beeu less frequently considered and. we believe, has heen
treated questionably in the literature (Mckee L Zweibel 1992). Under the scope of the
Fulerian version. we have evaluated all the terms involved in the VT for clouds in nuie-
rical simulations of the turbulent 1SM. The most important results are that. even though
the clouds are in an approximate energy equipartition, they are not in virial equilibriun.
Instead. the dominant terms are those involving time derivatives, quantifying the visual
impressiou from the ohservation of the temporal evolntion of the siinulations that the in-
terstellar medium is very dynamic, in which the density structures are formed. deformed,
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transformed and destroyed continuously.

We then studied the scaling relations for the clouds formed in the simulations. In
particular, we discussed the Larson relations, the mass spectrum and the fractal dimension.
We found that the velocity dispersion-size relation encountered observationally by Larson
(1981) is confirmed, but with very large scatter. The observed mass spectrum and the
fractal dimension are reproduced (see Falgarone et al. 1991; Blitz 1993). However, the
mean density-size relationship (Larson 1981) is not confirmed; instead, it is always possible
to find small structures with low mean density. These are difficult to detect due to the
sensitivity limitations of the observational surveys.

In the simulations, the density structures at small and intermediate scales are produced
by the mass advection of turbulent and compressible field, and thus, they are transient in
general. The largest clouds (complexes) are formed by gravitational instability, with the
help of the cooling. Therefore, clouds can be affected not only by their own internal
turbulence, as traditionally has been suggested, but also by the global turbulence, at all
scales, of the interstellar medium. These movements are able, in principle, to form, deform,
induce gravitational collapse, or even disrupt the clouds. In particular, we found that, for an
effective barotropic gas (i.e., P o p”f), the gravitational collapse triggered by turbulence
cannot be stopped unless the barotropic index veg changes in the process. This only occurs
until protostellar densities are reached, if only the thermal contribution to the pressure is
considered. This result suggest that it is difficult to form quasi-hydrostatic cores in the
turbulent medium.

3 Also, we found that the magnetic field can be deformed significantly by the velocity field,
producing reversals of the field lines, and that apparently there is not a severe restriction -
to the movements | inside the clouds; because the velocities are trans-Alfvénic in general.

L —

An important question is that “if the interstellar medium is very turbnlent, then there
may not be enough time to form stars” (L. F. Rodriguez, private communication). In
fact, the paradigm of the star formation (in particular, of low mass stars), is that this
process is slow (e.g., Shu, Adams & Lizano 1987). In fact, there exists in the literature a
problem related with the timescales of low-mass star formation (the so-called “post-T Tausi
problem”): the Taurus molecular cloud, one of the clouds nearest to the Sun, apparently
does not contain stars with ages larger than 3 million years. This apparent paradox may
be resolved if interstellar clouds {or at least Taurus) are formed by the confluence of
large-scale turbulent streams in timescales of that order, which are significantly lower
than the timescales most frequently considered (a few times 107 years). In this way, the
process of star formation can be 3 to 10 times faster than previously thought. To test this
scenario we studied the velocity field through the Taurus region, using H I and *CO data
(from Hartmann & Burton (1997) and Ungerechts & Thaddeus (1987) respectively). We
found that the gas’ distribution in position-velocity space is consistent with the scheme of
rapid cloud formation by the confluence of large-scale turbulent streams suggested by the
simulations, thus offering a possible solution to the post-T Tauri problem.

The results of the pi‘esent Thesis have a number of implications, which we will evaluate
in future work. The first one is whether our results extend to the molecular cloud regime,
which involves smaller sizes and higher densities, and in which self-gravity can mantain
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the identity of the densest regions (cores) over longer timescales, so that the cores can be
closer to virial equilibrinm. Also, if such guasi-static cores do form in the simulations, it
will be important to study in detail the contribution of the magnetic turbulent pressure to
their support.

The second implication is related with the lifetimes of clouds. It has been traditionally
considered that the low star formation rate in clouds is a sign that they are not in a
generalized collapse, and are thus long-lived. This implies that they have to be supported
against their self-gravity thorugh some mechanism. Two mechanisms have been proposed
for this: the continuous energy and momentum injection from stars (Norman & Sitk 1980),
and the possible existence of strong magnetic fields which could reduce the dissipation of
turbulence, and help supporting the cloud against collapse! {Arons & Max 1975).

However, there are both observational and theoretical suggestions that the clouds are
not so long-lived. From the observational point of view, it has been found that star for-
mation can occurr in short time scales, of the order of a million years, both in high and
low mass regions {Hillenbrand 1997; Hartmann et al. 1991). From the theoretical point
of view, numerical simulations in the isothermal regime, with densities of the order of 10*
cm ™ show that the turbulence is dissipated in time scales comparable to the free-fall time
(Ostriker et al. 1999; Mac Low 1999; Padoan & Nordlund 1999).

A possible solution that may reconcile the low-efliciency of star formation and the short
cloud lifetimes and star formation time scales could be offered by the same cloud formation
mechanism proposed in the present work: if clouds are formed by the confluence of large-
scale streams (in general oblique). the tangential component of the velocity field may be
able to disrupt the cloud in timescales shorter than the free-fall time. In this way, the cloud
formation mechanism itself is responsible (at least partially) of the cloud’s disruption.

It is worth mentioning that this suggestion secms to disagree with the resnlt of Léorat
et al. (1990) that turbulent forcing at scales larger than the Jeaus length is not able to
prevent collapse of the lower scales. However, those authors actually prove only that in
order to insure that there is no collapse. one must force at siall scales, but do not rule out
the possibility that large-scale forcing may have the dnal effect of both producing some
denser structures while disrupting others. We plan to then test our suggestion considering
the specific geometry of the oblique eollision, in order to include the shnultaneous cffect of
the compressive and shearing modes. In this way. the samme mechanisi responsible for the
formation of clouds may be responsible for their destruction.

Then, with the idea of studying the formatiou of molecular clouds. their lifetines, their
destrietion mechanisms. as well as the fornation even denser structures {(cores). we plan to
perform new pumerical simulations. considering all the relevant processes in a consistent
way. at scales betweeen 0.05 and 50 pe. and coutinuing in themnr the kind of analvses
performed in the present thesis. We hope to determine in this way whether the interstellar
medingu is actually self-similar in a wide range of scales, and. if so. when the self-shmilarity
is broken by dissipation or gravity effects. to finally form stars.

'Note. however. that this second proposal does not necesarily avoids the gravitational collapse (Gazol
& DPassot 1999)
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Apéndice A

Término Gravitacional en el Teorema
Virial

En el presente apéndice se muestra como el término gravitacional del teorema virial,

W:'Efxip% (A.1)

puede reescribirse como la energia gravitacional

£ = —1/2/ podl. (A.2)
.

Decidimos incluir la presente demostracion porgue es diferente a Jas demostraciones co-
manmente dadas en los libros de texto (e.g.. Shu 1992}, doude se utilizau argumentos de
simetria de las variables de integracion. La hipatesis fundamental es que las integrales de
superficie que involucren ¢, p o sus derivadas, pueden hacerse cero al iutegrar sobre una
superficie en infinito. En lo que signe, haremos uso de la notacion

J;

[l

J
Or, (A.3)

y de la ccuacion de Poisson:
Vig = 0;;47Gp (A.4)

Tomando entounces e término pravitacional [A.1), nsando la ecuacion de Polsson
]
(.:01.-”:

. o 1 o . .,
W= / ZiplhpdV = M/{djjqﬁ);)‘;()g{,’)dlr =

4WG{/ dj(d)lqﬁii)dté) - f(djm}dJ(Jid!¢)dV} (A5)

La primera es la integral de una divergencia, la cual puede convertirse en nna integral de
superficie y evaluarse como cero. De la segunda obtenemos:
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1
W= G f(c‘?ff)) [ﬂ?iaij¢ + 8¢¢(5ij] dV =

%Gf [ (x; Uqb+8¢)] dav — ———f { mzaij¢+a,;¢5ij)ldv (A.6)

En esta ocasion, es la segunda integral la gque puede convertirse en una integral de
superficie y ser eliminada, quedando

1 1
W = ppre /qﬁ [3jj¢ + 20355 + (93-:,-(,1)53'3- dV =

i
4 G‘/[2¢8 J¢+¢wz 13345 dV =

=2 [ poiv + [ai(majjas) ~oge0ga)|av =
= 2/ ppdV — —— [3¢)8jj¢ + mzaquaﬂqb] dV = (A7)

de manera gue se obtiene

—[p¢dV—[xép6i¢dV | (A.8)

El primer término del lado derecho es la energia gravitacional. El segundo término es
precisamente W. Pasandolo sumando del lado 1zqu1erdo y dividiendo por dos se obtiene:

-

W = —-% /pqi)dV (A.9)

ged.
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Apéndice B
Teorema Virial en 2D

El presente apéndice es relevante para el caleulo de los términos del Teorema Virial en el
capitulo 8.

Dado que las simulaciones estudiadas son bidimensionales, es necesario verificar de qué
manera esta geometria afecta a los términos del Teorema Virial. Por definicién de 2D,

alz,y,2) = alz,y)
Az,y,2) =0 (B.1)

para todo escalar ¢v, exeepto z. y todo vector AL El considerar gue la variacion en 2 de la
componente z de un vector es no-nulo, pero constante es lo que se conoce como 2.5, es

decir:

A{ey.2) = Ap {B.2)

donde Ay depende tuicamente de @, ¥ y no necesariamente es cero.
La definicion de 2D adoptada es equivalente a suponer que el plano .y se extiende
a infinito, de manera que los elementos de volumen dV = dadydz se vuelven influitos.
Sin embargo, es posible definir un nuevo clemento de volumen por unidad de longitud en
= dV' = dV/dx = dady. Como la cantidad dz aparece en todos los términos de la cc.
(6.4}, entonees es posible caucelarla, de manera que las integrales de volumen se pueden
caleular comw integrales sobre una superficie en el plano x.y. Por otra parte, hacemos
notar también que ain en 2D.
V-x:iji:3 {13.3)
Ji;
Adicionahnente, ol términe de presion térmica y el término magnético en el teorema

virial en 2D adoptan formas diferentes gque en 3D. Considercinos estos casos.

B.1 Término de Presion Térmica

Consideremos primero el término de presion térmica:




Apéndice B. Teorema Virial en 2D

Como se menciond prev1amente, todos los elementos de volumen contienen dz, de manera
gue podemos considerar el elemento de volumen por unidad de longitud en z, dV' = dzdy.
Desarrollando los términos del lado derecho de esta ecuacion,

_a__-p_ ' zP)  O(yP) a(zp)) r_ '
[w;amzdv -—/’( o + By + 5 dav 3/’PdV =

_ /, (c’?(mP) n a(yP))dV, . f, d(zP) dV’ s [ pav =

3.1' ay 32 v’
~ ] AaP) QWP iy [ pavi ~3 f Pav’ (B.5)
' 3:1: ay v '

Hasta aqui hemos considerado que V-x = 3. Ahora bien, sumando los tiltitnos dos términos
de {B.5) obtenemos:

ar d(zP) 3(913)) y )
fml&gzdv ]V( s+ ey <2 [ pay (B.6)

que es equivalente a haber convertido la integral de volumen en integral de superficie, y
considerar V - x = 2. Por esta razén, en el articulo Virial Balance in Turbulent MHD
Two Dimensional Numerical Simulations of the [SM (§8) se utiliza V- x = 2, v se toma la .
integral de superficie como integral de contorno en z,y.

 — B.2--Pérmino Magnético

Consideremos ahora el término magnético.

/ T, z.? dV [a(-fz e_’l 4V — /1-; awz _

dz;
8m3
donde T;; = —Bz/ 2 es la traza del tensor de esfuerzos electromagnéticos.
Dado que
mi 1 ]
Ty = = B;B; — 53 bij ¢ =
1 ) RPN 4
+ 8B, + yB, B, — lyBQ 7 - L (B.8)
47 Y Lt ’7 ’
donde

172




Apéndice B. Teorema Virial en 2D

B? = B.B, + ByB,, (B.9)

entonces

Nz Tyy) d 1
) Lo,
gg CL'BQ;By + yByBy - EyBy -+
81 1 o) 1.
—< == =B B.10
+8z{ QZB } * 2 ( )

y como el 4ltimo renglon se cancela idénticamente, el término magnético del Teorema Virial
en 2D es:

O(xiT3;) i ad 1 s
) dVo= — | — - A7
/ 3z, T;:dV f ; 1B.B, 2:1:BE +yByB, p dV +

1 3] 1 _,
— | —<zB - — . B.1
i f By{ =By + yByBy 2g,uB’y} dav. (B.11)

Clomo se menciona en el capitulo 8, el resultado de considerar Tj; dado por (4.4) con
i.j =&y, 2. es equivalente a considerar que la cnergia magnética

oy
Emng = - / By (B.12)

no contribuye al balance virial en 2D y suponer que a T3; solamente contribuyen [as com-

pouncntes & y 3 del campo magnético.
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